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Hydrodynamic Simulations of Cosmological Galaxy Merger Trees
Abstract In this thesis we use cosmological merger trees and semi-analytic models of galaxy
formation to provide the initial conditions for multi-merger hydrodynamic simulations. In this way
we exploit the advantages of merger simulations (high resolution and detailed treatment of the gas
physics) and semi-analytic models (cosmological background and low computational cost), and
integrate them to create a novel tool. This approach allows us to study the evolution of various
galaxy properties with an improved treatment of the gas components, including, for the first time,
the hot gaseous halo from which gas cools and accretes onto the central disc. Using a suite of
minor merger simulations we find that disc thickening is reduced relative to the collisionless case
through the absorption of kinetic impact energy by the gas. In a following series of major merger
simulations, we show that adding the hot gas component is a key ingredient in order to reproduce
several observed properties of elliptical galaxies, like the abundance of fast rotators. Moreover,
the presence of a gaseous halo reduces the starburst efficiency. We then focus on the effects of
multiple concurrent mergers, which we found to be cosmologically more common than sequences
of isolated binary mergers. For this, we investigate, whether accreted satellite stars can be distin-
guished kinematically from stars formed ‘in situ’ in the central galaxy, and find that this is only
possible for a fraction of the disrupted satellites. Our simulations to date indicate that the combina-
tion of a detailed treatment of gas physics, high resolution, and a cosmological background, brings
numerical simulations in better agreement with observations. Overall, the novel tool developed in
this thesis will be very useful for pursuing a number of questions pertaining to the transformation
of galaxy internal structure by mergers and accretion.
Hydrodynamische Simulationen kosmologischer Galaxienvermelzungsba¨ume
Zusammenfassung In der vorliegenden Arbeit werden kosmologische Verschmelzungsba¨ume
und semi-analytische Galaxienentstehungsmodelle benutzt, um Anfangsbedingungen fu¨r hydro-
dynamische Simulationen von mehrfachen Galaxienverschmelzungen zu erstellen. Somit werden
die Vorteile von Simulationen (hohe Auflo¨sung und detaillierte Behandlung der Gasphysik) und
semi-analytischen Modellen (kosmologischer Hintergrund und geringer Rechenaufwand) in einem
neuen Instrument vereinigt. Dieser Ansatz ermo¨glicht es, die Entwicklung von verschiedenen
Galaxieneigenschaften mit einer detaillierten Behandlung der Gaskomponenten zu untersuchen,
wobei erstmals der heiße Gashalo beru¨cksichtigt wird, von dem aus Gas ku¨hlt und auf die zen-
trale Scheibe akkretiert wird. Mittels einer Reihe von kleineren Verschmelzungssimulationen wird
gezeigt, dass im Vergleich zum stoßfreien Fall das Verdicken von Scheibengalaxien reduziert wird,
da das Gas kinetische Stoßenergie absorbiert. In einer Serie großer Verschmelzungssimulationen
wird demonstriert, dass der Gashalo ein Schlu¨sselelement ist, um beobachte Eigenschaften von
Ellipsengalaxien zu reproduzieren wie die Ha¨ufigkeit schneller Rotatoren. Zudem reduziert der
Gashalo die Sternentstehungseffizienz von Galaxienkollisionen. Im Weiteren wird der Schwer-
punkt auf Simulationen von Mehrfachverschmelzungen gelegt, welche kosmologisch ha¨ufiger
sind, als eine Sequenz isolierter Verschmelzungen. Hierzu wird untersucht, ob akkretierte Satel-
litensterne kinematisch von der Zentralgalaxie unterschieden werden ko¨nnen, und gezeigt, dass
dies nur fu¨r einen Teil der Satelliten mo¨glich ist. Unsere bisherigen Simulationen verdeutlichen,
dass die Kombination einer detaillierten Behandlung der Gasphysik, hoher Auflo¨sung und eines
kosmologischen Hintergrundes Simulationen in eine bessere U¨bereinstimmung mit Beobachtun-
gen bringt. Die hier entwickelte Methode wird fu¨r eine Reihe von Fragen von Nutzen sein, die
sich mit der Transformation der inneren Struktur von Galaxien durch Kollisionen und Akkretion
bescha¨ftigen.
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Chapter 1
Introduction
Since the dawn of mankind, the celestial bodies of the night sky have exerted a mystical attraction.
The human mind was always wondering about the origin of planets, stars, galaxies and the Uni-
verse itself. In particular the majesty and variety of galaxies has inspired scientists to explore what
has shaped these systems and how they will evolve in the future. Only in the last century, however,
has it become possible to address extragalactic phenomena in an empirical manner. Modern scien-
tific cosmology is usually considered to have begun in 1917 with Albert Einstein’s publication of
the cosmological implications of general relativity (Einstein 1917), which prompted astronomers
such as Willem de Sitter, Karl Schwarzschild and Arthur Eddington to explore the astronomical
consequences of the theory. In parallel to this, a debate was unfolding regarding the nature of the
cosmos itself. On the one hand, Harlow Shapley (1919) favoured the model of a cosmos made
up of the Milky Way (MW) star system only. On the other hand, Heber Curtis (1920) suggested
that spiral nebulae were star systems in their own right: island universes. This became known
as the Great Debate. The resolution of this debate on the structure of the cosmos came with the
detection of cepheids in NGC 6822 and the Andromeda galaxy by Edwin Hubble (1925, 1929b).
Their distance established spiral nebulae well beyond the edge of the MW and as galaxies of their
own.
At this time, the Universe was still assumed to be static by many scientists, including Albert
Einstein who included a cosmological constant in his field equation in order to prevent the Uni-
verse from rapid collapse through gravity. However, when Hubble (1929a) discovered that most
of the extragalactic nebulae were moving away from the observer, it was noticed that the Universe
is not static at all, but expanding. Subsequent modelling of the Universe explored the possibility
that the cosmological constant may result in an expanding universe, depending on its value. Re-
cent observations of the microwave background radiation made by the COBE (Smoot et al. 1992)
and WMAP (Spergel et al. 2003) satellites have effectively transformed cosmology from a highly
speculative science into a predictive science, as the fundamental cosmological parameters are mea-
sured to decimal places, rather than orders of magnitude. This has led many to refer to modern
times as the ‘Golden age of cosmology’. This cosmological framework has direct implications on
the formation of structures in the Universe and can be understood as the stage on which galaxy
formation and evolution take place.
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1.1 Cosmology and galaxies
Cosmology is based on two fundamental assumptions: on sufficiently large scales the Universe is
uniform in all directions and our position in the Universe is not preferred over any other. From
these assumptions the cosmological principle follows, which states that the Universe is spatially
homogeneous and isotropic. Since gravity, which is specified by general relativity, is the only force
relevant on cosmological scales, one can describe the evolution of the Universe with the Einstein
equation and a proper metric. For a homogeneous and isotropic universe this is the Robertson-
Walker metric. Evaluating the Einstein equation, one can derive the Friedmann equation
H2(t) =
[
a˙(t)
a(t)
]2
= H20
(
Ωr
a4
+
Ωm
a3
+
ΩK
a2
+ ΩΛ
)
, (1.1)
where H(t) is the Hubble function and a(t) is the scale factor which describes the expansion of
the Universe and is explicitly time dependent. The constituents of the Universe at the present time
are specified by the density parameters Ωr for radiation, Ωm for matter, ΩK for the curvature and
ΩΛ for the cosmological constant which represents one possibility for the elusive ‘dark energy’.
As our Universe is observed to be flat, ΩK is equal to zero. The luminous matter, commonly called
the ‘baryonic matter’, is only a fraction of the total matter Ωb = fb · Ωm. The remaining ‘dark
matter’ does not interact electromagnetically and has not been directly observed yet.
Most of the energy content of the Universe at the present epoch is dark and the dominant
components dark energy and dark matter account for over 95 per cent of the energy density of the
Universe. The origin and the nature of both the dark components is still unknown and the evidence
for their presence is purely astrophysical. Dark matter was postulated as a result of its gravitational
interaction (Zwicky 1933; Rubin et al. 1982) while dark energy drives the accelerated expansion
of the Universe (Riess et al. 1998; Perlmutter et al. 1999; Kowalski et al. 2008). The theoretical
motivations for both components are still untested: while the presence of dark matter is assumed to
be an implication of supersymmetric particle physics (Blumenthal et al. 1982; Ellis et al. 1984),
the presence of dark energy is suspected to be related to the vacuum energy in quantum field theory
or a self-interacting scalar field (dynamical dark energy; Wetterich 1988). In the simplest picture
the dark energy is assumed to be an ubiquitous, non-clustering form of energy, whereas dark
matter is supposed to be dynamically cold, collisionless, and able to cluster due to its gravitation.
Together, dark energy, which can be described by a cosmological constant Λ, and cold dark matter
(CDM) form the foundation of the ΛCDM theory.
In this framework the Universe was a dense hot compound of elementary particles at the time
it was created. When the early Universe went through a phase of rapid expansion (called inflation)
possibly driven by a scalar field, density perturbations generated by quantum fluctuations were
stretched to cosmologically large scales. These fluctuations were thus imprinted onto the initial
density field of the particles. The dark matter component was then able to form structures in the
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Figure 1.1 The Universe on large scales as found in N -body simulations. The comoving side
length of the simulation box is 90 Mpc. Dark colours represent regions of low density while bright
colours represent regions of high density.
Universe due to its gravitational collapse. The small initial perturbations of the density field grew
in time through gravity and formed bound objects, called dark matter haloes. In the ΛCDM sce-
nario structure formation is hierarchical, i.e. small haloes grow first while larger haloes are formed
by the coalescence of smaller progenitors. After the time of recombination, when the temperature
of the Universe became low enough that neutral atoms could form from protons and electrons,
the baryonic matter fell into the potential wells created by the dark matter haloes. Undergoing
a series of complex physical processes, the baryons were able to form the galaxies that we can
observe today. As a result, galaxies trace the dark matter on large scales and can be thought of as
lighthouses with which we can study the large scale structure in the Universe.
Using the linear relationship between recessional velocity and the distance of galaxies discov-
ered by Hubble (1929a), one can define the observable redshift as z = (λ0 − λe)/λe, where λ0
is the observed and λe is the emitted wavelength. The redshift increases with the distance of the
observed galaxy due to the expansion of the Universe and can be related to the scale factor a(t):
z + 1 = a−1. We can thus associate a certain age of the Universe, also called the ‘cosmic time’,
to a certain redshift. Large galaxy redshift surveys, such as the Two Degree Field Galaxy Redshift
Survey (2dFGRS; Folkes et al. 1999) and the Sloan Digital Sky Survey (SDSS; e.g. Stoughton
et al. 2002) have provided large data sets of the large scale structure of the Universe. On the other
side, the ΛCDM theory is able to make predictions of the large scale structure, e.g. employing
numerical simulations. Figure 1.1 shows the structures that are found at scales of 90 Mpc in such
a simulation. The left panel presents the total mass distribution at an early epoch (z = 5), where
the Universe is still relatively smooth, while the right panel shows the Universe today (z = 0),
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where many different structures can be found. The small bright structures are dark matter haloes
and their distribution agrees very well with the observed distribution of galaxies found in surveys.
Thus on large scales, we are able to explain the observed structures extremely well.
On small scales however, it is much more difficult to explain and predict structures as this
requires the understanding of the physical processes that drive the formation of galaxies, once the
baryons have entered a dark matter halo. The standard picture of hierarchical galaxy formation
was introduced by White & Rees (1978) and has been subsequently extended. In this picture, the
small initial density fluctuations grow with time due to gravitational instability. While the dark
matter collapses into haloes with a quasi-equilibrium state through violent relaxation, the bary-
onic matter falls into the potential wells of these haloes creating shocks that raise the entropy of
the material. The baryonic matter relaxes to hydrostatic equilibrium and forms a hot gaseous halo
for which the self-gravity is balanced by pressure gradients. The gas of this halo is able to cool
through various physical processes (e.g. bremsstrahlung) which reduces the pressure support and
causes the accretion of cold gas from the halo onto a central object. As the gas in the halo typically
has an initial nonzero angular momentum, the gas will spin up as it flows inward, settling in a cold
disc at the centre of the halo. As the gas in the disc further cools, its self-gravity will eventu-
ally dominate leading to a collapse and the fragmentation into small, dense cores that form stars.
The efficiency of this star formation process depends on the density of the gas and happens on a
characteristic time-scale. The result is a rotating stellar disc in centrifugal equilibrium. A fraction
of the newly created stars, however, is short-lived and explodes in supernovae (SNe) producing
enormous amounts of energy. The radiation from these explosions can heat the surrounding gas,
blowing it out of the galaxy in a galactic wind. This reduces the efficiency of star formation, es-
pecially in haloes of low mass where these winds are able to escape the potential well. Another
source of feedback is provided by the accretion of gas onto a supermassive black hole (BH) in the
centre of the galaxy, called active galactic nuclei (AGN).
Due to the hierarchical nature of the ΛCDM scenario, a dark matter halo constantly accretes
new material and eventually other galactic systems merge with it. When a smaller halo contain-
ing a central galaxy enters a larger halo with its own central galaxy, the entering halo becomes a
subhalo of the larger or main halo, and the galaxy in the subhalo becomes a satellite galaxy of the
main system. The subhalo and the satellite subsequently lose orbital energy and angular momen-
tum due to dynamical friction and, eventually, the satellite merges with the central galaxy at the
centre of the main halo. Such a merger may be accompanied by a strong burst of star formation
if the merging galaxies have a similar mass and contained significant amounts of cold gas. At the
same time, angular momentum is transferred to the stars in the disc. For a merger of nearly equal
mass, or major merger, the orbits of the disc stars are randomised, resulting in the destruction of
the discs and the creation of an elliptical galaxy. This process is called the ‘merger hypothesis’.
After such a merger a new gas disc can be created and a new stellar disc formed, producing an
early-type spiral galaxy. In mergers with a large mass ratio, or minor mergers, the disc of the
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Figure 1.2 Images of observed galaxies. The upper left panels shows the elliptical galaxy
NGC1316. In the upper right the typical face-on spiral galaxy M101 (the ‘Pinwheel’ galaxy) is
shown while the lower left panel shows NGC4565 (the ‘Needle’ galaxy), a spiral galaxy seen edge-
on. Finally the lower right panel shows the typical early-type spiral M104 (the ‘Sombrero’ galaxy).
Credit: ESO and ESA/NASA.
central galaxy typically survives, although it may be thickened and some of the stars can be re-
moved from the disc and transferred to a spherical component (called bulge) while the satellite is
completely destroyed. In this way, galaxy mergers affect the morphology of galaxies and shape
their properties. Finally, we receive the light from a galaxy in different bands emitted by its stars
depending on their age and their mass distribution.
On the observational side, one finds galaxies with a large variety of structures: e.g. discs,
spiral arms, bulges and bars. However, these components are very similar in all galaxies and can
6 Chapter 1. Introduction
be described with few parameters. In this sense, galaxies show a large amount of regularity on
small scales, i.e. galactic scales of several kpc. As a consequence, galaxies can be arranged into
a continuous sequence of types, as originally introduced by Hubble (1926) and revised several
times (e.g. Kormendy & Bender 1996). This Hubble sequence classifies galaxies into four classes.
Elliptical galaxies show little internal structure and have smooth, almost elliptical isophotes. De-
pending on their ellipticity they are divided into the subclasses E0 to E7. Spiral galaxies have
thin discs with spiral arm structures and are divided into two branches, normal spirals and barred
spirals, according to whether a bar-like structure is present. They are further divided into three
classes a, b and c, according to their bulge fraction. Lenticular (S0) galaxies are the intermediate
class between ellipticals and spirals. They have a disc and a bulge, but the bulge is more prominent
than in spiral galaxies. Finally irregular galaxies have neither a dominant bulge nor a rotationally
symmetric disc. Many of these systems have been perturbed due to a merger event. Ellipticals and
lenticulars are often referred to as early-type galaxies, while spirals and irregulars form the class
of late-type galaxies. In order to illustrate these types, we show four typical galaxies in Figure
1.2. As we can see, an elliptical galaxy shows little internal structure, while spiral galaxies have
many substructures. From the image of a spiral galaxy as seen edge-on, we see that the luminosity
decreases with increasing radius, and height above the disc plane. This can be expressed with
specific scale parameters, the scalelength and scaleheight.
Observed galaxies not only show a large amount of regularity with respect to their morphology,
but they also obey a number of tight scaling relations. Elliptical galaxies, for example, populate a
so-called ‘fundamental plane’ (FP), which is a relationship between the average surface brightness,
the effective radius and the central velocity dispersion. The origin of the FP is usually interpreted
in terms of the virial theorem, which leads to specific slope parameters for the FP. The deviation of
the observed slopes from the virial predictions is called the ‘tilt’ of the FP. The physical reasons for
this tilt and for the small thickness of the FP, however, are still poorly understood. Another open
issue is, how the FP plane evolves with redshift, e.g. why elliptical galaxies are more compact at
high redshift. Similarly, disc galaxies obey a number of scaling relations, i.e. correlations between
luminosity, the scalelength and the rotation velocity. The relation between luminosity and the
scalelength indicates that the details of the gas accretion process depend on the size of the system,
while the relation between luminosity and rotation velocity (the so-called ‘Tully-Fisher relation’)
states a connection between the dynamical and the luminous mass, and is influenced by feedback
mechanisms. However, the details of the physical processes that determine these relations, are so
far not well understood, and it is hard to model all scaling relations simultaneously.
In the light of the large amount of regularity on small scales, we can specify the three re-
quirements that are needed for a successful galaxy formation model that attempts to reproduce
and explain observed galaxies and tries to make useful predictions. The first prerequisite is the
inclusion of gas and the processes it is subject to in the model. While this seems trivial, there are
many studies that neglect the gaseous component and use initial conditions that employ only the
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collisionless components stars and dark matter. However, not only does the gas form stars, sub-
sequently altering the density and gravitational potential, but the gas is also able to radiate energy
away through cooling. By this mechanism, the total energy content of a system can be reduced,
which is not possible in pure collisionless studies. The next requirement is the achievement of a
high resolution by the model, in order to be able to capture all effects that shape the morphology
of the galaxy. The regularity of the various components (e.g. scalelengths and scaleheights of
the discs and bulge sizes) can only be modelled correctly if the smallest scales that can be re-
solved within the model are much smaller than the typical scales of the system. Finally, the last
requirement that any galaxy formation model must provide is the inclusion of the cosmological
background. As we have outlined above, the cosmological framework has a large impact on the
evolution of a galaxy. It specifies when a halo and a galaxy form and how much mass they ac-
crete during their evolution. Furthermore, the cosmology determines the merger histories of the
galaxies, i.e. when and how often a galaxy undergoes a merger event. This is very important to
determine the morphological transformation a galaxy is subject and is thus directly reflected in the
scale parameters. As a consequence, a successful galaxy formation model has to incorporate all
three requirements. In addition, although not an absolute requirement, methods are preferred that
are able to model the formation and evolution of galaxies within a short amount of time, or for a
large number of systems, or even both.
1.2 Numerical simulations
The most popular tool used to study galaxy formation and evolution are numerical simulations.
These can be divided into two categories: collisionless N -body simulations, that evolve an initial
distribution of point masses according to the laws of gravity, and hydrodynamical simulations
that additionally incorporate gas physics, i.e. pressure forces and the formation of stars from
gas. N -body methods, which only include two of the three necessary requirements for galaxy
formation models – high resolution and a cosmological background – have been employed for
a long time. For dark matter haloes, they have yielded a wealth of informations, such as the
progenitor mass distribution (Bond et al. 1991), merger histories (Lacey & Cole 1993), spatial
clustering (Mo & White 1996), density profiles (Navarro et al. 1997), substructure (Moore et al.
1998; Klypin et al. 1999) and angular momentum distributions (Bullock et al. 2001). State-of-
the-art N -body simulations such as the ‘Millennium’ simulation (Springel et al. 2005b), the ‘Via
Lactea’ simulation (Diemand et al. 2007), the ‘Aquarius’ project (Springel et al. 2008) and the
‘GHALO’ simulations (Stadel et al. 2009) have established a coherent picture of the properties of
dark matter haloes.
The first hydrodynamical simulations of galaxy formation including dark matter focused on
the collapse of a homogeneous uniformly rotating sphere (Katz & Gunn 1991; Katz 1992). In
this simplified scenario the gas physics could be included reaching a good resolution. However,
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the cosmological background was not considered. Similarly, studies of the evolution of galaxies
in binary galaxy (i.e. the isolated merger of two galaxies) were able to study galaxy evolution
at a very high resolution employing gas physics (Noguchi 1988; Combes et al. 1990; Mihos &
Hernquist 1996; Cox et al. 2006a; Naab et al. 2006) while the initial conditions for the merger
were not cosmologically motivated. Instead, pre-formed model galaxies have been employed,
where their properties and those of the merger orbits are drawn from multidimensional grids. The
first hydrodynamical simulations of galaxy formation and evolution by hierarchical clustering from
proper cosmological initial conditions were performed by Navarro & Benz (1991) and Navarro &
White (1994). This method, also called a ‘full cosmological simulation’, samples the cosmological
initial conditions at high redshift in a large box, and evolves the density distribution using the laws
of gravity and hydrodynamics, including the various astrophysical processes that transform the
baryons into luminous galaxies. While in this way many systems can be modelled, the problem is
that the resolution that can be obtained is very low. As a consequence the small scales at which
the important physical processes happen cannot be resolved and the properties of the resulting
galaxies do not agree with observations.
In order to overcome this problem and include all three necessary requirements, a new method
was introduced by Katz & White (1993) and has been improved to date. This ‘renormalisation’ or
‘zoom-in’ technique is similar to a cosmological simulation, but increases the resolution in a se-
lected region within a large cosmological volume. This volume includes regions with varying
mass and spatial resolution which decreases with the distance from a selected object, e.g. a single
galaxy-sized system. In this way most of the particles are placed in the region of interest, optimis-
ing the use of computer time. Simulations with millions of baryonic and dark matter particles are
thus able to produce stellar disks whose size is comparable with that of real galaxies (Governato
et al. 2004; Robertson et al. 2004; Okamoto et al. 2005; Governato et al. 2010). The drawback
of this approach, however, is the still enormous computational expense, even if the resolution is
only very high in the regions of interest. As a consequence, a single galactic system can only be
simulated within several months, such that is not possible to obtain a statistical sample of highly
resolved model galaxies.
1.3 Semi-analytic models
In order to overcome the limitations of numerical simulations, a semi-analytic approach was de-
veloped by White & Frenk (1991), based on the two-stage theory by White & Rees (1978) that
separates the evolution of the dark matter and baryonic components. This method, which was
only considering isolated systems and could only predict average quantities, was later extended to
model the full merger history as predicted by the CDM scenario. This was done independently
by the ‘Munich’ group at the Max-Planck-Institute for Astrophysics in Munich (Kauffmann et al.
1993) and the ‘Durham’ group at the University of Durham (Cole et al. 1994) and has been
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adopted by other groups, such as the ‘Santa Cruz’ group (Somerville & Primack 1999) and the
‘Trieste’ group (Monaco et al. 2007). In a semi-analytic model (SAM) one starts with specifying
a cosmological model and then traces the merger histories for a series of dark matter haloes using
either an N -body simulation or the analytic extended Press-Schechter (EPS) formalism. The evo-
lution of the baryonic component in the haloes, which consists of the components hot gas, cold gas
and stars, is followed by using simple, yet physical analytic recipes for gas cooling and accretion,
star formation and feedback. Cooling converts hot gas into cold gas, star formation converts cold
gas into stars, and feedback converts cold gas into hot gas, or reheats the hot gas directly. When
two haloes merge, the less massive progenitor galaxy becomes a satellite, while the more massive
one becomes the central galaxy. It is then assumed that a satellite can merge with the central
object on a time scale set by dynamical friction, possibly altering the properties of both systems.
In a minor merger the satellite is assumed to be destroyed without major impact on the central
galaxy, while in a major merger the discs of both progenitors are likely to be destroyed, resulting
in an elliptical remnant. A sample of model galaxies that represents the galaxy population in the
present-day Universe can then be built by modelling a large number of haloes that sample the halo
mass function and applying a stellar synthesis model that converts the star formation history and
metallicity into luminosity and colour.
Thus, in a SAM the complicated astrophysical processes that are responsible for the formation
and evolution of galaxies are modelled as a set of recipes which carry a number of free model
parameters. As the current understanding of many of these processes is limited, the model pa-
rameters cannot be derived from first principles. Instead, the model is normalised with a set of
observational constraints, and with the help of more detailed hydrodynamical simulations (e.g.
the evolution during a merger). The advantage of SAMs is their flexibility, as it is possible to run
many realisations in a short amount of time. It is very simple to test the effects of the various
assumptions and model parameters, which highlights the importance of certain specific model in-
gredients. By failing to reproduce the faint-end slope of the luminosity function in early models, it
was discovered that SN feedback and re-ionisation are important requirements (Kauffmann et al.
1994; Heyl et al. 1995; Baugh et al. 1996). As later models predicted a colour-magnitude relation
that was inverted with respect to the observations, it became clear that chemical evolution and a
treatment for dust extinction had to be included (Kauffmann & Charlot 1998; Cole et al. 2000).
Finally, the overprediction of massive galaxies seemed to require a process that can suppress cool-
ing in massive haloes, such as AGN feedback (Bower et al. 2006; Croton et al. 2006; Somerville
et al. 2008a; Kang et al. 2006), thermal conduction (Benson et al. 2003; Voigt & Fabian 2004),
or multi-phase cooling (Maller & Bullock 2004). This shows that SAMs have been able to yield
many insights into the process of galaxy formation. The drawback of this method is that by con-
struction any back reactions of the baryons on the dark matter haloes are neglected and have to
be included a posteriori. Furthermore, SAMs yield little or no spatial information: most SAMs
do not predict the spatial location of the galaxies. Some morphological parameters are computed
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only with a simple recipe (such as the scalelength of the disc), while others are completely ne-
glected (such as the disc scaleheight). As a consequence, one can consider a SAM as a galaxy
formation model with a low resolution, that is able to predict many statistical properties within a
short amount of time.
1.4 Combining simulations and semi-analytic models
Existing galaxy formation models have led to numerous insights, however, none of them is capable
of incorporating all three requirements together without the need for a large computational time.
The goal of this thesis is to develop a method that includes gas physics, a cosmological background
and offers the best resolution while being able to model a sample of galaxies within a short amount
of time. In particular, hydrodynamical merger simulations can achieve a very high resolution and
have a short run time, as the system is only modelled in the regions of interest, but they lack
a cosmological background. On the other hand, SAMs are able to predict the merger histories
that follow from a specific cosmological model for a large amount of galaxies within a short
amount of time. This information is given in galaxy merger trees, which specify for a certain
system at z = 0 when each satellite galaxy entered the halo and what were the properties of
these satellites. Consequently we combine this prediction of SAMs with hydrodynamical merger
simulations by using the semi-analytic merger trees as initial conditions for a multiple merger
simulation. Specifically, we evolve the galaxy in the main branch in a simulation and include
the satellite galaxies in this simulation at the time when the satellite enters the larger halo using
the satellite properties predicted by the SAM. In this way we gain the advantages of the merger
simulations (high resolution and correct treatment of gas physics) and the SAM (cosmological
background). Simultaneously, the computational cost is comparably low (a few days using 32
processors), so that a meaningful sample can be modelled in a short amount of time.
Since with this method the small scales can be resolved, that are important for the evolution
of galaxies and their resulting morphology, it is particularly well suited for studies that focus on
the evolution of the stellar components of galaxies and their scale parameters, such as the disc
scalelength and height and the bulge radius. In particular, we are able to investigate how the stellar
disc evolves during mergers and how the stellar bulge is formed. Furthermore, we want to study
how the stellar mass grows for various galaxies and which processes are most important for its
evolution. While many applications of our model focus on the evolution of the central galaxy,
we can also address the evolution of the satellite population at a high resolution and investigate
whether satellites are able to gain mass while they orbit the central galaxy and how much of their
mass is stripped due to tidal forces. Specific questions we plan to address with our new method
include: How does the morphology of a galaxy transform in mergers? How does the bulge fraction
change in a major merger and what happens to the disc in minor mergers (thickening, warping and
bar formation)? What is the efficiency of starbursts in mergers? How efficient is gas cooling and
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accretion after a merger? How does the stellar mass of a galaxy grow – are gas accretion and star
formation more important or the accretion of satellite stars? How is mass stripped from orbiting
satellites and with which efficiency? How do stellar streams form? Finally, we are able to develop
generalised semi-analytic prescriptions (e.g. to predict spheroid sizes and velocity dispersions)
based on the results of our simulations. In this way, also existing semi-analytic recipes can be
improved.
1.5 Structure of the thesis
In this thesis we aim to develop a novel method to study galaxy formation and evolution by com-
bining semi-analytic predictions with high resolution hydrodynamical merger simulations. In or-
der to do this, we extend the initial conditions used in the simulations to include accretion from
the halo (i.e. smooth accretion of dark matter and cooling of the hot gaseous halo for the baryonic
component). Using our method in a set of simulations, we study the evolution of the stellar mass
and the morphology, as well as the contamination of a MW-like galaxy with satellite stars.
This thesis is structured as follows: chapter 2 discusses the foundation of our method, numer-
ical simulations. First an introduction to N -body and hydrodynamical techniques is presented,
followed by the cooling, star formation and feedback models employed in the hydrodynamical
code GADGET-2 (Springel 2005), which is used in this thesis. We then explain the code that cre-
ates the initial conditions for merger simulations, i.e. pre-formed galaxies consisting of a dark
matter halo a stellar and gaseous disc and a stellar bulge. We apply these codes in a suite of mi-
nor merger simulations to study the heating and thickening of a thin disc, like that of the MW. In
particular, we focus on the difference between dissipational and dissipationless simulations and
compare our results with observations.
In chapter 3 we outline the techniques used in SAMs. For this we demonstrate how halo
merger trees can be obtained from the analytic Press-Schechter formalism and from N -body sim-
ulations. Furthermore, we explain how the baryonic components are evolved, which includes gas
cooling, star formation and feedback, galaxy mergers and chemical evolution. We show how these
processes are modelled in the Santa Cruz SAM (Somerville et al. 2008a), which is employed in
this thesis. Applying the SAM to a large sample of merger trees, we study the merger histories of
MW-like galaxies. We determine the number of mergers as a function of the halo mass and com-
pute the probability for multiple mergers, i.e. a second satellite entering the halo before the first
satellite has merged with the central galaxy. Moreover, we study the dependence of the merger
rate on the merger ratio, the initial gas fraction and the morphology.
The initial conditions generator is extended in chapter 4 in order to include accretion from the
halo. For the dark matter component, the smooth accretion is modelled with many small overden-
sities, called blobs, which have a three-dimensional Gaussian density profile. Each blob is then
placed around the dark matter halo, such that it enters at a specified time, chosen to reproduce the
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mass accretion history of the halo. For the baryonic component, we include a slowly rotating hot
gaseous halo that is in hydrostatic equilibrium with the dark matter halo. We apply this modifica-
tion in a suite of major merger simulations and study how the starburst efficiency and the structural
and kinematic properties of the remnants change when a gaseous halo is included. In addition, we
run a minor merger simulation and study how the disc thickening is changed when a hot halo is
included.
In chapter 5 we combine semi-analytic merger trees with hydrodynamical simulations using
the galaxies in semi-analytic merger trees as the initial conditions for multiple merger simulations.
We first illustrate the general procedure and then demonstrate how we create particle representa-
tions of semi-analytic galaxies and how these model galaxies are included in the merger simula-
tions. We apply our new method in a set of ten merger trees that yield central galaxies comparable
to the MW. The evolution of both the central and the satellite galaxies are analysed, with the results
compared to the predictions by the SAM. This includes the total stellar mass, the bulge fraction
and the scale parameters. In a last study, we address the question of whether it is possible to dis-
tinguish stars that formed in the central galaxy from stars that originated in a satellite employing a
pure kinematic analysis.
Finally, in chapter 6 we summarise the methods that have been used in this thesis and the
results we have obtained. We also give an outlook on future projects utilising our new model,
including a study focusing on the origin and the evolution of the galaxy FP, and a study about
stellar stripping and the morphological transformation of satellites in a MW-like halo. In appendix
A we summarise all conventions and acronyms and in appendix B we include a DVD containing
additional visualisation material, i.e. rendered movies of the simulations.
Chapter 2
Numerical Simulations
Numerical simulations have become a very useful tool in theoretical studies of the structure forma-
tion process in the Universe. This is because direct simulation is often the only method to predict
the fully non-linear outcome of the well-specified initial conditions of the standard ΛCDM cos-
mology. Particularly for the hierarchical structure formation process, with its inherently complex
three dimensional geometry (e.g. galactic discs and bulges), it is important to be able to model the
astrophysical processes at the relevant scales. In fact, numerical simulations have played a vital
role in establishing the viability of the standard cosmogony including fundamental results, such as
density profiles of dark matter haloes (Navarro et al. 1997), the existence of dark matter substruc-
ture (Tormen 1997; Diemand et al. 2007), the abundance and clustering properties of dark matter
haloes and galaxies (Jenkins et al. 1998, 2001; Moster et al. 2010), or the gas temperature and
profiles of galaxy clusters (Evrard 1990).
2.1 N-body methods
When only collisionless dark matter and stars are considered, state-of-the-art cosmological codes
have reached a high degree of accuracy and an impressive dynamical range. As the physical
modelling of collisionless systems requires only integrating the 6N ordinary differential equations
defining the particle motions in Newtonian gravity, there is little doubt about what is needed to
achieve this high accuracy: First an accurate gravitational force calculation, second an accurate
time integration and third the use of a large number of particles in order to resolve small scales.
The oldest and most simple approach employed for the gravitational N -body problem is the
direct summation, or particle-particle (PP) method, where the gravitational forces are directly com-
puted for every pair of particles. Obviously, this method is inefficient for large particle numbers
as the cost of the computations scales with O(N2). As a consequence, particle-mesh (PM) codes
have been developed in which space is discretised on a mesh and, for the purposes of computing
the density and the gravitational potential, particles are assumed to be divided between the nearby
vertices of the mesh. The potential Φ can then be easily calculated from the Poisson Equation:
∆Φ = 4piGρ , (2.1)
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where G is the gravitational constant and ρ is the density. By using a Fourier transform one can
go to the frequency domain, where the Poisson equation has the simple form
Φˆ = 4piG
ρˆ
k2
, (2.2)
where k is the wavenumber and the hats denote Fourier transforms. The advantage of this method
is that it is very fast, as it only depends on the number of grid cells and Fourier techniques.
The disadvantage is, however, that for scales below one to two mesh cells, the force is heavily
suppressed, thus greatly reducing the spatial resolution. In order to circumvent this problem, P3M
codes have been developed. They have two parts: a PM part which takes care of large-scale forces,
and a PP part, which adds a small-scale particle-particle contribution. However, because of strong
clustering at the late stages of evolution, the PP part becomes prohibitively expensive once large
objects start to form in great numbers. A further improvement is achieved by the AP3M method,
which uses additional Fourier meshes adaptively placed on areas of high density.
An alternative to these schemes are hierarchical tree algorithms, pioneered by Appel (1981,
1985) which have no intrinsic resolution limit. In tree methods, particles are arranged in a hier-
archy of groups which can be achieved by dividing the volume into cubic cells or with nearest-
neighbour pairings. Gravitational forces are then computed directly within a group while particles
in distant groups can be either treated as a single large particle located at its centre of mass or
as a low-order multipole expansion. In order to be treated as a distant group a tree node has to
fulfil an opening criterion. The size of the opening angle θ determines the accuracy of the force
calculation: for smaller values of θ the forces will become more accurate, but also more costly
to compute. For an optimal opening angle the number of particle pair interactions that must be
computed can be dramatically reduced so that the computational cost of a complete force evalu-
ation scales as O(N logN). While PM codes are generally much faster for near-homogeneous
particle distributions, tree codes can adapt flexibly to clustering states and are more efficient than
PM codes if a large dynamic range in density is needed. Furthermore, tree codes are free from any
geometrical restrictions. A rather recent development is the combination of PM and tree solvers
into hybrid TreePM codes. In this approach, the PM method is used for the computation of long-
range forces, while a tree method is used for the short-range part. Thus, the direct summation in
the P3M method is replaced by a tree algorithm. This allows for reduced computational times in
comparison to pure tree codes.
2.2 Hydrodynamics
Compared to gravity, much larger conceptual differences exist between the different hydrodynam-
ical methods employed in current cosmological codes. The most prominent ones are Eulerian
mesh-based hydrodynamics and Lagrangian smoothed particle hydrodynamics (SPH). The Eu-
2.2. Hydrodynamics 15
lerian specification of the flow field is a way of looking at gas motion that focuses on specific
locations in the space through which the gas flows as time passes. Eulerian methods discretise
space and represent gas variables on a mesh. The Lagrangian specification of the flow field is
a way of looking at gas motion where the observer follows an individual gas parcel as it moves
through space and time. These parcels can be modelled with particles with discretised mass. Both
methods have found widespread application in astrophysics.
The foundational axioms of gas dynamics are the conservation laws, specifically, conservation
of mass, conservation of momentum (Newton’s Second Law of Motion), and conservation of
energy (First Law of Thermodynamics). These conservation laws can be written in the form of
integral equations as well as in the form of partial differential equations. In the laboratory frame
the hydrodynamical equations can be written in their Eulerian form:
∂tρ+∇(ρv) = 0 (2.3)
∂t(ρv) +∇(ρvv) +∇P = −ρ∇Φ (2.4)
∂t(ρetot) +∇[(ρetot + P )v] = 0 . (2.5)
Here, v is the velocity of the flow, P is the pressure, and etot is the total specific energy, consisting
of thermal (internal) specific energy e and kinetic specific energy ekin = u2/2.
These hydrodynamic equations can also be written in the rest frame of the flow, where they
take their Lagrangian form. The idea is to follow a gas element along its path and see how its
density and pressure change along its way. For this we introduce the Lagrangian time derivative
d/dt as
d
dt
=
∂
∂t
+ v · ∇ . (2.6)
With this, the hydrodynamical equations become:
dρ
dt
+ ρ∇v = 0 (2.7)
dv
dt
+
∇P
ρ
= −∇Φ (2.8)
de
dt
+
P
ρ
∇v = 0 . (2.9)
In this form the equation of momentum conservation has a physical interpretation: a gas parcel
will be accelerated due to forces, which are the gradients of the pressure and the gravitational
potential. The energy conservation equation can be interpreted as follows: the thermal energy of a
gas parcel changes only as a result of adiabatic compression.
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2.2.1 Eulerian method: mesh codes
In the traditional Eulerian methods space is discretised and gas variables are represented on a
mesh: x → xi and t → tn. The numerical solution is solved on these discrete mesh points. Thus
functions as q(x, t) are replaced by their discrete counterparts q(xi, tn) = qni . The equations must
be formulated in a way that qn+1i can be derived from q
n
i . The difficulty is then to formulate the
discretised form of the differential equations such that the solutions for the qn+1i are numerically
stable and as close as possible to the true q(x, t). In practice, one can solve the system of hy-
perbolic equations by advecting them on the mesh. Of course, there is no ideal and universally
good method and some problems require entirely different methods than others. Hydrodynamics
of subsonic flows require high-order precision algorithms, for example, while for supersonic flows
so-called shock-capturing methods are needed.
There are decades of experience with Eulerian methods and for various problems accurate
schemes exist, which offer high-order spatial accuracy, have negligible post-shock oscillations,
and low numerical diffusivity. Moreover, mesh codes offer superior resolving power for shocks,
with some methods being able to capture shocks without artificial viscosity and with very low
residual numerical viscosity. However, there are still several fundamental problems. The most
serious issue is the lack of Galilean invariance, which makes the results depend on the presence of
bulk motion. While this problem is less serious in studies of planet and star formation, it is rather
substantial in studies of galaxy formation. Here, galaxies move with large velocities relative to
each other. Those velocities are often orders of magnitude larger than the sound speed of the
interstellar medium which is followed hydrodynamically.
Another problem of static meshes is that they are only poorly suited for the high dynamic range
encountered in cosmology. Even for large meshes, individual galaxies are only poorly resolved,
which makes resolving the internal structure (discs and bulges) even harder. A possible solution is
given by the development of adaptive mesh refinement (AMR) codes. In this method, subgrids are
adaptively positioned in regions of high density hence achieving a higher resolution and dynamic
range. However, even for AMR codes, various problems remain. It is challenging to model
systems with high relative velocities to the adopted reference frame, as it is hard to construct
refinement criteria which are able to correctly anticipate the motion of the system on the mesh.
Furthermore, AMR codes have difficulties with accurately treating structure formation driven by
gravitational instability, as it is difficult to capture all the small density fluctuations that grow at
high redshift through refinement.
2.2.2 Lagrangian method: smoothed particle hydrodynamics
In Lagrangian SPH, it is not space that is discretised, but mass. The particle-based SPH is ex-
tremely flexible in its ability to adept to any given geometry. As its Lagrangian nature allows a
locally changing resolution that automatically follows the local mass density it is particularly well
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suited to follow the gravitational growth of structure. Thus, computational time can be saved, by
focusing the computational effort on the regions of the highest gas concentrations, which are the
regions of primary interest in cosmology. Moreover, SPH ties naturally to the N -body approach
for self-gravity and can be easily implemented in three dimensions. However, an important disad-
vantage of SPH is that the method has to rely on an artificial viscosity for supplying the necessary
entropy injection in shocks. The shocks are unavoidably broadened over the smoothing scale and
can no longer be resolved as discontinuities.
In SPH, a set of discrete tracer particles is used to describe the state of the gas. One can
think of the particles with positions xi, velocities vi and masses mi as elements that sample
the gas in a Lagrangian sense. Continuous gas quantities are defined by a kernel interpolation
technique. This means that the hydrodynamical properties of each particle are smoothed with a
kernel W (xi −xj , hi) over its smoothing length hi, which is chosen such that a constant number
of particles (∼ 64) lies within a sphere of radius hi. The density is then estimated as
ρ(xi) = ρi =
N∑
j=1
mjW (xi − xj , hi) . (2.10)
For each of the SPH particles the hydrodynamical equations are based on the Lagrangian form of
the Euler equations. One can easily show that the equation of motion for SPH particles can be
written in the form
dvi
dt
= −
N∑
j=1
mj
[
fi
Pi
ρ2i
∇iW (xi − xj , hi) + fj Pj
ρ2j
∇jW (xi − xj , hj)
]
, (2.11)
where the coefficients fi are given by
fi =
(
1 +
hi
3ρi
∂ρi
∂hi
)−1
. (2.12)
The pressure for each particle is given by Pi = Aiρ
γ
i , where Ai is a measure for the entropy of
the particle and γ is the adiabatic index. If there are no shocks and no external sources of heat,
it is simple to compute the change of velocity and position in one time step from the equation of
motion. However, gas flows can easily develop discontinuities such that entropy is generated. In
order to capture shocks, SPH employs an artificial viscous force
(
dvi
dt
)
visc
= −
N∑
j=1
mjΠij∇iW (xi − xj , hi) , (2.13)
where Πij is non-zero only when particles approach each other.
Due to the many advantages of an SPH code when modelling the interactions of galaxies,
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where a large dynamic range is needed, we use the GADGET-2 code (Springel 2005) for all nu-
merical studies in this work.
2.3 The SPH code GADGET-2
The principal structure of GADGET-2 is that of a TreeSPH code. This means that gravitational
forces are computed using a tree algorithm with a hierarchical multipole expansion while the
gas dynamics are followed with SPH. Alternatively, GADGET-2 supports the use of the TreePM
method. The code is massively parallel and has been used on up to 64 parallel CPUs in our
studies. Two types of particles are employed: collisionless particles which represent dark matter
and stars and respond only to gravitational forces and collisional particles which represent the gas
and feel gravity and pressure. Gravitational forces are softened with the spline kernel used in SPH
employing W (x, 2.8) which corresponds to a Plummer sphere with a smoothing length .
The smoothing kernel for the SPH calculations is given by:
W (x, h) =
8
pih3

1− 6 (xh)2 + 6 (xh)3 , if 0 ≤ xh ≤ 12 ,
2
(
1− xh
)3
, if 12 <
x
h ≤ 1,
0, if xh > 1 .
(2.14)
The artificial viscosity implemented in GADGET-2 has the form
Πij = −α
2
(ci + cj − 3wij)wij
ρij
, (2.15)
where α is a free parameter (in the range 0.5-1.0), ci and cj are the sound speeds of the particles i
and j, ρij is the arithmetic mean of the density and wij = (vi − vj) · (xi − xj)/|xi − xj | is the
relative velocity projected on to the separation vector. This choice reduces the occurrence of very
large viscous accelerations resulting in a more stable time integration.
Furthermore GADGET-2 uses an SPH formulation which conserves both energy and entropy
in regions of free dissipation even when fully adaptive smoothing lengths are used. Traditional
SPH methods violate entropy conservation in certain circumstances leading to problems as this
accelerates cooling in dense regions.
Up to now, we have described how the code computes the gravitational and hydrodynamical
forces that are responsible for the dynamics of the system. In this model, however, the gas can
only cool adiabatically which means that radiative cooling is not considered so far. Furthermore,
when the gas cools it can form new stars thereby releasing feedback energy into the surrounding
gas. Thus in order to correctly model the formation and interaction of galaxies, it is important to
consider these processes and implement them into the code. The problem here is that the relevant
physical processes happen on scales which are smaller than those that can be resolved. Specifi-
cally, stars form from dense clouds consisting of molecular hydrogen with a spatial extension of
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several parsecs. However, current spatial resolutions reached in SPH simulations are on the order
of tens of parsecs. This means that in order to model star formation and feedback an effective
subresolution model has to be used which can predict the average star formation and feedback
rates at the resolved scales.
2.3.1 Cooling, star formation and feedback
In order to model the sub-grid physics, Springel & Hernquist (2003) have developed a multiphase
model for the gas. In this model, the gas particles are treated as a two-phase medium, comprised
of condensed clouds in pressure equilibrium with an ambient hot gas. The material available for
star formation is supplied by the cold clouds. The local density of the hot medium is given by
ρh, the density of cold clouds is ρc, the density of long-lived stars is ρ∗, and ρ = ρh + ρc is the
total gas density. As individual molecular clouds and stars cannot be resolved, ρc and ρ∗ represent
averages over small regions. The specific energy of the hot and cold components is eh and ec,
respectively, and the thermal energy per unit volume of the gas is given by  = ρheh + ρcec.
The three basic processes that are responsible for mass exchange between the components are star
formation, cloud evaporation arising from SNe and cloud growth caused by radiative cooling. All
these processes are only active when the density exceeds a threshold ρ > ρth which is motivated
by the observed star formation threshold, otherwise only ordinary cooling is active.
For the star formation process, one assumes that cold clouds are converted to stars on a charac-
teristic time-scale t∗ and that a mass fraction β of these stars are short-lived and instantly explode
as SNe:
dρ∗
dt
=
ρc
t∗
− β ρc
t∗
= (1− β)ρc
t∗
. (2.16)
The reservoir of cold clouds is therefore depleted by star formation at the rate ρc/t∗ while the mass
in the hot phase is increased as βρc/t∗ through ejecta from SNe. The parameter β is the mass
fraction of massive stars (> 8M) formed for each initial population of stars and thus depends on
the initial mass function (IMF). For the Salpeter (1955) IMF
ξ(m) ∝ m−1.35 , (2.17)
with upper and lower limits of 40 and 0.1 M , respectively, it has the value β = 0.1. If a Kroupa
(2001) IMF is adopted,
ξ(m) ∝

m−0.3, for 0.01 ≤ mM < 0.08,
m−1.3, for 0.08 ≤ mM < 0.5,
m−2.3, for 0.5 ≤ mM
(2.18)
it has the value β = 0.16.
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In addition to returning mass to the hot phase, SNe also release energy. For the canonical value
of 1051 erg per SN, an average return of SN = 4× 1048 erg M−1 is expected for each solar mass
and a Salpeter IMF, while for a Kroupa IMF we get SN = 9× 1048 erg M−1 . This energy can be
expressed as an equivalent SN temperature
TSN =
2µ
3k
eSN =
2µ
3k
1− β
β
SN , (2.19)
where µ is the molecular weight and k is the Boltzmann constant. For a Salpeter IMF, TSN ≈
108K, while for a Kroupa IMF, TSN ≈ 1.25× 108K.
The mass of the ambient gas is not only increased by exploding stars, but also by cloud evap-
oration. When cold clouds are evaporated inside the hot bubbles of SNe, material is moved from
the cold clouds to the hot gas. The total mass of clouds that are evaporated is assumed to be
proportional to the mass in SNe: (
dρc
dt
)
EV
= Aβ
ρc
t∗
, (2.20)
where the efficiency A of the evaporation process is expected to be a function of the local environ-
ment.
Furthermore, a process by which cold clouds come into existence and grow has to be modelled.
For this, one assumes that the radiated energy cools gas from the temperature of the hot phase to
that of the cold phase and thus leads to a growth of the cold clouds:(
dρc
dt
)
RC
= −
(
dρh
dt
)
RC
=
Λnet(ρh, eh)
eh − ec . (2.21)
The cooling function Λnet is computed for a primordial mixture of hydrogen and helium as de-
scribed by Katz et al. (1996). The abundances of the various ionisation states are computed
explicitly in the presence of a spatially uniform time-independent local UV background field in
the optically thin limit (Haardt & Madau 1996). The temperature of the cold clouds is typically
assumed to be T ≈ 1000K. In summary, the rates at which the masses of the hot and the cold
phases evolve (when ρ > ρth) can be written as
dρc
dt
= −ρc
t∗
−Aβρc
t∗
+
Λnet(ρh, eh)
eh − ec (2.22)
dρh
dt
= β
ρc
t∗
+Aβ
ρc
t∗
− Λnet(ρh, eh)
eh − ec . (2.23)
Following McKee & Ostriker (1977), the density dependence of the evaporation parameter A is
expressed as
A(ρ) = A0
(
ρ
ρth
)−4/5
. (2.24)
Finally, the star formation time-scale t∗ needs to be specified. Since a unique explanation for
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the empirical Schmidt law is as of yet unknown, modelling star formation processes is largely
aimed at reproducing this relationship. Any process in which the gas consumption time depends
on the local average dynamical time (∝ ρ−1/2) will produce a Schmidt-type relation (Kravtsov
2003). For this reason t∗ is parametrized as:
t∗(ρ) = t∗0
(
ρ
ρth
)−1/2
. (2.25)
The free parameters of the model are thus β and TSN (which have been fixed depending on
the IMF) and the parameters that determine the regulation of the multiphase model, ρth, A0, and
t∗0, which need to be fixed. A0 can be constrained by requiring that the cooling of the hot phase
happens at the onset of star formation (ρ = ρth). Therefore the cooling function has to fall at this
temperature, which is at∼ 105 K. Thus TSN/A0 = 105 K which fixesA0 to a value ofA0 ≈ 1000
for a Salpeter IMF, and A0 ≈ 1250 for a Kroupa IMF. The threshold density ρth is determined
self-consistently by demanding that the equation of state (EOS) is continuous at the onset of star
formation. Thus the only free parameter remaining is the star formation time-scale t∗0. As this
parameter sets the overall gas consumption time-scale it can be constrained by observations of the
efficiency of star formation.
Observationally, a tight correlation between disc-averaged measurements of the star formation
rate (SFR) per unit area and the surface density of the gas is found, e.g. by Kennicutt (1998):
ΣSFR = 2.5× 10−4
(
Σgas
M pc−2
)1.4
. (2.26)
Note that this result is valid for a Salpeter IMF, while for a Kroupa IMF the normalisation factor
needs to be divided by 2. This Kennicutt law is valid from typical disc-averaged surface densities
of 10M pc−2 to very high densities of 105 M pc−2 in central regions of starbursting galaxies.
The star formation time-scale t∗0 can now be easily constrained by modelling individual galaxies
and fitting for the Kennicutt law. This results in t∗0 = 2.1 Gyr for a Salpeter IMF, and t∗0 = 3.5 Gyr
for a Kroupa IMF.
The SFR for long-lived stars of an SPH particle with massm is given by M˙∗ = (1−β)xm/t∗,
where x = ρc/ρ is the density fraction of cold clouds. In a given time step ∆t a new long-lived
stellar particle of mass m∗ = m/Ng is spawn provided that a random number uniformly drawn
from the interval [0, 1] falls below
p∗ =
m
m∗
[
1− exp
(
−(1− β)x∆t
t∗
)]
, (2.27)
whereNg is an integer that gives the number of generations of stars that each gas particle can form.
Typically a value of Ng = 2 is used meaning that the total number of particles in the simulation
increases as a result of star formation.
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An interesting consequence of this feedback model is that it leads to self-regulated star forma-
tion. Owing to evaporation, star formation reduces the density in cold clouds, lowering the SFR.
On the other hand, a higher density of hot gas leads to an increase of the cooling rate, and thus to
more rapid replenishment of the cold clouds, increasing the SFR. In this manner, a self-regulated
cycle of star formation is established where, in equilibrium the growth of cold clouds is balanced
by their evaporation arising from SN feedback. Thus, gas contained in dark matter haloes can
cool and settle in a rotationally supported disc, subsequently forming stars at a rate consistent with
observations. In this model, the thickness and the SFR of a disc are regulated by the SN feed-
back, which provides pressure support to the star forming ISM. In this way SN feedback prevents
the ISM from collapsing gravitationally to exceedingly high densities. Note that our version of
GADGET-2 does not include feedback from accreting BHs (AGN feedback) which will therefore
be neglected in this work.
2.3.2 Stellar winds
It has become increasingly clear that galactic winds and outflows play a crucial role in galaxy
formation studies. Being observed at both low and high redshifts, they are not only responsible for
chemically enriching and possibly heating the intergalactic medium, but may also be an important
mechanism in regulating the star formation on galactic scales. As winds can reheat and transport
collapsed gas from the centre of a galaxy back to its extended dark matter halo and even beyond,
they can help to reduce the overall cosmic SFR to a level consistent with observations.
The mechanism by which galactic winds originate is not yet well understood. It is possible
that not all of the hot gas in SN remnants will remain confined to the disc by being quickly used
up to evaporate clouds, but SN bubbles close to the surface of the star forming region may break
out of the disc and vent the hot gas into the halo, producing a galactic wind. Therefore, Springel
& Hernquist (2003) have developed a phenomenological approach which can easily be combined
with the two-phase model of star formation.
In this approach, the disc mass-loss rate that goes into the wind M˙w is proportional to the SFR
M˙w = ηM˙∗ , (2.28)
where η is the mass loading factor and M˙∗ is the SFR of long-lived stars. Whether this material
can escape from the halo depends on the velocity to which the gas is accelerated, the amount of
intervening gas, and the depth of the potential well, i.e. the mass of the halo. For small velocities
and a large halo mass, the wind material will remain bound to the halo and eventually fall back to
the disc, while in dwarf galaxies even slow winds may escape the halo, thus dramatically reducing
the SFR. The fiducial value for η adopted in the model is η = 2, consistent with observations
(Martin 1999).
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It is further assumed that the wind carries a fixed fraction χ of the SN energy. If the energy
input by SNe χSNM˙∗ is set equal to the kinetic energy of the wind M˙wv2w/2, one can obtain the
velocity of the wind when it leaves the star forming region:
vw =
√
2βχeSN
η(1− β) . (2.29)
The fraction χ, or equivalently the velocity vw, are free parameters of the model and are assumed
to be χ = 0.25 and vw = 480 km s−1 which is typical for a MW-like galaxy at low redshift. Note
that this is an energy-driven wind, with a constant wind speed for all haloes and redshifts. The
deficiencies of this approximation are discusses in section 4.3.5.
In this model an SPH particle is added to the wind during a time step ∆t if a uniformly
distributed number in the interval [0, 1] falls below
pw = 1− exp
(
−η(1− β)x∆t
t∗
)
. (2.30)
In this case, the velocity of the particle v is modified according to v′ = v+vwn. The unit vectorn
is either chosen in a random direction on the unit sphere (isotropic wind), or in a random direction
along v×∇Φ (axial wind). In the latter scheme, the wind particles are preferentially ejected along
the rotation axis of the disc. However, even for isotropic winds the presence of a disc will lead to
a bipolar wind pattern, as the wind can propagate much more easily in the direction orthogonal to
the disc. Therefore, we will use isotropic winds in this work.
2.4 Initial conditions
As we focus on the evolution of galaxies rather than their initial formation, we begin our simu-
lations with pre-assembled galaxies consisting of a dark matter halo, a stellar and a gaseous disc,
and a stellar bulge. Generating initial conditions to follow galaxy formation in a cosmological
simulation is a well-defined task as particle coordinates are obtained from the cosmological per-
turbation spectrum and evolved according to linear theory. However, creating an already formed,
stable galaxy in equilibrium is much more challenging, since the distribution functions for the
positions and velocities must be determined.
Early attempts to create equilibrium galaxies used largely static potentials. However, this
approximation does not allow for interactions between the components, which is problematic,
as the angular momentum redistribution between the components is critical for the formation of
structures that can be observed. Later methods created galaxies by starting with the spherical
components and evolved them until they reached an equilibrium, after which the disc was added
and the system had to relax again. The problem of this method is that forcing the galaxy to
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equilibrium modifies the galaxy’s input parameters such that control over the defining structure
parameters is lost.
The initial conditions generator employed in our work has been developed by Springel et al.
(2005a), improving an earlier version of the code (Springel & White 1999). It consists of a rotating
dark matter halo with a cosmologically motivated profile, exponential stellar and gaseous discs and
a spherical stellar bulge. The distribution function of all components is approximated using the
moments of the collisionless Boltzmann equation.
2.4.1 Dark matter halo
The density distribution of the dark matter halo is modelled with a Hernquist (1990) profile
ρdm(r) =
Mdm
2pi
a
r(r + a)3
, (2.31)
with the cumulative mass profile M(< r) = Mdm r2/(r + a)2. For the creation of pre-formed
galaxies this profile has two advantages over the Navarro et al. (1997, NFW) profile: in its inner
part it agrees with the NFW profile, but due to its faster decline in the outer parts, the total mass
converges such that no truncation is needed. Furthermore, in contrast to the NFW profile the
Hernquist profile has an analytic distribution function so that the positions and velocities can be
easily modelled. Defining the radius r200 at which the mean enclosed dark matter density is 200
times the critical density ρc and which contains the mass M200 = 200ρc r3200 4pi/3, the Hernquist
profile can be associated with a corresponding NFW halo. In addition the inner density profiles
are set equal (ρdm = ρNFW for r  r200) which implies a relation between a, the scalelength rs,
and the concentration parameter c = r200/rs of the NFW profile:
a = rs
√
2[ln(1 + c)− c/(1 + c)] . (2.32)
For a concentration parameter of c = 10, the mass M200 of a Hernquist halo is 75 per cent of the
total mass Mdm and a = 1.73rs. The total angular momentum of the halo is defined as
J = λM200
√
2GM200r200
fc
, (2.33)
where λ is the spin parameter, G is the gravitational constant, and fc is a factor depending on the
concentration.
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2.4.2 Discs and bulges
The stellar and cold gaseous discs are modelled with exponential surface density profiles
Σcg(R) =
Mcg
2pir2g
exp
(
−R
rg
)
and Σ∗d(R) =
M∗d
2pir2d
exp
(
−R
rd
)
, (2.34)
so that the total mass in the disc is Md = Mcg +M∗d. Following the model by Mo et al. (1998),
the scalelength rd is set by relating it to the angular momentum of the stellar disc, and one assumes
Jd = (M∗d/M200)J , corresponding to conservation of specific angular momentum of the material
that forms the disc. Assuming that the disc is centrifugally supported this implies a one-to-one
relation between λ and rd. The scalelength of the cold gaseous disc is then related to that of the
stellar disc by rg = χrd. The vertical mass distribution of the disc stars is specified by the profile
of an isothermal sheet with a radially constant scaleheight z0 which is treated as a free parameter.
The three dimensional density profile of the stellar disc is thus given by
ρ∗d(R, z) =
M∗d
2pir2dz0
sech2
(
z
z0
)
exp
(
−R
rd
)
. (2.35)
A similar freedom is not available for the gas: for a given surface density the vertical structure
of the gas disc arises as a result of self-gravity and the pressure given by the EOS, such that the
vertical profile cannot be chosen freely. Therefore it has to be computed self-consistently in the
model. For this one assumes that the vertical structure of the gas disc is governed by hydrostatic
equilibrium. The solution can then be determined by the constraint that the integral of the density
over the spin dimension has to yield the surface density. In practice, this is solved on a logarithmic
grid of points in the R− z plane.
The bulge is taken to be spherical and also modelled with a Hernquist profile
ρb(r) =
Mb
2pi
rb
r(r + rb)3
, (2.36)
where rb is the scalelength of the bulge and treated as a free parameter.
2.4.3 Velocity structure
Once the full density distribution has been determined, the velocity structure of the components
can be computed. For the halo and bulge particles the velocity distribution functions depends
only on energy and the z-component of the angular momentum. It can then be approximated as a
triaxial Gaussian and its second order moments follow from the Jeans equations:
〈v2z〉 = 〈v2R〉 =
1
ρ
∫ ∞
z
ρ(R, z′)
∂Φ
∂z′
dz′ and 〈v2φ〉 = 〈v2R〉+
R
ρ
∂(ρ〈v2R〉)
∂R
+R
∂Φ
∂R
. (2.37)
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The first order moments in radial and vertical direction and all mixed second order moments
vanish, but in the azimuthal direction there can be a mean streaming component 〈vφ〉 which is not
determined by the Jeans equations. For the bulge this component is set equal to zero, meaning
that the bulge is not rotating. For the dark matter halo it is set such that the angular momentum J
is given by equation (2.33). The dispersion of the Gaussian velocity distribution is then given by
σ2φ = 〈v2φ〉 − 〈vφ〉2.
The velocity structure of the stellar disc is in principe more complicated, but for simplicity it
is also modelled with a triaxial Gaussian. As observationally there is good evidence that for the
disc 〈v2R〉 and 〈v2z〉 are proportional, one sets 〈v2R〉 = fR〈v2z〉 and typically assumes that fR = 1.
To specify the mean streaming the epicyclic approximation which relates the radial and azimuthal
dispersions in the disc is employed (see e.g. Binney & Tremaine 1987). Then the streaming
velocity can be computed using the Jeans equations. For the gas, only a single valued velocity field
is considered, where only the azimuthal streaming velocity has to be specified. It is determined by
the radial balance between gravity and centrifugal pressure such that
v2φ,gas = R
(
∂Φ
∂R
+
1
ρcg
∂P
∂R
)
. (2.38)
All integrations over the force field needed in the Jeans equations are solved on a logarithmic grid
of points in the R− z plane. Values for the velocity structure at individual particle coordinates are
obtained by bilinear interpolation of the grid.
2.5 Application: disc thickening
Having laid out the basic techniques used to create the initial conditions and to evolve these pre-
formed galaxies according to the laws of gravitation and hydrodynamics, we can employ these
methods in a first study of galaxy evolution. For this we focus on MW-like galaxies and study
how their stellar discs evolve during minor mergers. Specifically we investigate the effects of the
dissipative gas component on the stability of the thin stellar disc during these mergers.
The large population of merging satellites has raised the question of whether mergers are too
common in the CDM scenario. Some studies have questioned whether CDM models can produce
a large enough population of ‘bulgeless’ discs (or systems with very low bulge-to-total ratios,
B/T ∼< 0.2) (e.g. Graham & Worley 2008; Weinzirl et al. 2009) and whether thin, dynamically
fragile discs such as the one observed in the MW can survive this bombardment by incoming
satellites (e.g. Toth & Ostriker 1992; Quinn et al. 1993; Walker et al. 1996; Wyse 2001; Bour-
naud et al. 2007). Clearly, there are three main aspects to settling this question: first, we must
understand the statistics of galaxy mass accretion and merger histories in a CDM universe; second,
we need to understand the physics of how galaxies are transformed by mergers with various mass
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ratios, orbits, and other parameters; and finally, we need accurate and unbiased statistics for the
observed populations of the relevant objects (cf. Kormendy & Fisher 2008).
The availability of large, high-resolution N-body simulations has made progress possible on
the first of these aspects. For example, Stewart et al. (2008) recently carried out a detailed study
of statistics of merger events in galaxy-sized dark matter haloes. They confirmed previous re-
sults based on semi-analytic methods (Purcell et al. 2007; Zentner 2007), finding that the ma-
jority of the mass delivery into a dark matter halo of mass Mh is due to systems with masses
Msat = (0.03 − 0.3)Mh. They also found that a large fraction (95 per cent) of MW-sized haloes
have accreted a satellite with a virial mass comparable with the total mass of the MW disc and
approximately 70 per cent have accreted an object with more than twice this mass since z ∼ 1.
There have been numerous studies based on collisionless simulations that have tried to quantify
the effects of these minor mergers on the thickness and stability of stellar discs (e.g. Velazquez &
White 1999; Font et al. 2001; Benson et al. 2004; Gauthier et al. 2006; Kazantzidis et al. 2008,
2009; Villalobos & Helmi 2008). This work has demonstrated that the answer depends quite
sensitively on the mass ratio of the satellite to the primary; there seems to be a consensus that
the main danger to thin discs is not from the ubiquitous mergers with very small mass ratios (less
than∼ 1:10) but rather from the rarer, yet still frequent, events with larger mass ratio (∼>1:10). For
example Kazantzidis et al. (2008) studied the effects of mergers with (0.2−1)Mdisc and concluded
that thin discs could survive such mergers. Employing dissipationless simulations, Purcell et al.
(2009, P09) studied the response of a fully formed MW-like stellar disc within a ∼ 1012M DM
halo to mergers involving satellites with a total mass Msat ∼ 1011M ' 3Mdisc. They came to
the conclusion that regardless of the orbital configuration of the merger these events transform the
discs into structures that are roughly three times thicker than the observed thin disc component of
the MW.
On the observational side, there is a general consensus that ∼70 per cent of MW-mass (∼
1012M) haloes host a disc dominated, late-type galaxy (Weinmann et al. 2006; van den Bosch
et al. 2007; Choi et al. 2007; Park et al. 2007). While it is also well known that the majority of the
mass in the disc of our MW resides in a thin component (e.g. Juric´ et al. 2008), how typical this
situation is for other disc galaxies in the MW’s mass range is less certain. Quantifying the vertical
thickness of the discs of external galaxies has been attempted in a few studies (e.g. Schwarzkopf
& Dettmar 2000; Yoachim & Dalcanton 2006), but is challenging because of small sample sizes,
inclination effects and extinction.
P09 suggested two possible explanations for the existence of a thin disc in our Galaxy: one
possibility is that the MW is not a representative case and that perhaps it has had an unusually
quiet accretion history for a halo of its mass. A second explanation is related to the fact that
all the numerical studies performed so far have only considered the dissipationless components
in the galaxy (dark matter and stars), neglecting the presence of a dissipative gas component in
the disc. However, the inclusion of gas physics is known to play an important role in stabilising
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galactic discs. Numerical simulations have shown that gas is important for the survivability and
the regrowth of stellar discs during major mergers (Barnes 2002; Springel & Hernquist 2005;
Robertson et al. 2006b; Naab et al. 2006; Scannapieco et al. 2009; Governato et al. 2009), and
that the presence of gas in disc-type merger progenitors greatly suppresses the formation of a post-
merger spheroidal component Hopkins et al. (2009a,b). It is reasonable to expect that the presence
of gas in the progenitor disc could also have an impact on the efficiency of the disc heating and
thickening: gas may be able to absorb some of the kinetic impact energy of the merging satellite,
and then radiate this energy away by cooling; or, gas may be able to cool and reform a new thin
disc after the merger, forcing heated stars to contract again onto the disc plane.
Our main goal here is to study in detail how the presence of a dissipational gas component
affects disc thickening in minor mergers. For the first time, we address this problem using a suite
of high-resolution, fully hydrodynamical numerical merger simulations, run with the GADGET-2
code. We consider simulations with and without gas, with a variety of initial orbital parameters,
and with different values of the star formation efficiency parameters. We then re-examine the issue
of whether the cosmologically expected rate of minor mergers presents a problem for CDM in the
light of our new results and the available observations.
2.5.1 Simulation parameters
In our ‘fiducial’ runs, we adopt the standard parameters for the multiphase feedback model in
order to match the Kennicutt law as specified in Springel & Hernquist (2003). The star formation
time-scale is set to t0∗ = 2.1 Gyr, the cloud evaporation parameter to A0 = 1000 and the SN
‘temperature’ to TSN = 108 K, corresponding to a Salpeter IMF. In order to test whether the values
of these (uncertain) parameters affect our results, we reran two simulations with parameters that
are a factor of 4 larger (t0∗ = 8.4 Gyr, A0 = 4000, TSN = 4× 108 K). As Springel et al. (2005a)
noted, this choice of parameters results in a SFR of ∼ 1 M yr−1 for a MW-like galaxy and gives
better agreement with the long gas consumption time-scale inferred for the MW. However, these
parameters yield a SFR that lies slightly below the Kennicutt law.
The SPH properties of the gas particles are averaged over the standard GADGET-2 kernel
using ∼ 64 SPH particles. Additionally the minimum SPH smoothing length is required to be
equal to the gravitational softening length in order to prevent artificial stabilisation of small gas
clumps at low resolution (Bate & Burkert 1997). All simulations have been performed with a high
force accuracy of αforce = 0.005 and a time integration accuracy of ηacc = 0.02 (for further details
see Springel 2005). Stellar winds are neglected in this study.
We construct a set of primary systems, each with a virial mass of Mvir = 1012M containing
a disc and a bulge, and a satellite system with a virial mass of Mvir = 1011M containing only
a bulge. We use the results of Maccio` et al. (2008) to compute halo concentration as a function
of virial mass. Since we wish to study a typical galaxy in a Mvir = 1012M halo, rather than
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Table 2.1 Parameters kept constant for all simulations. Masses are in units of 1010M; scale and
softening lengths are in units of kpc and pc respectively.
System Mvir Mdisc Mb rd rb c Nhalo Ndisc Nbulge
Primary 100 2.4 0.600 3.0 0.5 9.65 4 000 000 1 000 000 500 000
Sat 10 0.0 0.063 0.0 0.3 11.98 900 000 0 100 000
use the specific parameters of the MW, we use the average stellar-to-halo mass ratio derived by
Moster et al. (2010) to compute the stellar mass of every system (both primaries and satellites).
The Moster et al. (2010) constraints were derived empirically by asking how the population of
dark matter haloes and sub-haloes predicted by CDM must be populated with galaxies in order
to reproduce the observed galaxy stellar mass function, and are in excellent agreement with con-
straints from other methods such as galaxy clustering, satellite kinematics and weak lensing. Note
that the stellar mass we get for a typical galaxy in a Mvir = 1012M halo is significantly less than
what is found for the MW and M31 (cf. Klypin et al. 2002).
All primary systems have a concentration parameter of c = 9.65 and a stellar mass ofM∗,pri =
3× 1010M. Distributing 80 per cent of this stellar mass into the exponential disc yields a stellar
disc mass of Mdisc = 2.4 × 1010M and a bulge mass of Mb,pri = 6 × 109M. We assume a
bulge scalelength of rb,pri = 0.5 kpc.
For models that also include a gaseous disc component we add Mgas,20% = 0.6 × 1010M
and Mgas,40% = 1.6× 1010M such that the gas fraction in the disc is 20 per cent and 40 per cent
in the two cases (cf. Stewart et al. 2009). The total disc mass is then Md,0% = 2.4 × 1010M,
Md,20% = 3.0 × 1010M and Md,40% = 4.0 × 1010M for a gas fraction of 0, 20 and 40 per
cent, respectively. We decided to keep the total stellar mass constant in order to have a more
direct comparison between the dissipational and dissipationless cases. We fix the disc scaleradius
at rd = 3.0 kpc for all primary galaxies; because in the Mo et al. (1998) model, rd depends on
the disc mass and on the halo spin parameter, we have chosen λ in each case such that this value
of rd is obtained in all primary systems. The corresponding spin parameters are λ0% = 0.033,
λ20% = 0.034 and λ40% = 0.036. We consider two cases for the initial disc scaleheight: we adopt
a ‘fiducial’ value of z0 = 0.4 kpc for direct comparison with P09, and also consider an initially
thinner disc with z0 = 0.25 kpc for two values of the gas fraction (0 and 20 per cent). Edge-on
surface brightness maps for the initial conditions of our primary galaxies are shown in the upper
and lower left panels of Figure 2.1 for z0 = 0.4 and 0.25 kpc, respectively.
The satellite systems consist only of a dark matter halo and a stellar bulge. The concentration
parameter of the satellite halo is c = 11.98. Using the stellar-to-halo mass ratio we derive a stellar
mass of Mb,sat = 6.3× 108M. We set the scalelength of the bulge to rb,sat = 0.3 kpc.
The primary systems always contain Ndm = 4 × 106 dark matter, Ndisc = 106 stellar disc
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Table 2.2 Parameters for the different simulation runs. Masses are in units of 1010M, and scale-
height and softening lengths are in units of kpc and pc respectively. The star formation time-scale
(t0∗) is expressed in Gyr. The first three entries are for isolated galaxies, and the remainder are for
mergers.
Run fgas Mgas Md Ngas gas λ z0 θ t0∗ A0 TSN
IA 0.0 0.0 2.4 0 0 0.033 0.40 - 2.1 1000 1× 108K
IB 0.2 0.6 3.0 125 000 70 0.034 0.40 - 2.1 1000 1× 108K
IC 0.4 1.6 4.0 333 333 70 0.036 0.40 - 2.1 1000 1× 108K
MA60 0.0 0.0 2.4 0 0 0.033 0.40 60◦ 2.1 1000 1× 108K
MB60 0.2 0.6 3.0 125 000 70 0.034 0.40 60◦ 2.1 1000 1× 108K
MC60 0.4 1.6 4.0 333 333 70 0.036 0.40 60◦ 2.1 1000 1× 108K
MA45 0.0 0.0 2.4 0 0 0.033 0.40 45◦ 2.1 1000 1× 108K
MB45 0.2 0.6 3.0 125 000 70 0.034 0.40 45◦ 2.1 1000 1× 108K
MA30 0.0 0.0 2.4 0 0 0.033 0.40 30◦ 2.1 1000 1× 108K
MB30 0.2 0.6 3.0 125 000 70 0.034 0.40 30◦ 2.1 1000 1× 108K
MA60T 0.0 0.0 2.4 0 0 0.033 0.25 60◦ 2.1 1000 1× 108K
MB60T 0.2 0.6 3.0 125 000 70 0.034 0.25 60◦ 2.1 1000 1× 108K
MB60S 0.2 0.6 3.0 125 000 70 0.034 0.40 60◦ 8.4 4000 4× 108K
MB60TS 0.2 0.6 3.0 125 000 70 0.034 0.25 60◦ 8.4 4000 4× 108K
and Nbulge = 5 × 105 bulge particles. Models with 20 and 40 per cent gas fractions contain
Ngas,20% = 1.25 × 105 and Ngas,40% = 3.33 × 105 gas particles, respectively. The satellite
system consists of Ndm = 9 × 105 dark matter and Nbulge = 105 bulge particles. We set the
gravitational softening lengths to  = 50 pc, 70 pc and 100 pc for stellar, gas and dark matter
particles, respectively.
Following P09 we choose orbits which are motivated by studies of substructure accretion in
cosmological N-body simulations. The most likely values of the radial and tangential velocity
components (vr and vt) are found to be respectively at 90 and 60 per cent of the virial velocity of
the primary halo (Benson 2005; Khochfar & Burkert 2006). For a halo of mass Mvir = 1012M
the virial velocity is vvir = 129 km s−1 which results in an initial subhalo velocity with vr =
116 km s−1 and vt = 77 km s−1. The initial separation of the galaxies was chosen to be relatively
large, dstart = 120 kpc, in order to prevent significant perturbations of the disc due to the sudden
presence of the satellite’s gravitational pull. Once dstart is chosen, the orbital parameters are
uniquely determined. This, of course, limits our study to a single cosmologically motivated orbit.
Our combination of initial velocity and distance fixes the pericentric distance at∼ 18 kpc. We use
a set of three orbital inclinations (θ = 60◦, 45◦ and 30◦, where θ is the angle between the spin
axes of the disc and the orbit) to investigate the effect of the inclination on the rate of thickening
of the disc. All orbits are prograde and all simulations were evolved for a total of 6 Gyr. Prograde
orbits are expected to be more destructive to the disc than retrograde mergers (Velazquez & White
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Figure 2.1 Edge-on surface brightness maps for galaxies with an initial scaleheight of z0 =
0.40 kpc (upper row) and z0 = 0.25 kpc (lower row). The left column shows the initial mod-
els while the centre and the right columns show the final galaxies (t=6 Gyr) for an initial gas
fraction of 0 and 20 per cent, respectively. A mass-to-light ratio of 3 (M/L) has been assumed,
typical of the MW in the B-band.
1999).
We summarise the parameters that are kept constant for all simulations in Table 2.1, and pa-
rameters that differ for the various simulation runs are summarised in Table 2.2. We label the
different simulations with the first letter I for isolated runs and an M for mergers. The second
letter signifies the gas fraction of the disc followed by a number signifying the orbital inclination.
We add a T for discs with an initial scaleheight of z0 = 0.25 and an S for simulations with a lower
star formation efficiency. We adopt a gas fraction-inclination combination of 20 per cent and 60◦
as our fiducial model.
2.5.2 Analysing the density profiles
In order to study the evolution of the disc we compute the stellar mass density as a function of the
distance to the galactic plane at a distance ofR ∼ 8 kpc from the disc spin axis. Figure 2.2 shows
density profiles for a set of simulations that do not contain any gas. In the left panel, stellar mass
density profiles of the initial disc (with z0 = 0.4 kpc) and the final discs for an isolated galaxy
and mergers with three inclination angles are plotted. To compare simulations to observations we
also compute the edge-on projected surface brightness as a function of the distance to the galactic
plane at a radius of R. This is done by taking a vertical slice at a distance of R to the galactic
centre and assuming a mass-to-light ratio of M/L = 3(M/L), appropriate for the MW in the
B-band (Zibetti et al. 2009). In the right panel of Figure 2.2, the edge-on surface brightness
profiles are shown for the same simulations. As is clearly visible from both panels, the disc of
the isolated galaxy is stable over the duration of the simulation, while during mergers the profiles
clearly broaden, implying that the disc becomes thicker.
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Figure 2.2 Density profiles for the initial (z0 = 0.4 kpc) and final discs for an isolated galaxy and
mergers with three inclination angles, for the simulations with no gas. The left panel shows the
stellar mass density as a function of the distance to the galactic plane at a radius of 8 kpc. The
right panel shows the edge-on projected surface brightness at a projected radius of 8 kpc.
Figure 2.3 Disc scaleheight derived from fitting to the stellar mass density at different radii, for
the initial (dotted line) and final states of a an isolated galaxy (IA; dashed line) and for a merger
without gas (MA60, solid line) and with 20 per cent gas (MB60; dot-dashed line), both for an
inclination of 60◦.
2.5. Application: disc thickening 33
Figure 2.4 Evolution of the disc scaleheight for simulations with no gas. The solid line shows the
scaleheight of an isolated galaxy while the other lines illustrate mergers with different inclinations.
We note that the projected edge-on surface density profiles are thicker than the ‘slices’ through
the 3d mass density profiles. To understand this we plot the disc scaleheights derived by fitting
to the 3d stellar mass density slices at different radii in Figure 2.3. This shows that z0 increases
with increasing distance from the galaxy centre. When computing the projected edge-on surface
density profiles, stellar particles with a larger distance from the galactic centre than the specified
radius are naturally included, since some of these particles happen to lie along the line of sight.
These particles are on average also more distant from the galactic plane, as Figure 2.3 indicates.
This results in an apparently thicker edge-on surface density profile and a larger projected disc
scaleheight. In order to compare our results with observations we use the scaleheight obtained by
fitting to the projected edge-on surface density profile in the following.
2.5.3 Stability of the initial conditions and evolution of the scaleheight
Galactic discs are fragile systems and there is always the possibility that purely numerical effects
can modify their morphology, e.g. through bar formation or flaring. The stability of the initial disc
is then a key point to be addressed before looking at the effects of satellite mergers. To quantify
the amount of disc thickening we fit for the value of z0 assuming a sech2 profile. We always fit to
the projected edge-on surface brightness profile at R as discussed above.
The dotted and dashed lines in Figure 2.3 show the values of the disc scaleheight as a function
of radius for an isolated galaxy (IA) at t = 0 and t = 6 Gyr, respectively. The final disc does not
develop any appreciable flaring and the thickening at larger distances is negligible compared to the
thickening due to satellite accretion events. In Figure 2.4 we show the resulting time evolution of
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z0 for an isolated galaxy and mergers with varying inclinations, all containing no gas. The isolated
case (solid line) shows that in the absence of perturbations the thin disc is extremely stable during
the 6 Gyr time-scale over which we run the simulations. This is also true for the isolated runs
including a gas component (IB and IC) as the solid and dashed lines in Figure 2.5 show. This
implies that any increase in z0 is due to accretion events. We see that regardless of the inclination
of the orbit, the disc thickens significantly in the merger simulations, with z0 increasing by a factor
of ∼ 2.
We note that we also ran a simulation of an isolated galaxy using one fourth the number of
particles of our fiducial case (in all species) and find that the scaleheight increases by 50 per cent.
This demonstrates the importance of numerical resolution in determining the disc stability.
2.5.4 The effect of gas in the disc
All of the previous numerical experiments devoted to studying the heating and thickening of stellar
discs by minor mergers have included only the dissipationless components of the galaxies: dark
matter and stars. The presence of a gaseous component in the disc, which requires a hydrody-
namical approach to the problem instead of a purely gravitational one, has been neglected so far.
The presence of gas may suppress disc thickening in two ways. One possibility is that the gas
may absorb some of the kinetic impact energy of the merging satellite, which can then be removed
from the system by radiative cooling. In this way the impact energy that is transferred to the stars,
causing heating and thickening, may be reduced. Another possible mechanism is that gas forms
a new thin stellar disc after the merger. This disc could then cause the heated stars to contract
towards the disc plane.
We analyse the surface brightness profiles of the merger simulations with gas, and show the
resulting evolution of the scaleheight in Figure 2.5 for initial gas fractions of 0, 20 and 40 per cent,
and an inclination of 60◦ (MA60, MB60 and MC60). This shows that the presence of gas does
indeed suppress the thickening of the disc by a minor merger. The final scaleheight increases by
a factor of ∼ 1.75 for the 20 per cent gas case, and by only a factor of 1.5 for the 40 per cent gas
case, in contrast to the factor of 2 increase in the gas-free case (corresponding to a decrease in the
final scaleheight of 25 and 50 per cent, respectively).
One might wonder whether the reduced thickening is due to the additional potential of the
gas particles. In order to investigate whether the gas physics or the greater potential have a larger
impact on the suppression of the disc thickening, we ran two additional collisionless simulations.
For the first simulation we use the initial conditions of MC60 and convert all gas particles to
stellar particles at t = 0 Gyr (MC60X). We thus get an additional stellar disc which has the
same profile and potential as the previous gaseous disc, but behaves collisionlessly during the
simulation. In a second simulation we create a galaxy like MA60 but increase the mass of the
stellar disc to Mdisc = 4.0 × 1010M (MA60Y). This galaxy has the same disc mass as MC60
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Figure 2.5 Evolution of the disc scaleheight for simulations with gas. The solid and the dashed
lines show the isolated case while the other lines illustrate mergers with different gas fractions (0,
20 and 40 per cent for MA60, MB60 and MC60, respectively).
Figure 2.6 Evolution of the disc scaleheight for simulations without gas but with a more massive
disc. The dotted lines shows the result for a simulation with an additional collisionless disc having
the same mass and distribution as the gas disc in MC60. The dashed line shows the result of a
simulation containing one stellar disc with increased mass (equal to the total baryonic mass in
MC60). The solid and dot-dashed lines indicate the reference cases (MA60, MC60, IC). We see
that the presence of dissipational gas, not the more massive disc, is responsible for the reduction
in disc thickening.
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Figure 2.7 Star formation rates for isolated galaxies and mergers, with initial gas fractions of 20
(IB, MB60, MB45, MB30) and 40 per cent (IC, MC60) in the progenitor disc.
and MC60X. Figure 2.6 shows that in both collisionless simulations (MC60X and MA60Y) the
disc scaleheight increases by a factor of ∼ 2. The final scaleheights are equal or even larger than
for the less massive galaxy without gas (MA60). This demonstrates that the suppression of the
thickening in the runs including gas is not due to the additional potential of the gas disc but lies in
the hydrodynamical nature of the particles.
In order to gain insights into the physical process that is causing this change in behaviour, we
examine the SFR as a function of time. The results are shown in Figure 2.7. The galaxy with a gas
fraction of 40 per cent (IC and MC60) naturally starts with a high SFR (∼ 18 M yr−1), while
the galaxy with a gas fraction of 20 per cent (IB, MB60, MB45 and MB30) starts with a lower
SFR of ∼ 4 M yr−1. We see that 1:10 mergers do not have a noticeable impact on the SFR.
The SFR quickly drops to low values under 1 M yr−1 (after 2.5 Gyr for a gas fraction of
40 per cent and 1.5 Gyr for the gas fraction of 20 per cent). This implies that most of the gas is
consumed before the merger is complete. Thus, the galaxy is not able to reform a new thin stellar
disc after the merger, which could pull heated stars towards the galactic plane again. This means
that the dominant process preventing disc heating in the simulations above is the absorption of the
kinetic impact energy of the satellite by the gas component. This can also be directly inferred from
Figure 2.5: from about 2 Gyr, one can see that the growth of the scaleheight z0 is slower in the
simulations with gas, indicating that from the beginning the gas is absorbing the impact energy and
preventing the disc from thickening considerably. If the main mechanism was the reforming of a
new thin disc, one would see the disc thicken and then contract again. This would mean a different
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Figure 2.8 Evolution of the disc scaleheight for old stars (created in the initial conditions) and new
stars (created during the simulation through star formation). The scaleheight for the combined
sample is also shown for comparison.
slope for the z0 time evolution in runs with different gas fractions, however, we find similar slopes
for all gas fractions indicating that this process is not dominant.
Another way to demonstrate that the formation of a new disc does not reduce the disc thick-
ening noticeably in our simulations is to compare the scaleheight of the stellar particles created
in the initial conditions (old stars) to the scaleheight of the stellar particles that form during the
simulation through star formation (new stars). In Figure 2.8 we compare the evolution of z0 for
old and new stars in our fiducial case MB60. The new stars clearly form a thinner disc than the
old stars, however, the combined sample has a scaleheight which is only slightly thinner than the
old stellar disc. This is due to the much larger mass contained in the old stellar disc component.
Figure 2.9 shows the resulting edge-on projected surface brightness profile for the 40 per cent gas
case at 8 kpc for old, new and all stars and a fit to the combined stellar disc using a sech2 model.
The combined profile does not show an obvious transition between the old and the new disc pro-
file. However, one has to keep in mind that we are using a single sech2 model to fit two distinct
profiles, implying that the fitted scaleheight of the combined sample decreases due to the presence
of the new thin disc. The new and old discs have a final scaleheight of 0.38 and 0.66 kpc while the
total stellar disc has z0 = 0.61 kpc. This shows that even for a gas fraction of 40 per cent (which
is expected for disc galaxies at z ∼ 1 but not for local galaxies at the present time), the new thin
disc is not massive enough to reduce the total disc scaleheight significantly. In order to form a new
thin disc with a mass comparable to the old stellar disc, the SFR after the merger would have to be
much higher. This could occur in the case of an extremely gas-rich initial disc (≥ 90 per cent gas;
Robertson et al. 2006b; Hopkins et al. 2008).
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Figure 2.9 Final edge-on projected surface brightness profile for the 40 per cent gas case at a
projected radius of 8 kpc for old, new and all stars. The solid line shows the fit to the combined
stellar disc profile.
Figure 2.10 Evolution of the disc scaleheight for simulations with gas. The solid line shows the
scaleheight of an isolated galaxy while the other lines illustrate mergers with different inclinations.
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Figure 2.11 Evolution of the scaleheight for a disc with a smaller initial scaleheight. The solid
line shows the ‘thin disc’ simulation without gas, the dotted line shows thin disc case with 20 per
cent gas, and the dashed line shows the 20 per cent gas case with the original choice of initial
scaleheight.
In order to investigate the influence of the orbital inclination on the disc thickening we compute
the evolution of the scaleheight for mergers with gas fractions of 20 per cent for three different
orbital inclinations θ = 60◦, 45◦, 30◦(MB60, MB45, MB30 respectively). We plot the results in
Figure 2.10. The black solid line (IB) represents the isolated case with gas (20 per cent), which is
seen to be very stable as in the no-gas case. The results for different orbital inclinations show that
the value of θ has a small effect on the growth of the scaleheight. Regardless of the inclination,
the overall increase of the scaleheight for simulations including gas is about 25 per cent smaller
than in the respective dissipationless simulations.
2.5.5 A thinner initial disc
The choice of initial scaleheight for our primary disc was somewhat arbitrary. In order to investi-
gate whether a thinner initial disc would result in a thinner disc today, we simulate a merger of a
disc with an initial scaleheight of z0 = 0.25 kpc both without and with gas (20 per cent) and an
inclination of 60◦. The resulting evolution of z0 is shown in Figure 2.11. The final scaleheight of
the disc without gas is as large as the scaleheight of the corresponding initially thicker discs. This
may be due to the fact that an initially thicker disc is more robust to heating by accretion events
(Kazantzidis et al. 2009). When gas is present, the final scaleheight is slightly smaller in the case
with an initially thinner disc, but even a thinner initial disc is transformed into a system with a
scaleheight of more than 0.6 kpc. Thus, even when the effects of gas in the progenitor disc are
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Figure 2.12 Left panel: SFR for simulations with the default (MB60, MB60T) and lowered star
formation efficiencies (MB60S, MB60TS), for the disc with initial scaleheight z0 = 0.4 kpc and
z0 = 0.25 kpc (T). Right panel: Mass of stellar particles formed during the simulations.
included, it seems to be difficult to obtain a disc with a scaleheight that is substantially smaller
than this value following a minor (mass ratio greater than 1:10) merger.
2.5.6 Lower star formation efficiency
In order to investigate the sensitivity of our results to the parameters chosen for star formation
and SN feedback, we have run some simulations with lower star formation efficiency. In partic-
ular, we were interested to see whether adopting a lower star formation efficiency would allow
a more significant new thin disc to reform following the merger. For this test we employ a star
formation time-scale t0∗ = 8.4 Gyr, a cloud evaporation parameterA0 = 4000 and a SN ‘tempera-
ture’ TSN = 4.0× 108 K in order to have a SFR of∼ 1 M yr−1 for a MW-like Galaxy (Springel
et al. 2005a). We run this case for initial scaleheights of z0 = 0.4 kpc and z0 = 0.25 kpc, in both
cases using our fiducial value of a 20 per cent gas fraction and an inclination of 60◦.
We first compare the SFRs of the simulations with lowered star formation efficiencies with our
fiducial results. The left panel of Figure 2.12 shows the SFRs for the simulations MB60, MB60T,
MB60S and MB60TS. As we see, the SFRs in MB60S and MB60TS are initially lower than those
of MB60 and MB60T, respectively. After the merger (t ∼ 1.8 Gyr) however, the simulations
with the lower star formation efficiency have a higher SFR, since MB60 and MB60T have already
consumed most of their gas supply. Due to the lower SFR during the early stages of the simulation,
the amount of newly formed stellar mass is still lower in MB60S and MB60TS, as can be seen
in the right panel of Figure 2.12. This means that the thin disc consisting of new stars affects
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Figure 2.13 Evolution of the disc scaleheight for simulations with higher (MB60, MB60T) and
lower star formation efficiencies (MB60S, MB60TS).
the overall disc scaleheight even less than in the simulations MB60 and MB60T. The resulting
scaleheights are plotted in Figure 2.13. As expected from the SFRs, the scaleheights of MB60S
and MB60TS are slightly larger than those of MB60 and MB60T, respectively.
Clearly, in order for the disc thickening problem to be solved by the growth of a new stellar
disc following the merger, the mass of the new disc must be comparable in mass to that of the
old stellar disc. This implies that a significant amount of gas must remain available at the end of
the merger. Based on our results, when the star formation and SN feedback parameters are tuned
be consistent with the empirical Kennicutt law, most of the gas tends to be consumed during the
merger. Simulations with much higher initial gas fractions (∼ 90 per cent) or which included a
new source of cold gas (e.g. via cooling and accretion from a hot halo) might be able to regrow a
more massive thin disc.
2.5.7 Conclusions and discussion
We investigated the role of dissipational gas physics in the vertical heating and thickening of disc
galaxies by minor mergers (mass ratio ∼ 1:10). We used the parallel TreeSPH-code GADGET-2
to simulate a suite of minor merger simulations for a MW-like primary galaxy. The suite con-
sists of collisionless simulations as well as runs containing gas in the disc. Using cosmolog-
ically motivated orbital parameters, we ran simulations with three different orbital inclinations
(60◦, 45◦ and 30◦) and two different initial disc scaleheights (z0 = 0.4 kpc and z0 = 0.25 kpc).
We fit for the value of the scaleheight z0, assuming a sech2 form for the vertical density profile.
We showed that the scaleheight derived from a fit to the mass density is a strong function of the
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radial distance to the disc axis: as is well known, minor mergers tend to cause flaring in the outer
part of the disc. This results in projected edge-on surface density profiles which appear thicker
than the actual three dimensional density profiles since stars that are at a large distance from the
galactic centre and thus also more distant from the galactic plane are viewed along the line of
sight.
We found that in dissipationless simulations, minor mergers (without gas) caused the scale-
height of the disc to increase by about a factor of two, with the orbital inclination affecting the
amount of thickening by only about five percent. Thus, in qualitative agreement with the results
of P09, we find that in the absence of gas, cold thin discs are destroyed by minor mergers. How-
ever, it is interesting that in spite of the fact that the parameters of our simulations were chosen to
be very similar to those of P09, they found that the scaleheight of the disc increased by a larger
factor of ∼ 3, leading to a final disc about twice as thick as ours (despite having the same initial
scaleheight).
Although the discs in both simulation suites are stable against secular evolution effects, this
does not necessarily ensure that both models are equally resistant to strong perturbative effects
during an accretion event. Possible reasons for this discrepancy may be the use of a different
IC generator and a different simulation code. The velocity dispersions for example are fixed
differently; while in our ICs the radial and the vertical velocity dispersions are equal, the code
used by P09 reproduces the velocity ellipsoid for the MW. This may result in an initially hotter disc
for our typical galaxy (for a Mvir = 1012M halo) which is more resilient to massive accretion
events. Other intrinsic differences in the simulations of P09 are a more massive disc (which may
potentially be less stable due the formation of a bar) and a larger stellar mass of the satellite (which
results in a larger gravitational pull each time the subhalo passes the disc). We also note that P09
use a different concentration parameter (for both the primary halo and the subhalo) and chose a
Sersic profile for the bulge and an NFW profile for the halo component while we use a Hernquist
profile for both components. It is not obvious which of the mentioned differences has the largest
impact on the resulting disc scaleheights.
We note that our results are consistent with those of Villalobos & Helmi (2008). These authors
start with similar initial conditions but employ a thicker disc (z0 = 0.7 kpc). The final scaleheights
are between 1.0 and 1.3 kpc, depending on the orbital inclination and are not as extreme as found
by P09. The relative thickening is even lower than in our simulations, confirming that initially
thicker discs are more robust to accretion events.
We also investigated mergers in which the progenitor disc initially contained a gas fraction
of 20 or 40 per cent. We found that the presence of gas reduces the final scaleheights by 25 per
cent (50 per cent) for a gas fraction of 20 per cent (40 per cent). The final scaleheights were
between 0.6 and 0.7 kpc (1.5 to 1.75 times larger than the initial value), depending on the initial
gas fraction and the orbital inclination. We argued that the presence of gas can have an impact
on disc thickening via two different mechanisms. One process is the absorption of kinetic impact
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energy by the gas. This energy can then be dissipated via radiation. Another possible effect
is the formation of a new thin disc, which can cause heated stars to re-contract towards the disc
plane. We showed that in our simulations, in which the star formation and SN feedback parameters
were set to be consistent with the empirical Kennicutt law for the initial disc, most of the gas is
consumed during the merger, and therefore the regrowth of new thin discs has a negligible impact
on the mass-weighted scaleheight of the post-merger galaxy. Therefore, it seems that the main
process that suppresses disc thickening in the presence of gas in our simulations is the absorption
of impact energy by the gas.
We computed scaleheights for old stars (i.e. stellar particles that were present in the initial con-
ditions) and for new stars (stellar particles created during the simulation through star formation).
The scaleheight for old stars was found to be slightly higher than the overall value (∼ 0.73 kpc vs
∼ 0.67 for our fiducial case of 20 per cent gas and a 60◦ inclination) while the scaleheight of the
new stars was about half of that value (∼ 0.35 kpc). We showed that the final mass of the new disc
is small compared to that of the old disc. This indicates that although a new thin disc does form,
it does not have a significant effect on the final thickness of the total disc. We argue that in order
to have a noticeable effect, the new thin disc would need to be comparable in mass to the old disc,
which would require that a significant mass of cold gas is still present at the end of the merger.
We ran simulations with two different initial scaleheights, z0 = 0.40 kpc (fiducial case) and
z0 = 0.25 kpc (thin). As it turns out, thinner discs are more unstable to heating and are therefore
thickened more by the merger than initially thicker discs. As a result, the two cases result in discs
with nearly the same final scaleheight (∼ 0.6 kpc for the 20 per cent gas fiducial case).
To study the sensitivity of our results to the parameters controlling star formation and SN
feedback, we ran simulations with a lower star formation efficiency. In these simulations, less
gas is consumed and so the SFR at the end of the merger is higher. However, we found that the
final mass of the new disc was still lower than in the simulations with the higher star formation
efficiency. This results in final scaleheights that are slightly larger than in the fiducial case. We
conclude that in order to reform a new thin disc comparable in mass to the old disc, either the
initial gas fraction would have to be much higher, or an external fuelling reservoir (such as cooling
and accretion from a hot halo) would be needed (Sommer-Larsen et al. 2003; Kaufmann et al.
2006; Grcevich & Putman 2009; Peek 2009).
In the light of our results, we can now reassess whether disc thickening by minor mergers
presents a serious problem for CDM. First, we need to compare the fraction of disc galaxies that
are expected to have had a minor merger (mass ratio greater than 1:10 but less than about 1:4)
since z ∼ 1 with the fraction of observed galaxies with thin discs. Observations show that roughly
70 per cent of MW-sized haloes host late-type galaxies (Weinmann et al. 2006; van den Bosch
et al. 2007). Based on an analysis of cosmological simulations, Stewart et al. (2008) find that 20
per cent of Galaxy-sized haloes did not experience any merger event of 1:10 or larger in the past
8 Gyr. This implies that 30 per cent of all MW-like galaxies did not have such a merger, and as a
44 Chapter 2. Numerical Simulations
result can be expected to have retained their thin disc. This means that if less than 30 per cent of
all MW-like galaxies are found to have scaleheights that are substantially lower than those found
in our simulations (∼ 0.6 kpc) then there is no discrepancy.
Obtaining statistically unbiased observational measurements of scaleheights for a complete
sample of galaxies is difficult, due to small sample sizes, dust extinction, and inclination effects.
Still there have been many studies focusing on the vertical structure of galaxies (e.g. Shaw &
Gilmore 1989, 1990; de Grijs & van der Kruit 1996; de Grijs et al. 1997; Pohlen et al. 2000;
Kregel et al. 2002; Bizyaev & Kajsin 2004). All these studies suggest that the majority of ob-
served galaxies with properties similar to those of the MW have sech2 scaleheights in the range of
0.6 < z0 < 1.0 kpc with a ratio between scaleheight and scalelength between 0.2 and 0.3. These
values have been determined from observed two-dimensional surface brightness profiles. Usually
it is assumed that scalelength and scaleheight are independent parameters. A model 2d surface
brightness profile consisting of an exponential radial factor and a vertical factor (sech2, sech or
exp) is then fitted to the observed 2d profile. All scaleheights cited here have been converted to a
sech2 profile.
A statistical study of the vertical structure of spiral galaxies is presented in Schwarzkopf &
Dettmar (2000). They found that the majority (∼ 60 per cent) of galaxies have vertical scaleheights
less than 1.1 kpc, with a maximum between 0.4 kpc ≤ z0 ≤ 0.8 kpc, while galaxies with a
very thin disc (z0 < 0.4 kpc) are extremely rare. Similar results were obtained by Yoachim &
Dalcanton (2006), who derived scaleheights for a sample of edge-on galaxies and presented a
relation between scaleheight and circular velocity. They showed that Galaxy-sized systems are
expected to have scaleheights in the range 0.6 kpc ≤ z0 ≤ 1.2 kpc. In order to compare our
results to these studies, we compute 2d edge-on disc surface brightness profiles (as shown in
Figure 2.1) and fit a model 2d profile consisting of an exponential radial and sech2 vertical disc to
the simulated profiles. For the collisionless fiducial run MA60 the final scaleheight is 0.74 kpc,
while for the fiducial runs including a gas disc MB60 and MC60 the scaleheights are 0.66 and
0.62 kpc, respectively. These values fall precisely in the observed range.
Previous theoretical studies, such as P09, have focussed on whether the observed scaleheight
of the MW is in conflict with the predictions of CDM models. We revisit this issue as well. There
have been various studies of the vertical structure of the MW (e.g. Bahcall & Soneira 1980; Kent
et al. 1991; Reid & Majewski 1993; Larsen & Humphreys 2003; Juric´ et al. 2008). These studies
find exponential scaleheights for the MW’s old thin disc of hz ∼ 0.3 kpc and for the young star
forming disc of hz ∼ 0.1 kpc. As is standard in the literature, we convert these exponential
scaleheights to values corresponding to a sech2 function using z0 = 2hz (which yields very good
agreement between the two profiles at z ≥ z0 and reasonable agreement at z0 > z). This results
in scaleheights of z0 = 0.6 kpc (old disc) and z0 = 0.2 kpc (young disc). The former is just what
we find for the overall scaleheight in our fiducial merger with gas, while the latter is very close to
what we find for the disc of new stars, as shown in Figure 2.8. Thus, in the light of our results,
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even if the MW did experience a recent 1:10 merger, if the disc contained even 20 per cent gas
(similar to the gas fraction today) at the time of the merger, there is no conflict with observations.
Of course, it is also possible to explain the MW by assuming that it is one of the 30 per cent of
systems that did not experience a 1:10 merger. It has been previously suggested by Hammer et al.
(2007), based on the unusually low mass and angular momentum of the MW disc, that our Galaxy
may have had a particularly quiescent formation history.
We also note that while we are fitting the scaleheight to mass profiles, observational studies
use luminosity profiles to derive z0 . Based on the models of Bruzual & Charlot (2003) for a single
age stellar population, we expect the B-band mass-to-light ratio of very young stars (ta < 2 Gyr)
and old stars (ta > 8 Gyr) to differ by a factor of ∼ 4. This implies that the new stellar particles
should carry a correspondingly larger weight in a luminosity-weighted fit, resulting in a smaller
estimated scaleheight. However, as seen in Figure 2.12, the mass of such young stars formed in
our simulations is very small (only about a tenth of the mass of the pre-existing stellar disc), so
even if we accounted for the age-dependent mass-to-light ratio, the overall measured scaleheight
would not differ significantly from the mass-weighted one. Moreover, young stars will also tend
to be more enshrouded by dust, further reducing their impact on the measured scaleheight.
Finally, the simulations presented here still neglect the larger scale environment and cosmo-
logical growth of the galaxy. The progenitors of MW discs presumably had somewhat different
properties (smaller masses, higher gas fractions, and possibly thicker discs) than their present-day
counterparts. Perhaps most importantly, one expects these systems to have accreted a significant
amount of new material over the course of the past 6 - 8 Gyr via accretion and cooling from a
hot gas halo. This additional supply of cold gas to the disc could enhance the formation of a new,
thin disc and further reduce the thickening by minor mergers. We plan to re-examine this problem
in the context of simulations with a cosmologically motivated merger and accretion history, and
including cooling from a hot halo, in chapter 4.
In final summary, in contrast with the conclusions reached by P09 using dissipationless simu-
lations, we conclude that the existence of a thin disc in the MW is not in obvious conflict with the
predictions of the CDM model. Although the MW may have had an unusually quiescent merger
history, mooting the issue of disc thickening by minor mergers, our results indicate that one does
not need to rely on such an argument. When we include a moderate amount of cold gas in the
progenitor disc (similar to the gas fractions observed in typical spirals today), the scaleheights
of simulated discs that have experienced a 1:10 merger are in good agreement with the observed
values both for the MW thin disc and for external galaxies.
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Chapter 3
Semi-Analytic Modelling
Semi-analytic models (SAMs) of galaxy formation are embedded within the framework of a
ΛCDM initial power spectrum and the theory of the growth and collapse of fluctuations through
gravitational instabilities. Following the formation of dark matter haloes, the models include a
simplified yet physical treatment of gas cooling, star formation, SN and BH feedback, and merg-
ing of galaxies. They employ a Monte-Carlo approach which enables both the study of individual
objects and global, statistical quantities. In contrast to numerical simulations, many realisations
can be run in a very short amount of time. SAMs are thus an efficient way of exploring the large
parameter space occupied by many uncertainties associated with the physics of e.g. cooling, star
formation, feedback, and the IMF. As a result, studies using SAMs have been very successful in
the prediction and explanation of observed statistical galaxy properties, such as invoking feedback
mechanisms to model the galaxy luminosity function (Croton et al. 2006; Bower et al. 2006),
explaining the tight correlation between radii, velocity dispersions and luminosities of elliptical
galaxies (‘fundamental plane’, e.g. Hatton et al. 2003), reproducing the observed global star for-
mation history (cf. Madau et al. 1996; Baugh et al. 1998) and solving the ‘missing satellite
problem’ (cf. Moore et al. 1999; Maccio` et al. 2010).
3.1 Merger trees
The starting point for every SAM is to specify the background cosmology. At the current date,
this is usually a CDM universe with a cosmological constant (ΛCDM) and initial fluctuations that
follow a Gaussian random distribution. Once the cosmological parameters have been determined,
the pattern of primordial density fluctuations is defined and the time evolution of their collapse
into gravitationally bound structures is set. The dark matter component forms haloes which can be
termed the cradles of galaxy formation, as they provide the necessary potential well in which hot
gas can cool and accrete into a cold disc, subsequently forming stars and thus creating a galaxy.
The first step for every galaxy formation model thus has to be the sampling of the dark matter
haloes which includes three main properties. One is the abundance of haloes at different masses
and redshifts and specifies, how many haloes of a specific mass have formed at a certain redshift.
This information is given by the halo mass function. The second property is the formation history
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Figure 3.1 A schematic merger tree for a dark matter halo. The horizontal lines represent snapshots
during the evolution of a halo and correspond to time-steps in a numerical simulation or Monte-
Carlo realisation of the tree. The top line indicates the earliest time-step (high redshift) and the
bottom line shows the latest time-step (z = 0). The size of the circles indicates the mass of each
halo. The haloes grow through merger events and by accretion of objects below the resolution
limit.
of the haloes which indicates how many smaller haloes were accreted onto a specific halo and at
which time. This process will be especially important for the shaping of the galaxy structure and
is commonly depicted by so-called merger trees. A schematic merger tree is shown in Figure 3.1:
many small haloes at high redshift (top line) subsequently merge and form one large halo at z = 0
(bottom line). The last important property is the internal structure of each halo, i.e. the radial
density profile and the angular momentum.
There have been two main approaches in the literature in order to model the halo population.
The first is the EPS formalism which uses an analytic technique to built the individual merger
trees with a Monte-Carlo method. Example of this method include Kauffmann & White (1993),
Lacey & Cole (1993) and Somerville & Kolatt (1999). In the second approach, the haloes and the
merger trees are directly extracted from an N -body simulation. This method has been applied by
e.g. Kauffmann et al. (1999), Springel et al. (2001) and De Lucia et al. (2004). The advantages
of the analytic method are the flexibility and the ability of creating many merger trees in a short
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amount of time, while the advantages of the numerical method are the informations about positions
and velocities of the haloes. In the following sections we will provide the basic ingredients of both
methods.
3.1.1 Extended Press-Schechter formalism
The first attempts to calculate the abundance of gravitationally bound structures was made by Press
& Schechter (1974). In order to describe the amplitude of the density fluctuations at the position
x and time t, one defines the relative density contrast
δ(x, t) =
ρ(x, t)− ρ¯(t)
ρ¯(t)
, (3.1)
where ρ¯ denotes the mean cosmic matter density. When smoothed with a spherical top-hat window
WM of scale R = (3M/4piρ¯)1/3, the variance of this density field has the form
σ2(M) =
1
2pi2
∫
dk k2 P (k) W 2M (k) . (3.2)
Here k is the wavenumber and P (k) is the power spectrum, which describes the level of structure
as a function of the length scale L = 2pi/k. It is defined as the average of the squared Fourier
transform of the density contrast and assumed to be a power-law with slope n: P (k) = 〈|δk|2〉 ∝
kn. The normalisation of the power spectrum is fixed by requiring that σ8, the variance of the
linear density fluctuation field when it is smoothed with a top-hat filter of scale R = 8h−1Mpc
has a specified value. Press & Schechter assumed a Gaussian density field for which the fraction
of the cosmic volume at which it exceeds some critical value δc is known. In order to derive an
appropriate value for δc, they used the spherical collapse model (Gunn & Gott 1972). Thus the
fraction of the total mass that is contained within haloes of massM is obtained by integrating over
the tail (i.e. δ > δc) of the probability function:
F (M) =
∫ ∞
δc
dδp(δ) =
1√
2piσ(M)
exp
(
− δ
2
2σ2(M)
)
=
1
2
erf
(
δc√
2σ(M)
)
. (3.3)
The distribution of haloes over masses M is then simply ∂F (M)/∂M which results in the halo
mass function
n(M)dM =
√
2
pi
ρ¯δc
σ(M)
d log σ(M)
dM
exp
(
− δ
2
c
2σ2(M)
)
dM
M
. (3.4)
However, the derivation by Press & Schechter neglects underdense parts of the Universe and thus
omits half the mass such that the expression of the halo mass function had to be multiplied by a
factor of two. An alternative derivation of the halo mass function was discovered by Bond et al.
(1991) who used a top-hat in Fourier space rather than in real space to smooth the density field.
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This ‘excursion’ set formalism can explain the missing factor of two and led to the development of
EPS theory (Bower 1991; Lacey & Cole 1993; Jedamzik 1995; Nagashima 2001). The extended
version of the theory gives the distribution of masses of the progenitors of a halo at some earlier
epoch which is called the conditional mass function.
With this formalism at hand it becomes possible to construct merger histories for individual
haloes. A first method to do this was proposed by Kauffmann & White (1993), were a grid in
mass and redshift is imposed. An ensemble of Nt possible sets of progenitors at redshift z + ∆z
is constructed for a halo of mass M identified at redshift z. The number of progenitors with mass
M ′ is given by N(M ′) = Nt M dN/dM(M ′) ∆M ′, where dN/dM(M ′) is the mass function
of the progenitors as computed from the EPS formalism. These progenitors are then partitioned
into Nt sets, each corresponding to a possible history of the original halo. This is done one by
one in order of decreasing mass. For each progenitor a set is randomly chosen with a probability
that is proportional to the set’s remaining free mass, with the constraint that the total mass of the
progenitors cannot exceed the mass of the original halo. This process is then repeated for all steps
in the redshift grid.
While being simple to implement and computationally efficient, this method has some disad-
vantages. First, as the progenitor mass function is sharply peaked around M for small M or small
redshift intervals, the algorithm is sensitive to the binning used and is thus prone to numerical
problems. Second, as one needs to introduce an effective mass cut-off, the total mass of the pro-
genitors does not add up to M . On the other hand, it is also possible to encounter a situation were
the next halo does not fit into any of the ensembles. Finally, although the mean of the distribution
is reproduced by construction, the partitioning of the haloes into the ensembles is ad-hoc and might
not reproduce higher order moments of the distribution. To overcome these problems, advanced
algorithms have been proposed (Lacey & Cole 1993; Somerville & Kolatt 1999). However, even
these methods generally give less precise representations of the merger trees than those extracted
from N -body simulations (Somerville et al. 2000). In addition, the formation history of a halo is
assumed to be independent of its environment, which is not found to be true in simulations.
3.1.2 N-body trees
Alternatively, it is possible to extract merger trees directly from cosmologicalN -body simulations.
The first step is to create a random realisation of the dark matter distribution according to the
initial Gaussian density fluctuation field. For this a uniform distribution of particles representing
the unperturbed Universe is set up, usually in a cubic regular grid. The fluctuation spectrum for
the desired cosmology can then be created using the Zeldovich approximation which is valid in the
mildly non-linear regime and assumes a matter-dominated, flat universe. The perturbed position r
of a particle as a function of its initial position is then given by r = a(t)q + b(t)p(q), where a(t)
is the scale factor and p is the perturbation function with time dependence b(t). This displacement
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field depends on the gradient of the gravitational potential which can be computed from the power
spectrum with Fourier techniques. These initial conditions can then be evolved using an N -body
method such as those described in section 2.1. In order to be able to follow the evolution of the
particles in these simulations, snapshots have to be stored for a set of redshifts.
Once a cosmological N -body simulation has been run, one has to identify the dark matter
haloes. This is done by a so-called ‘halo-finding-algorithm’ which yields a catalogue of haloes
that includes all the properties of the haloes at every stored redshift. The most widely used halo-
finding algorithms are the friends-of-friends (FOF; Davis et al. 1985; van Kampen 1995) and the
spherical overdensity algorithm (Lacey & Cole 1994).
The FOF method links pairs of particles together if their distance is smaller than a certain
linking length. It starts with a random particle and links every particle within a sphere of radius
bd/2 to it. Here, d is the mean distance between particles and b is the linking parameter. When
no more particles can be linked to the group a new particle is selected and the process is repeated.
Usually b = 0.2 is adopted which leads to particle groups with a mean overdensity of about 200.
The hierarchical FOF method (Klypin et al. 1999) solves the problem that apparently distinct
haloes are merged if the linking radius is too large or that some haloes are missed if the radius is
small.
The FOF algorithm is not able to identify bound structures within the parent haloes, i.e. the
subhaloes. These can be found with a post-processing method such as SUBFIND (Springel et al.
2001), which assigns a density to every particle in the parent halo and then identifies locally over-
dense regions. Each substructure candidate is then subject to a gravitational unbinding procedure
which checks for every particle, if its total energy is positive, and if so, removes the particle from
the subhalo. After all substructures are identified they are extracted from the FOF halo so that it
can also be subject to the unbinding procedure. To compute a virial mass estimate for each FOF
halo, a sphere is placed on the centre of the gravitational potential within the group with a radius
that encloses a mean density of ∆v times the critical density. Commonly, either ∆v = 200 is
assumed or it is computed from a cosmology dependent fitting function (Bryan & Norman 1998).
The spherical overdensity algorithm finds haloes as maxima of mass inside a sphere of a given
overdensity by iteratively moving randomly placed small spheres until the centre of mass in the
sphere coincides with the centre of the sphere. However, as a fixed overdensity and thus a fixed
radius is assumed, it is not possible to find haloes in both low and high density environments.
Therefore this method is only used to identify the centres of haloes and the radius of the sphere
corresponds to the scale of the smallest objects one tries to identify. Then the virial radius of
each halo is computed such that it contains a mean overdensity ∆v. The code DENMAX (Gelb
& Bertschinger 1994) and its offsprings SKID (Governato et al. 1997) and BDM (Klypin &
Holtzman 1997) introduce a procedure that removes unbound particles. If the density profile is
flattening inside the virial radius, the halo is expected to be a subhalo and its radius is truncated
at that point. One thus gets a first estimate for the mass and the radius of the halo. Assuming an
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NFW profile all unbound particles are then removed from the subhalo and a new mass and radius
are determined. This procedure is repeated several times. In contrast to SUBFIND, the particle
lists of different haloes are in general not disjoint. This means that a particle of a subhalo that is
bound to the host appears both in the parent halo list and the subhalo list.
Finally, when all haloes have been identified at all output redshifts, one can construct the
merger trees. This can either be done by identifying descendants in a later snapshot (Springel et al.
2005b), or by identifying progenitors in an earlier snapshot (Maulbetsch et al. 2007; Hirschmann
et al. 2010). Because haloes merge hierarchically in a CDM universe, a given halo can have
several progenitors, but generally only one descendant. It is therefore simple to start at the earliest
snapshot and use the unique IDs of the particles to track them between outputs. For every given
halo, all haloes, that contain some of its particles in the following snapshot, are identified. The
particles can be weighted by giving a higher weight to those particles that are more tightly bound
in the original halo. The descendant halo is then selected as the halo with the highest summed
weight. Once each descendant of the haloes at a given redshift is determined, the procedure is
repeated at the next redshift until the last output has been reached. Alternatively, one can start
at the lowest redshift, and track the progenitors of each halo. In this approach a halo at redshift
z1 is identified as the most massive progenitor (MMP) of a halo at redshift z0 < z1 if at least a
fraction fmin = 0.2 of its particles are found in the progenitor, and the overlap of particles divided
by the number of particles in the larger halo is maximal. For all progenitors that are merging in a
time-step at least half of their particles are required to be found in their descendant.
Compared to the analytic EPS theory, running and analysing an N -body simulation is much
more time consuming. Furthermore, there are some numerical difficulties: objects that a group
finder identified as a structure in a given output may later fly part, and when objects merge, the
mass of the remnant may not always equal the mass of the progenitors. This means that the
mass of a halo in a tree may not always increase monotonically with time. However, there are
also many advantages: N -body simulations contain spatial information for the haloes and their
subhaloes which can be used to study clustering. On the whole, N -body trees are more accurate
and incorporate environmental effects. Since the cosmological parameters are now determined to a
very high accuracy, it is reasonable to stick to one cosmological model and abandon the advantage
of quickly varying the cosmology in the EPS theory.
3.2 Baryonic physics
With the merger trees at hand, one can populate the dark matter haloes with luminous galaxies.
However, the baryonic processes are far more complex and difficult to model than the gravita-
tional instability, as they are dissipative and non-linear. The physics behind these phenomena are
generally not well understood, such that they are modelled with simple recipes containing free
parameters. These parameters are then tuned by demanding that the model reproduces a subset of
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Figure 3.2 Schematic overview of the processes incorporated in semi-analytic models.
the available observations, typically at low redshift. The form of the adopted recipe that describes
a process is either motivated by results from a more detailed numerical simulation, or from obser-
vations. A schematic overview of the processes typically included in SAMs is shown in Figure
3.2, adopted from Cole et al. (2000).
3.2.1 Gas cooling
The cooling of gas is essential to the formation of galaxies, as it sets the rate at which the material
for star formation is acquired. The standard model of gas cooling in a dark matter halo was
developed by White & Frenk (1991), based on work by Rees & Ostriker (1977) and Silk (1977).
This model assumes that the gas initially has the same spatial distribution as the dark matter. In
massive systems and at low redshift, the gas is heated by shocks as it falls into the gravitational
well of a dark matter halo, producing a hot gaseous halo that is supported against further collapse
by the pressure of the gas (static hot halo regime). The gas attains the virial temperature of the halo
Tvir = µmpV
2
vir/2k = 35.9 [Vvir/( km s
−1)]2 K, where µmp is the mean particle mass, k is the
Boltzmann constant, and Vvir =
√
GMvir/rvir is the virial velocity of the halo. From this hot halo
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reservoir, gas can subsequently cool at a rate that depends on its temperature. As the gas cools, its
pressure decreases and the removal of pressure support causes the gas to sink to the centre of the
halo on a specific time-scale. Assuming conservation of angular momentum, the cold gas forms
a cold, rotationally supported disc. Thus the cooling rate depends upon how fast the gas can cool
(i.e. the cooling time) and how fast the cooled gas can move from the halo to the disc. This time
has originally been proposed to be equal to the Hubble time, but newer models adopt either the
time since the last major merger or the dynamical time of the halo tdyn = rvir/Vvir = 0.1/H(z)
which has been shown to agree better with numerical simulations.
The cooling time is conventionally taken as the ratio of the specific thermal energy of the gas
to the cooling rate per unit volume:
tcool =
(3/2)ngkT
n2gΛ(Tvir, Zg)
=
3
2
µmpkT
ρg(r)Λ(Tvir, Zg)
, (3.5)
where ρg(r) is the gas density profile. The cooling function Λ depends on the temperature and
metallicity of the gas Zg. The main processes that determine the cooling function are photon
emission after collisions between partially ionised atoms and electrons (104K < T < 106K),
and Bremsstrahlung as electrons are accelerated in an ionised plasma (T ∼> 106K). After the gas
density profile has been defined, one can compute a cooling radius rcool. The gas enclosed within
rcool has had sufficient time to cool since the halo was formed. The cooling radius propagates
outwards until either all of the hot gas has cooled, or a new hot halo forms as the result of a merger
with another halo.
In low mass haloes or at high redshifts, the formal cooling radius may lie outside the virial
radius rcool > rvir. The post-shock gas then cools in less then one sound crossing time and cannot
maintain the pressure needed to maintain an accretion shock at large radius. All infalling gas is
then accreted immediately on to the central disc. In this rapid cooling regime the cooling rate
is therefore set equal to the rate at which new diffuse gas is added to the halo. This regime is
also used to capture the effects of ‘cold streams’ found in numerical simulations at high redshifts,
where gas is funnelled down filaments onto the galaxy and thereby never heated above ∼ 104 K.
Cooling can be suppressed in low mass haloes due to the presence of a background of photo-
ionising radiation. This background of high energy photons may be created by quasars or massive
stars and heats the intergalactic medium, thus increasing its pressure. Thus baryons are restricted
from falling into haloes with low virial temperatures which decreases the baryonic fraction in these
haloes. In addition, this radiation increases the ionisation of the hot gas which removes cooling
channels following the excitation of atoms and ions in collisions.
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3.2.2 Star formation and feedback
The lack of a theory of star formation has forced SAMs to take a pragmatic approach and incor-
porate an effective model. Based on a dimensional argument, a simple estimate of the SFR is
m˙∗ ∝ mcold/τ , where mcold is the amount of cold gas in the disc and τ is a characteristic time-
scale. Typically, τ is assumed to be the dynamical time of the galaxy rdisc/vdisc and star formation
is only present above a critical surface density, as found in observations. The Schmidt-Kennicutt
law Σ˙∗ ∝ ΣNg can be rewritten in this simple form. All stars are supposed to be formed in an
exponential disc. Its scalelength can be computed by assuming that the disc has the same specific
angular momentum as the dark matter halo: Rdisc = rvirλ/
√
2 (Fall & Efstathiou 1980). An
improved calculation by Mo et al. (1998) includes realistic density profiles for the dark matter
and the gas, the gravity of the disc and bulge, and the reaction of the halo to the gravity of the
collapsed baryons, which causes a contraction of the dark matter halo.
From the first calculations of the galaxy luminosity function, the need for physical processes
that modify the efficiency of galaxy formation as a function of halo mass was recognised. Specif-
ically at the faint and bright ends, the luminosity of galaxies in models without such feedback
processes is over-predicted, even if the variations of the cooling time of the hot gas with halo mass
are considered. The most common form of feedback is the ejection of cold gas from the central
disc by SN-driven winds. The reheated gas is either trapped within the potential well of the halo
and deposited in the hot halo from where it can subsequently cool (retention feedback), or, pro-
vided the wind velocity is large enough, it may even be ejected from the halo into the intergalactic
medium (ejection feedback). As SN feedback is intended to reduce the efficiency of star formation
in low mass haloes, the rate of reheating of cold gas is typically modelled as a strong function of
circular velocity of the halo.
In order to reproduce the break at the bright end of the luminosity function, several processes
have been invoked, including a higher cooling time due to a constant density core of the gas,
thermal conduction in the hot halo and ‘superwinds’. State-of-the-art SAMs employ feedback
from AGN. For this, it becomes necessary to track the evolution of BHs. As observationally, one
finds a correlation between BH mass and bulge mass (Magorrian et al. 1998; Ferrarese & Merritt
2000; Ha¨ring & Rix 2004) the models tie the evolution of BHs to the process that is responsible
for shaping bulges, i.e. galaxy mergers. During the ‘quasar mode’, the mass of the BH is built up
due to mergers of existing BHs and accretion of cold gas in starbursts. During the ‘radio mode’,
the BH accretes gas directly from the hot halo which releases energy back into the hot halo and
is hence responsible for suppressing the cooling flow in massive haloes. This heating is modelled
with a parametric form which depends on the virial temperature of the halo and the mass of the
BH.
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3.2.3 Mergers and morphology
In the hierarchical galaxy formation scenario, systems are assumed to grow through mergers and
accretion. While the galaxies survive the mergers of their parent haloes as they are highly concen-
trated, the dark matter halo of the smaller system gets stripped when orbiting in the larger halo.
This leads to a picture in which a dark matter halo contains a massive central galaxy surrounded
by smaller satellite galaxies that were formerly central galaxies in the progenitors of the current
halo. As these satellites orbit the central galaxy they gradually lose energy due to dynamical fric-
tion. When the orbital energy of a satellite has been removed completely it merges with the central
galaxy. This merger triggers a burst of star formation as the cold gas loses angular momentum and
falls to the centre owing to gravitational torques during merger events. In the dense centre the
gas quickly forms stars and the ‘bursted’ mass depends on the initial gas fractions of the galaxies
and on their mass ratio. In addition, a merger of sufficient mass ratio changes the morphology of
the system. In early models, a threshold was defined above which the disc of the central galaxy
was destroyed and all of the stars involved in the merger form a spheroidal remnant. In newer
models, a continuum is assumed, where larger mass ratios result in a transfer of more material to
the spheroidal component.
3.2.4 Chemical evolution and luminosities
The formation of stars changes the metal content of the gas of a galaxy. Through SN explosions or
stellar wind, stars return material to the gas with an enhanced metallicity. SNe of type Ia happen
on long time-scales (∼ 1 Gyr) and dominate the production of iron, while SNe Ib and SNe II
happen on short time-scales (∼ 10 Myr) and are responsible for the production of nuclei formed
by α particles. In most SAMs, only SNe II are modelled. In a given time-step a quantity of metals,
determined by the yield for the chosen IMF, is generated instantaneously.
In order to compare the predictions of the model to observations one has to compute the galaxy
luminosity in different energy bands (i.e. as a function of wavelength). This is done by storing the
star formation history of every galaxy which specifies how many stars of a given metallicity have
formed at which time. This information is then combined with a stellar population synthesis model
which predicts the luminosity for a single-age population of stars in a given band as function of
their age and metallicity. For this a distribution of masses (IMF) is assumed.
Absorption of galactic light by dust in the interstellar medium causes galaxies to appear fainter
and redder. In SAMs, this effect is modelled by invoking a uniformly mixed slab of dust and stars.
The optical depth of the slab is determined empirically from observed correlations between the
face-on optical depth of dust in galactic discs and the total luminosity of the galaxy.
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3.3 The Santa Cruz semi-analytic model
In this work we employ the SAM by Somerville & Primack (1999) in its current form (Somerville
et al. 2008a). This model can be used both with merger trees from EPS and N -body simulations.
Each dark matter halo is assigned two properties: the spin parameter λ which defines its angular
momentum and the concentration parameter c which describes the matter density profile. Each
top-level halo is assigned a value of λ by selecting values randomly from a lognormal distribution
with mean λ¯ = 0.05 and width σλ = 0.5, independent of halo mass and redshift. The halo at the
next stage of the merger inherits the spin parameter of its largest progenitor. The initial density
profile of each halo is described by the NFW form. Unless N -body merger trees are used, where
the concentration parameter is extracted from the simulation, the fitting formula by Maccio` et al.
(2008) is employed to compute c as a function of halo mass. The model assumes a universal
Chabrier (2003) IMF.
3.3.1 Gas cooling
The cooling time is calculated with the cooling function by Sutherland & Dopita (1993) and is set
equal to the dynamical time of the halo. The gas density profile is assumed to be that of a singular
isothermal sphere: ρg(r) = mhot/(4pirvirr2). The cooling radius is then defined as:
rcool =
√
tdynmhotΛ(Tvir, Zg)
6piµmpkTrvir
. (3.6)
Writing the expression for the mass within rcool and differentiating, the rate at which the gas can
cool is given by
dmcool
dt
=
mhot
2tdyn
rcool
rvir
. (3.7)
In order to model the effects of a photo-ionising background, the model follows Gnedin (2000)
and defines a ‘filtering mass’ MF. Haloes less massive than MF contain fewer baryons than the
universal average. The fraction of collapsed baryons for a redshift z and halo mass Mvir is
fcb(z,Mvir) =
fb
[1 + 0.26MF(z)/Mvir]3
, (3.8)
where the filtering mass is a function of redshift and depends on the re-ionisation history of the
Universe. A fitting function, parametrized according to the redshift when most of the medium is
re-ionised, is presented in Kravtsov et al. (2004).
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3.3.2 Star formation and feedback
Star formation in the ‘quiescent’ phase is based on the empirical Schmidt-Kennicutt law, and
the SFR density is given by Σ˙∗ = AKΣNgas/τ∗0 , where AK = 1.67 × 10−4M yr−1 kpc−2 is
the normalisation appropriate for a Kroupa IMF, N = 1.4, and τ∗0 is a free parameter of order
unity. The cold gas profile is assumed to be an exponential disc with a scalelength proportional
to the scalelength of the stellar disc Rgas = χRdisc, where χ is assumed to be 1.5. Only gas
lying above a critical surface density threshold Σcrit is available for star formation. A value of
Σcrit = 6M pc−2 is adopted. The radius within which the gas surface density exceeds this value
is Rcrit = − log(Σcrit/Σ0), where Σ0 = mcold/(2piR2gas) is the central surface density. This
results in a SFR of
dm∗
dt
=
∫ Rcrit
0
Σ˙∗2piRdR =
2piAKΣ
N
0 R
2
gas
N2τ∗0
[
1−
(
1 +
NRcrit
Rgas
)
exp
(
−NRcrit
Rgas
)]
. (3.9)
The mass-loss from stars is accounted for by forming a mass dm∗ = (1 − β)m˙∗dt of long-lived
stars in a time-step dt for an instantaneous SFR m˙∗.
The rate of reheating of cold gas by SN-driven winds is given by
dmrh
dt
= SN0
(
200 km s−1
Vmax
)αrh dm∗
dt
, (3.10)
where SN0 ∼ 1.3 and αrh ∼ 2 are free parameters and Vmax is the maximum rotation velocity of
the halo. The fraction of gas that is ejected from the halo is fej(Vvir) = [1 + (Vvir/Vej)6]−1, where
Vej is a free parameter in the range 100 − 150 km s−1. The ejected gas is collected in a ‘diffuse
gas reservoir’, which re-collapses into the halo later at a rate m˙re−in = χre−in(mej/tdyn), where
mej is the mass in the diffuse reservoir, tdyn is the dynamical time of the halo and χre−in ∼ 0.1 is
a free parameter.
Every top-level halo in the merger tree is assumed to contain a BH with mass Mseed ∼
100M, which is growing during a galaxy merger, according to log(MBH/Msph) = −3.27 +
0.36 erf[(fgas − 0.4)/0.28] as found by Hopkins et al. (2007). Here MBH and Msph are the
masses of the BH and the spheroid component after the merger, respectively, and fgas is the ef-
fective cold gas fraction before the merger. Feedback is provided from the BH by two modes: In
the ‘bright mode’, the energy released during the rapid growth of the BH triggered by a merger
event drives a galactic wind. The resulting outflow rate is computed by equating the momentum
associated with the radiative energy from the accreting BH with the momentum of the wind. In
the ‘radio mode’ accreting gas is converted into energy, reheating the gaseous halo. The gas is
accreted onto the BH at the Bondi-Hoyle accretion rate m˙Bondi = pi(GMBH)2ρ0c−3s , where ρ0 is
the density at the Bondi accretion radius rA = 2GMBHc−2s , and cs is the sound speed of the gas.
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The accretion rate can be rewritten as
dmradio
dt
= κradio
(
kT
Λ(T,Z)
)(
MBH
108M
)
, (3.11)
where κradio is a free parameter. Whenever gas cools in the static hot halo regime, the central
BH accretes at this rate and the energy that effectively suppresses the cooling is given by LBH =
κradioηradm˙radioc
2, where ηrad ∼ 0.1 is the efficiency with which mass is converted to energy
near the event horizon, and c is the speed of light. This injection of energy compensates in part for
the cooling, yielding a modified infall rate of m˙′cool = m˙cool − 4LBH/3V 2vir. This cooling rate is
never allowed to fall below zero.
3.3.3 Starbursts and remnant morphology
The time it takes for a satellite galaxy to lose all of its angular momentum due to dynamical friction
and merge with the central galaxy is computed with the formula given by Boylan-Kolchin et al.
(2008). The efficiency of star formation in a merger-triggered burst is parametrized as a function
of the mass ratio of the merging pair µ. For this, the total mass of baryons and dark matter in the
central part of the system is used by defining µ = (mc,1 +mb,1)/(mc,2 +mb,2), where the ‘core
mass’ mc is the dark matter mass within twice the NFW scaleradius rs, and mb is the mass total
baryonic mass (cold gas and stars). The burst efficiency eburst, which is the fraction of cold gas
that is consumed by the burst, is calculated with the model proposed by Hopkins et al. (2009a).
This analytic recipe is tuned to match numerical simulations and depends on the merger orbit,
the disc mass fraction and the cold gas fraction. At the beginning of the merger, a reservoir of
mburst = eburstmcold is allocated, where mcold is the combined cold gas mass of both galaxies.
The burst SFR declines exponentially until the reservoir is exhausted on a time-scale τburst, which
is taken from a fit to numerical results. In Somerville et al. (2008a) it is assumed that during every
merger with a mass ratio above µ = 0.1, a fraction
fsph = 1−
[
1 +
(
µ
fel
)8]−1
(3.12)
of the disc stars is transferred to the spheroidal or bulge component. Here, fel ∼ 0.25 is a free
parameter that determines the transition between violent and non-violent mergers. However, we
note that in the current version of the SAM, the more complex model presented in Hopkins et al.
(2009a) is employed.
An orbiting satellite may eventually lose so much of its mass that it becomes tidally disrupted.
Per orbital period, it is assumed to lose ∼ 30 per cent of its mass and when the mass has been
stripped down to the mass within the NFW scalelength rs it is considered to be tidally destroyed,
and its stars are transferred to a diffuse stellar component that can be associated with a stellar halo.
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3.3.4 Chemical evolution
In a given time-step, in which a stellar mass of mass dm∗ is formed, a mass of metals dMZ =
ydm∗ is created, which is assumed to instantaneously mix with the cold gas in the disc. The yield
y is a constant free parameter. The metallicity of the cold gas Zcold is tracked and when new stars
are created they are assumed to have the mean metallicity of the cold gas at that time-step. Metals
are ejected from the disc along with gas and are either mixed with the hot gas in the halo or ejected
from the halo into the diffuse gas reservoir, in the same proportion as the reheated gas.
The photometric properties of the galaxies are calculated using the stellar population synthesis
models of Bruzual & Charlot (2003). Dust extinction is based on the empirical results of Wang
& Heckman (1996) who find that the extinction optical depth of a galaxy is a function of its blue
luminosity. The extinction is then related to the inclination of the galaxy using a standard slab
geometry. A random inclination is assigned to each galaxy and the extinction correction is only
applied to the disc component.
3.4 Application: the merger trees of Milky Way-like galaxies
Having the galaxy formation model at hand, we can now study the properties of the galaxy merger
trees. This allows us to determine which types of mergers are common and need to be studied
in high-resolution merger simulations, and which mergers are uncommon and can be neglected
in merger simulations. Typically the parameters used for merger simulations are drawn from
a multidimensional grid which results in a very large parameter space. By finding out, which
regions of this parameter space have a high probability we can reduce its effective size. Semi-
analytic merger trees are the ideal tool for this study, as the predictions for the merger properties
and rates are cosmologically motivated.
For this study we use dark matter merger trees drawn from an N -body simulation. The parent
halo masses at z = 0 range between 1010M and 1015M, and we especially focus on systems
with masses that are comparable to the MW (logMhalo/M ≈ 12.0 and logM∗/M ≈ 10.5).
After populating the halo merger trees with galaxies according to the SAM, we study the probabili-
ties for mergers as a function of halo mass, mass ratio, gas fraction and morphology. Additionally,
we investigate, if galaxy mergers are binary (i.e. two galaxies merge in isolation), or whether
multiple mergers are more important.
3.4.1 Simulation and merger trees
The dark matter merger trees used in this work are drawn from an N -body simulation run with
the GADGET-2 code on a SGI AltixII at the University Observatory Munich. The cosmological
parameters of the simulation are chosen to match results from WMAP-3 (Spergel et al. 2007) for a
flat ΛCDM cosmological model: Ωm = 0.26, ΩΛ = 0.74, h = H0/(100 km s−1 Mpc−1) = 0.72,
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σ8 = 0.77 and n = 0.95. The initial conditions were generated using the GRAFIC software
package (Bertschinger 2001). The simulation was done in a periodic box with a side length of
100 Mpc, and contains 5123 particles with a particle mass of 2.8× 108M and a comoving force
softening of 3.5 kpc. Starting at a redshift of z = 43, there have been 94 snapshots stored until
z = 0, equally spaced in expansion factor (∆a = 0.01).
Dark matter haloes are identified in the simulation snapshots using a FOF halo finder with a
linking parameter of b = 0.2. Substructures inside the FOF groups are then identified using the
SUBFIND code. For the most massive subgroup in a FOF group the virial radius and mass are
determined with a spherical overdensity criterion using the fitting function by Bryan & Norman
(1998). The minimum particle number of a halo is set to 20, resulting in a minimum halo mass
of 5.6 × 109M. The number of parent haloes found at z = 0 with this method is ∼ 135 000.
The merger trees are constructed for all parent haloes at z− = 0 by connecting haloes between
the 94 catalogues. The branches of the trees were determined by linking every halo to its most
massive progenitor at previous snapshots with the method outlined in section 3.1.2. In total, 41 000
merger trees have been created. These merger trees are then used as the input for the SAM which
populates them with galaxies. In this way galaxy merger trees are created.
3.4.2 Number of mergers depending on halo mass
The first and most basic quantity we want to study, is the number of mergers a system has since a
given redshift. This is necessary to understand how common and thus important merger events are
for a specific galaxy. If the number is very low, mergers are probably an unimportant process for
shaping the properties of the galaxy, while for a large number of mergers, the galaxy’s properties –
especially its morphology – are mainly dependent on the type of mergers it has. In order to study
this, we divide the merger trees according to the mass of their parent halo Mhalo at z = 0 with a
bin size of ∆ log(M/M) = 0.5. For each mass bin we then count the number of halo mergers
(i.e. a subhalo enters the parent halo) above a given mass ratio since a given redshift and divide
that number by the number of systems in each mass bin. This is done for the three mass ratios
µ = 0.25, 0.10 and 0.03 (denoted as 1:4, 1:10 and 1:30 mergers) and the three redshifts z = 1, 2
and 5. We use the virial mass of the merging haloes to compute µ and the redshift at which the
haloes merge to determine z.
The results of this analysis are shown in Figure 3.3. As we can see, 1:4 (major) mergers are
very uncommon for systems below a mass of log(M/M) ∼< 13 since z = 1, with only every tenth
system having such a merger. If we consider a larger look back time, the fraction of systems with a
major merger increases to roughly 20 per cent since z = 2 and 50 per cent since z = 5. In massive
systems on the other hand, major mergers are very common. Haloes of mass log(M/M) ≈ 14
have roughly one 1:4 merger per system since z = 1, two 1:4 mergers since z = 2, and three 1:4
mergers since z = 5. For these massive systems, the number of mergers per system is a strong
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function of halo mass. This implies that major mergers are mainly important for massive galaxies.
Minor mergers are much more common, even for low-mass systems. Since z = 1 roughly
every fifth systems with a mass of log(M/M) ≈ 11 experiences a 1:10 merger and every other
system has a 1:30 merger. The fraction of systems with 1:10 and 1:30 mergers since z = 2 is∼ 0.6
and ∼ 0.8, respectively, while since z = 5 it is ∼ 1.0 and ∼ 1.5, respectively. Massive systems
with log(M/M) ≈ 14 have on average three 1:10 and seven 1:30 mergers since z = 1, five 1:10
and ten 1:30 mergers since z = 2, and eight 1:10 and eighteen 1:30 mergers since z = 5. Overall,
except for haloes with very low mass, every system experiences one or more minor mergers on
average. This means that minor mergers are very important for shaping galaxy properties in almost
every system.
Finally, we study the number of mergers for a MW-sized galaxy with log(M/M) ≈ 12. If
we consider all mergers since z = 1, we find that there are very few major mergers (∼ 10 per
cent). Although this number increases to 50 per cent if all mergers since z = 5 are considered,
major mergers seem to be rather unimportant for shaping the properties of MW-sized galaxies.
This may explain, why the majority of these systems are spiral galaxies, and only few galaxies are
ellipticals. Minor mergers on the other hand are very common for MW-sized systems. About 70
per cent of them experience a 1:10 merger and the number of 1:30 mergers is on average 1.5. If all
mergers since z = 5 are considered, the number increases to 2 and 4.5 for 1:10 and 1:30 mergers,
respectively. This means that minor mergers are a very important process for MW-sized galaxies
and are responsible for many properties of these galaxies. The thickness of the stellar disc and
the mass in the stellar halo are two examples, where minor mergers are the dominant process that
determine the galaxy property.
Figure 3.3 Number of mergers per halo above a given halo mass ratio since a given redshift.
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3.4.3 Probability of multiple mergers
The next question we want to address is whether mergers happen isolated, or if they are usually
multiple. In an ‘isolated’ merger (also called ‘binary’ merger), two galaxies have enough time to
merge after their haloes have merged, before the remnant merges with another galaxy. In ‘multi-
ple’ mergers, two galaxies have not had enough time to merge when another galaxy already enters
their common halo. If isolated mergers are the standard event, then it is possible to study single
merger events with specified parameters (e.g. in simulations) and then ‘stack’ these merger events
for a given merger history, in order to determine the effects of the mergers on the galaxy. This
can be seen as a linear process. However, if multiple mergers are more common, then it is no
longer possible to string the results from binary merger simulations together. One then has to
study the events with three or more galaxies involved which will have a different impact on the
galaxy properties as two or more binary mergers. The merger process then becomes non-linear
and the (already large) parameter space for the merger parameters multiplies.
In order to study this problem we divide the merger trees according to the mass of their parent
halo at z = 0 with a bin size of ∆ log(M/M) = 0.5. We then identify all merger trees of these
systems with two or more halo mergers and for every pair of mergers we record the time difference
between the halo mergers. If e.g. the halo of the satellite galaxy A merges with the halo of the
central galaxy C at a cosmic time t1 = 8.0 Gyr and later the halo of the satellite galaxy B merges
with the halo of the central galaxy at t2 = 10.0 Gyr, we store the time difference ∆t = 2.0 Gyr.
We divide this time by the dynamical time of the halo tdyn = rvir/Vvir at the time of the first halo
merger t1 and distribute the resulting number in bins of width ∆t/tdyn = 1. Finally, we count the
number of mergers pairs with a given mass ratio sequence and since a given redshift for each time
bin. The sequence 1:4→ 1:10 for example means that the first merger has a mass ratio above 1:4
and the second merger has a mass ratio above 1:10. In order to get the probability for a merger
sequence we normalise this number by dividing it by the number of mergers with the mass ratio
of the first merger.
We show the results of this analysis in Figure 3.4. The probability for two mergers happening
within a few dynamical times of the halo is always higher than the probability for a larger time
difference. This indicated that usually the second satellite galaxy enters the parent halo before the
first satellite had time to merge with the central galaxy, which happens only after several dynamical
times, depending on the mass ratio of the merger. For the mergers that happen since z = 1 this
trend is most obvious. Here, the second satellite enters the halo within three dynamical times after
the first satellite entered for more than 50 per cent of all merger pairs independent of mass ratio. If
we start at a higher redshift, the merger pairs are on average a little more separated. Still for more
the 50 per cent of all merger pairs, the second satellite enters the halo within five dynamical times
after the first one since z = 5.
As a result we find that multiple mergers are more common than sequences of isolated binary
64 Chapter 3. Semi-Analytic Modelling
Figure 3.4 Probability for multiple mergers. The lines give the probability for a sequence of
mergers with the indicated mass ratios as a function of the time difference between the mergers in
units of the dynamical time of the parent halo.
mergers. Therefore it is not sensible to focus on binary mergers and afterwards try to string their
effects together. The first satellite that enters the halo usually has not enough time to merge with
the central galaxy, before the next satellite enters the halo and affects the evolution of the two
galaxies that are still in the progress of merging. Thus merger simulations which consider several
satellites that enter the parent halo after each other before the previous galaxy has merged with
the central one, have to be performed and analysed. If parameters for the galaxies and the orbits
are chosen from a multidimensional grid, the parameter space is then too large to cover. This
means that one has to reduce this huge parameter space by selecting only those parameters that are
3.4. Application: the merger trees of Milky Way-like galaxies 65
common for the chosen cosmology. Semi-analytic merger trees offer this option and are therefore
very practical to use as initial conditions for the merger simulations.
3.4.4 Dependence on mass ratio
As we have seen before, the probability for a merger to happen depends on its mass ratio. In order
to study, which mass ratio has the highest probability, we bin the (inverse) mass ratio m1/m2 =
µ−1, i.e. the mass of the larger galaxy divided by the mass of the smaller one, in steps of ∆µ−1 =
1. We then count all galaxy mergers (i.e. the satellite galaxy merges with the central one) in the
simulation box with a given mass ratio either for a given redshift z or a given stellar mass of the
more massive galaxy mg = m1. In each redshift or stellar mass bin, the number of mergers for a
given mass ratio is then normalised by dividing by the total number of mergers in order to get the
merger probability. This analysis is done for both the baryonic mass ratio mbar = m∗ + mcold,
and the central mass (mcore +mbar) as defined and used in the SAM.
The results of this study are presented in Figure 3.5. Equal baryonic mass mergers are rare
in the early Universe but become more frequent in the late Universe. On the other hand, mergers
with a larger ratio in baryonic mass, are more common in the early Universe and happen less often
at z = 0. This can be explained with the evolution of the stellar-to-halo mass ratio. At early times,
stellar mass is a steep function of halo mass. This leads to a rough correspondence between halo
mass ratio and baryonic mass ratio in a merger. As equal halo mass mergers are less common than
merger with a large halo mass ratio this correspondence results in the same trend for the baryonic
mass. In the late Universe however, the shape of the stellar-to-halo mass ratio has been altered
drastically by feedback mechanisms. As a result stellar mass is a weaker function of halo mass
than at high redshift. This means that even if the halo mass ratio is large, which is also common at
low redshift, the baryonic mass of the merging galaxies is likely to be similar. Thus equal baryonic
mass mergers are more frequent.
The dependence on stellar mass is more obvious. Massive galaxies tend to have more equal
baryonic mass mergers and less mergers with a larger ratio, while low-mass galaxies have few
equal-mass mergers and many minor mergers. The reason is similar as before: stellar mass is
a steep function of halo mass on the low mass end, and a shallow function on the massive end.
Therefore, massive galaxies live in haloes with a large spread in mass and thus, independent of the
halo mass ratio, the baryonic mass ratio will be close to unity. In low-mass galaxies on the other
hand, there is a correspondence between halo and baryonic mass ratio and thus the dependence of
the merger probability on baryonic mass ratio is similar to that of the dependence on halo mass
ratio: few major mergers and many minor mergers. In terms of the central mass ratio (including
dark matter), the merger probability is much more similar to the probability for a given halo mass
ratio. At high redshift there are much more major mergers than minor mergers (but almost no
equal mass mergers), while at z = 0, the dependence on the mass ratio is weaker. The probability
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Figure 3.5 Probability for a merger with a given mass ratio. The top panels show the merger
probability for the baryonic mass ratio while the bottom panels show the merger probability for
the central mass ratio (dark matter, stars and cold gas). In the left panels the results are presented
for given redshift bins and in the right panels for given stellar mass bins where the mass of the
more massive galaxy was used.
for a certain central mass ratio is almost equal for all galaxy masses.
3.4.5 Dependence on gas fraction
The fraction of cold gas in the disc fgas is a very important parameter for galaxy mergers. After
major mergers the gas can form a new cold gas disc, from which a stellar disc subsequently forms
that affects the morphology of the merger remnant. In minor mergers the cold gas disc is important
for stabilising the stellar disc as it can radiate some of the impact energy away and thus reduce
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Figure 3.6 Probability for combinations of gas fractions of the primary and the satellite galaxies
in mergers. Red colour indicates a high probability for a combination of gas fractions, while blue
colour indicates a low probability. The panels represent samples of different stellar masses.
the thickening of the disc. It is therefore important to understand which gas fractions are common
in mergers. Specifically, we want to study the joint probability for a merger with a gas fraction
fgas,pri in the primary galaxy and a gas fraction fgas,sat in the satellite galaxy. For this we divide
all mergers in the simulation box into samples with equal stellar mass of the primary galaxy and
samples with equal redshifts of the mergers. We then count the number of galaxy mergers for a
given pair of gas fractions in the primary and satellite galaxies. Finally we divide the this number
by the maximum number in each stellar mass and redshift bin to get the probability for the given
pair of gas fractions.
The results are shown in Figure 3.6 for the stellar mass bins and Figure 3.7 for the redshift bins.
A red colour indicates a high probability and a blue colour indicates a low probability. Primary
galaxies of low mass tend to have very high gas fractions (∼ 60−90 per cent), while their satellites
can have a wide range of gas fractions from 0− 100 per cent (although there seems to be a gap at
fgas,sat ≈ 0.2). For more massive primary galaxies, the gas fraction decreases. In addition, also
the gas fraction of their satellites decreases while still maintaining a wider range than the primary
galaxy. For very massive galaxies, both the primary and the satellite galaxies have very low gas
fractions of fgas ∼< 0.1.
High redshift primary galaxies tend to have large gas fractions, as do their satellites for which
the range of gas fractions is a larger, however. This indicates, that most of the galaxies have just
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Figure 3.7 Probability for combinations of gas fractions for different redshifts.
formed a cold gas disc and did not have enough time yet, to convert the gas into stars. There
are also some mergers at high redshift with a large gas fraction in the primary galaxy and a very
low gas fraction in the satellite. With decreasing redshift the range of gas fractions in the primary
galaxy increases, which shows that many galaxies convert their gas discs partly into stellar discs.
At low redshift there seem to be two types of mergers: one with very high gas fractions in the
satellite (fgas,sat ≈ 0.9) which are probably galaxies that are unable to convert gas into stars as
they are below the critical star formation threshold, and a second type with very low gas fractions
in the satellite (fgas,sat ∼< 0.1). These are galaxies that were very efficient in transforming gas
to stars, and have probably been expelled all of their gas by massive winds. Moreover they are
unable to acquire new gas through cooling as there exists a dominant source of heating. The gas
fractions in the primary galaxies on the other hand are widely spread.
3.4.6 Dependence on morphology
Typically, when studying galaxy mergers, only mergers of disc galaxies are considered. Some-
times the bulges are neglected, sometimes they are included. However, it has been shown that the
morphology of a galaxy has a large impact on the outcome of its merger. Therefore we study, how
the probability for a given merger to happen depends on its morphology. For this we divide the
mergers in the simulation box between major mergers (µ ≥ 0.25) and minor mergers (µ < 0.25).
For major mergers we count the number of galaxy mergers between spiral galaxies S-S (where
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Figure 3.8 Probability for a given morphology for major mergers. The lines give the probability
for mergers between ellipticals (E-E), spirals (S-S) and ellipticals with spirals (E-S). The left panel
shows the probability as a function of cosmic time and the right panel gives the probability as a
function of the stellar mass of the primary galaxy.
the bulge-to-total ratio is B/T < 0.5), between elliptical galaxies E-E (where B/T ≥ 0.5) and
between elliptical and spiral galaxies E-S as a function of cosmic time and the stellar mass of the
primary galaxy. This number is then normalised by dividing by the total number of major mergers
to get the probability.
We show the results in Figure 3.8. In the early Universe, the probability for mergers between
spirals is highest and then decreases with time. On the other hand, mergers between ellipticals
are very rare early but then become much more frequent at late times. However, they are still one
order of magnitude rarer than mergers between spirals. This trend can be easily explained with the
‘merger hypothesis’, which states that major mergers lead to elliptical galaxies. This means that
because of the many mergers between spirals at early times, more elliptical galaxies are created
while spiral galaxies are destroyed. As a result the number of mergers between spirals decreases,
while the number of mergers between ellipticals increases. The probability for mergers between
ellipticals and spirals are is almost constant with time, although there is a slight decrease in the
late Universe. It is almost as high as the probability for mergers between spirals. This shows that
it is important to also consider these events in merger simulations.
If we consider the merger probability as a function of stellar mass, we see two obvious trends.
The frequency of spiral mergers is very high for low-mass galaxies and very low for massive
galaxies. On the other hand, mergers between ellipticals are very rare for low-mass galaxies and
much more common for massive systems. The reason is that low mass galaxies are typically
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Figure 3.9 Probability for morphology for minor mergers. The lines give the probability for merg-
ers as a function of their bulge-to-total ratio. The left panel shows the probability for a set of
redshift bins and the right panel gives the probability for a set of stellar mass bins.
spiral galaxies as they undergo rather few merger events. Massive galaxies however, are typically
elliptical galaxies, as the probability for them to have a major merger is very high. Thus as most
low-mass systems are spirals and most massive systems are ellipticals, major mergers between
systems in these mass regimes are S-S and E-E mergers, respectively. At the massive end, mergers
between ellipticals are thus much more common than spiral mergers.
Finally we study the dependence on the morphology of the primary galaxy in minor mergers.
For this we count the galaxy mergers as a function of the bulge-to-total ratio in the primary for a set
of redshift and stellar mass bins. Again we normalise this number by dividing by the total number
of mergers. The results are presented in Figure 3.9. As we can see, the dependence on B/T is
almost the same at every redshift. Mergers with a low B/T ∼< 0.3 are preferred. At high redshift
(z = 5), this trend is even stronger, as there has not been enough time to built up large bulges in
the merging galaxies. Therefore, mergers with a high B/T are rare. This trend is the same for
galaxies of low stellar mass. These systems usually have rather few mergers, which results in low
bulge fractions. Massive galaxies, however, typically have large bulge fractions before mergers.
The reason is the same as in the major merger sample: high mass systems experience a lot of
mergers during their evolution. As a result they tend to form large spherical components leading
to a large B/T . Hence, these galaxies are typically ellipticals when they accrete a satellite.
Altogether we have seen that the probability for a certain merger depends on many parameters:
the mass of the system, the mass ratio between the merging galaxies, the gas fractions in the
galaxies and their morphology. Our analysis shows that some mergers are more common than
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others and hence that the parameter space that has to be covered can be reduced. However, it is
still impossible to cover the whole parameter space. A simple and elegant path around this can be
taken, if we do not take the parameters from a multidimensional grid, but use the semi-analytic
merger trees for the initial condition of galaxy merger simulations. In this way, we automatically
select mergers that are highly common in the Universe. Thus, the necessary parameter space is
naturally covered.
.
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Chapter 4
Accretion from the Halo
In the last chapter we have seen that semi-analytic merger trees provide natural initial conditions
for merger simulations with high resolution. However, if we compare the galaxy models predicted
by the SAM to the model galaxies used in merger simulations, we immediately recognise a main
difference: the standard initial conditions in merger simulations neglect the accretion of material
both from a hot gaseous halo and from material that is accreted from outside the initial virial
radius. Considering the dark matter part, the code used to create the model galaxies presented
in section 2.4 only employs a dark matter halo of fixed mass. This means that all material that
falls into the halo which is not included in the merger tree (since it is too small to be resolved) is
not taken care of. For the baryonic part, the problem is even more serious. The hot gaseous halo
component, which is responsible for fuelling the cold gaseous disc from which stars can form, is
not considered at all. The galaxy creator simply assumes that before the simulation is started, a
cold gaseous has already been formed. If the accretion of gas from the halo is neglected, however,
the stellar mass of the galaxy at the end of the simulation will be too low, as the only material from
which stars can form is the preexisting cold gas, which will be depleted quickly.
Therefore, in order to be able to use all components that can be predicted with the SAM, we
have to extend the code that creates the initial conditions for the merger simulations. We model the
accretion of dark matter material that is too small to be resolved as a halo in the merger trees, by
placing additional dark matter particles around the halo. The distance to the halo centre is chosen
such that they fall into the virial radius of the halo at a specified time. This time can be extracted
from the merger tree. The hot gaseous component is modelled as a slowly rotating halo with a
spherical density profile. We compute the temperature profile such that the halo is in hydrostatic
equilibrium which means that it is supported by pressure. The halo is then able to cool and as the
accreting material conserves its angular momentum, a cold gas disc can form. In this chapter we
outline, how these two additional components are modelled, and we present several results from
merger simulations were the hot halo component has been included.
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4.1 Modelling the growth of the dark halo
A basic property of dark matter is that it is ‘self-similar’. This means that there is no preferred
scale associated with it since dark matter particles only interact through gravitation which is a
long-ranged force. Dark matter haloes can have an extend of several Mpc in clusters, but in high
resolution simulations they have also been found at scales of several parsecs. Of course, only
sufficiently large haloes have a potential well in which gas can cool and form a galaxy, so that
there are no galaxies below a certain mass limit. As both merger trees extracted from N -body
simulations and trees created with a Monte-Carlo method cannot resolve arbitrarily small haloes,
the halo trees are typically cut at a lower mass limit. This means that all haloes that are smaller
than this mass limit and falling into a larger halo are not considered as merging haloes, but as
so-called ‘smooth accretion’. Thus, even if there are no mergers in a given time-step, the parent
halo gains mass. In (non-cosmological) simulations of galaxies or mergers this smooth accretion
is usually neglected.
The most direct way to model this accretion is to distribute the additional dark matter particles
uniformly on shells that surround the parent halo. The radius of the shells can then be chosen
such that each shell crosses the virial radius at a given time such that the accretion history of the
merger tree is reproduced. In practice however, this method has several disadvantages: First, it
is known that dark matter clusters on all scales, which means that shells of uniform density are a
poor representation of the dark matter distribution. Second, when a shell contracts, the density in
the shell increases until it reaches the centre of the halo, where it has a very high density. This
additional potential perturbs the central components of the system and affects the stability of the
disc. Third, when particles in uniform shells fall to the centre, they can keep all of their energy.
This means that when the shell has contracted the particles have the maximum velocity, which is
again transformed into potential energy afterwards. Thus, unless the mass that fell into the halo
after the shell is very large, the particles can possibly escape the halo again.
Therefore we choose a different implementation of the smooth accretion. Instead of distribut-
ing additional particles in shells, we place these particles into small spherical systems which will
be denoted as ‘blobs’ in the following. In this way, the accreted mass represents the many sub-
resolution systems that are expected. Furthermore this representation has the advantage that every
dark matter blob that enters the parent halo feels a dynamical friction force. Due to this force, the
blobs lose kinetic energy and are drawn to the centre such that the accreted particles stay within
the virial radius. Similarly to the shell model, we place all blobs at specific distance to the halo
centre such that the accretion rate of the blob matches the smooth accretion rate of the merger tree.
The blobs are uniformly distributed around the halo. In order to prevent the blobs from falling to
the very centre of the halo and thereby disturbing the disc, we give the blobs an initial velocity in
a random direction orthogonal to the radius vector. This of course, reduces the initial distance to
the centre compared to freely falling particles. As we require a density profile that leads to a quick
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dissolving of the blob once it enters the halo we employ a three dimensional Gaussian density
profile. Note, that we do not add gas particles to the blobs.
4.1.1 Creating a spherical particle distribution
In order to model a blob, we have to first choose a density profile and then distribute the particles
of each blob according to this profile. After that each particle is assigned a velocity such that
the density profile is stable in isolation. In order to describe the complex system one introduces
the distribution function f which yields the probability f(x,v)d3xd3v that one finds a mass m
within this phase space element. Thus f is normalised such that its integral over all phase space
yields the total mass of the system. From the conservation of mass it follows that the distribution
function obeys the collisionless Boltzmann equation.
We model each blob with a three dimensional Gaussian density profile
ρ(r) =
Mblob(√
2pirblob
)3 exp(− r22r2blob
)
, (4.1)
where Mblob is the total mass of the blob and rblob is a scalelength. The mass enclosed within a
radius r is then given by:
M(r) =
√
2
pi
Mblob
r3blob
[√
pi
2
r3bloberf
(
r√
2rblob
)
− rr2blob exp
(
− r
2
2r2blob
)]
. (4.2)
The gravitational potential is found by integration Poisson’s equation which yields:
Φ(r) = −
∫ ∞
r
GM(r′)
r′2
dr′ = −GMblob
r
erf
(
r√
2rblob
)
. (4.3)
For r → 0 this potential approaches Φ0 = −
√
(2/pi)GMblob/rblob. Using N particles of mass
mi for each blob this density profile can be simply achieved by drawing a random number from
a Gaussian distribution with width rblob/
√
3 for each cartesian coordinate. Deriving the velocity
for each particle is more complicated and has to be done using the distribution function.
The Jeans theorem states that any solution to the collisionless Boltzmann equation can be
written as a function of integrals of motion. It can be shown, that for a spherical, isotropic model
f can be expressed solely as a function of the total specific energy. One can define a relative
potential Ψ = −Φ and a relative energy E = −E = Ψ− v2/2. Then the distribution function can
be written as a function of the relative energy f(E). In order to derive it, we relate the density to
the distribution function by integrating over all velocity space
ρ(r) = 4pi
∫
dvv2f(Ψ− v2/2) = 4pi
∫ Ψ
0
dEf(E)
√
2(Ψ− E) , (4.4)
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and as Ψ is a monotonic function of r, we can regard ρ as a function of Ψ. After differentiating
ρ(Ψ) with respect to Ψ, the relation can be inverted with an Abel transform to get
f(E) = 1√
8pi
[∫ E
0
dΨ√E −Ψ
d2ρ
dΨ2
+
1√E
(
dρ
dΨ
)
Ψ=0
]
, (4.5)
which is called the Eddington equation. Thus we have to relate the density to the potential and can
then solve this equation.
As this cannot be done analytically, we create a logarithmically spaced array in r with 105
bins. We fix the minimum and maximum of the bins at 10−3 and 102 times the scalelength. On
this finely space grid, we define the values for ρ(r), M(r) and Ψ(r) and obtain the derivatives
by finite differencing. The distribution function is then obtained by numerically integrating the
Eddington equation. We find that it is well approximated by the fitting function
f(E) = 2.2× 10
−3M
( kpc km s−1)3
√
M kpc3
Mblobr
3
blob
Q
[(
Q
0.3
)−3.871
+
(
Q
0.3
)0.166]−5.4
, (4.6)
where Q = E/Ψ0 and Ψ0 =
√
2/piGMblob/rblob is the maximum relative potential. We plot this
distribution function in Figure 4.1 and compare it to that of the Hernquist profile.
With the distribution function, we can now find the velocity for each particles with a rejection
sampling technique introduced by von Neumann. For a particle with a distance to the centre of
mass r, we compute the escape velocity as vesc =
√−2Φ(r). We then select a random number x
from a uniform random distribution between 0 and 1 and choose a velocity vguess = xvesc. The
relative energy is then E = Ψ(r) − v2guess/2, and we define fguess = v2guessf(E) and fmax =
v2escf [Ψ(r)] . We then draw a random number y from a uniform random distribution between 0
and 1 and check whether fguess ≤ yfmax. If this is true, the guessed velocity is accepted, if not, a
new velocity is guessed and the process is repeated until a valid velocity is found. The direction
of the velocity is randomly chosen from the unit sphere.
We test this model by creating N -body realisations of a blob of mass Mblob = 109M. This
mass is below the resolution limit of the cosmological simulation used in section 3.4 and is thus
accounted for as smooth accretion. We model the blob with N = 100, 200 and 1000 particles and
a scalelength of rblob = 2, 5 and 10 kpc. We let each realisation evolve in isolation for 5 Gyr
and measure the scalelength at every time-step. The results of this analysis are shown in Figure
4.2. All models are stable over the 5 Gyr of evolution, independent of the initial scalelength. For
N = 100 the scalelength increases by about 50 per cent until the end of the simulation, while for
larger particle numbers the scalelength deviates only slightly from the initial value. For all particle
numbers, models with a larger initial scalelength are more stable. This shows that we can use the
model with several hundreds of particles and scalelengths of several kpc.
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Figure 4.1 Distribution function for a Gaussian and a Hernquist density profile where Q = E/Ψ0.
Units are such that G = M = rblob = a = 1.
4.1.2 Placing the dark matter systems around the halo
With the model presented in the last section we can create blobs of dark matter that are stable in
isolation, but due to their shallow potential they dissolve quickly when orbiting a dark matter halo.
The next step to model the smooth accretion of a dark matter halo is to place dark matter at the
right position, such that the accretion history of the halo is reproduced. Thus, the main difficulty
here is, where to position the blobs and with which mass.
As we want to simulate merger trees, we first extract the mass accretion history of the ‘main
branch’ from the merger tree, i.e. the mass of the main halo and its most massive progenitors as
a function of cosmic time. Of course, this mass consists of all material that has been accreted by
the halo: smooth accretion and mergers. The next step is to choose a starting redshift zstart which
corresponds to a starting time tstart, at which we start the simulation. If we assume that the profile
of the parent halo does not change, which is true for our initial conditions, the virial mass of the
parent halo increases as the background density decreases towards lower redshift (for a lower ρcrit
the radius that contains a certain overdensity becomes larger). We thus subtract the increasing
virial radius at every time-step such that we are left with the accreted mass. Furthermore, we
subtract the mass that has been accreted through mergers of resolved smaller haloes, as those will
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Figure 4.2 Evolution of the scalelength of a Gaussian blob in simulations with 100, 200 and 1000
particles. Initial scalelength are 2, 5 and 10 kpc represented by the dotted, dashed and dash-dotted
lines, respectively.
be explicitly simulated as merging haloes. We are thus left with the massMsmooth(t) that has been
added to the parent halo due to smooth accretion.
In the next step we choose the number of blobs Nb which is equal to the number of time-steps
we will use for the model. We then interpolate Msmooth(t) for every time-step ti using a Bezier
curve which traces the mass accretion history and is equal to the mass found in the merger tree at
tstart and tNb . We then compute the mass that is accreted within every time-step Mblob(ti), and
use this mass for the blob the corresponds to this time-step. If this mass is smaller than zero (i.e.
the parent halo loses mass), we set the mass of the corresponding blob to zero (i.e. the blob is
omitted). However, we store this lost mass and set the mass of the blobs that correspond to the
following time-steps to zero, until the lost mass is balanced by accreted mass. Thus the total mass
that is added through smooth accretion is kept constant. If the mass of a blob is larger than a given
threshold (e.g. the minimum halo mass used to create the merger trees or a hundredth of the parent
halo’s mass) we redefine the number of blobs and restart the procedure. Finally, we set the particle
mass for each blob particle equal to the mass of the dark matter halo particles mdm and compute
the number of particles of each blob: Ni = Mblob(ti)/mdm.
Having determined the mass of each blob, we now need to specify, where to place them. For
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this we make use of the free-fall time for a point mass at a radius r
tff = pi
√
r3
8GM(r)
, (4.7)
where M(r) is the total mass enclosed within r. The time it takes a blob to enter the virial radius
of the halo tenter = ti − tstart is shorter than the free-fall time and only slightly larger than the
free-fall time at radius r minus the free-fall time at the virial radius rvir, as the blob already has a
velocity towards the centre when crossing the virial radius. We can thus assume that tenter has a
value of tenter ∼> tff(ri)− tff(rvir), where ri is the initial distance of the blob from the halo centre
and rvir is the virial radius of the halo at ti. The initial distance of each blob is then given by
ri ≈
(√
8GM(r)
pi
tenter + r
3/2
vir
)2/3
, (4.8)
and we place the centre of each blob randomly on a sphere with radius ri. In order to prevent the
blobs from passing through the centre of the halo, we assign an initial velocity to every blob in a
random direction orthogonal to the radius vector. This leads to a larger time it takes a blob to enter
the virial radius which partly compensates for smaller estimate of tenter.
We are thus left with three free parameters: the number of blobs Nb, the scalelength of the
blobs rblob, and the initial velocities of the blobs vinit. In order to fix these values we select a
merger tree from the simulation box, presented in section 3.4, that has no mergers above a mass
ratio µ = 0.02. We can thus assume that all mass accreted by the parent halo is from smooth
accretion. The index number of this merger tree is 1811 and the virial mass at z = 0 is 1012M.
We start the simulation at zstart = 1, where the parent halo has a virial mass of 6.5 × 1011M, a
virial velocity of Vvir = 150 km s−1, a concentration parameter of c = 4.4, and a spin parameter
of λ = 0.038. We construct anN -body realisation of this halo with the initial conditions generator
as described in section 2.4 with Nhalo = 200 000 particles, and add dark matter particles in blobs
to this model with the method outlined above. For this we choose the fiducial parameters as
Nb = 400, rblob = 5 kpc and vinit = 30 km s−1, and vary each parameter around these values,
while keeping the other two parameters fixed. For about 400 blobs the number of particles per
blob is ≈ 200 which we have shown to be sufficient for stable blobs in isolation. We evolve each
system until z = 0 with a softening length of  = 0.7 kpc.
For each simulation we measure the virial mass as a function of cosmic time using a spherical
overdensity criterion and the fitting function by Bryan & Norman (1998). The results are presented
in Figure 4.3, where the virial mass measured in the simulations is compared to that found in the
merger tree. For our fiducial parameters, we are able to reproduce the accretion history of the
halo very well. In the left panel the number of blobs is varied. We see that neither a lower nor
a higher value than the fiducial one results in a difference for the mass that can be accreted. In
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Figure 4.3 Growth of the halo mass due to smooth accretion from dark matter blobs. The virial
mass measured in the isolated simulations (lines) is compared to that found in the merger tree
(symbols). In the left, middle and right panels different numbers of blobs, blob scalelengths and
initial velocities have been used, respectively. Unless otherwise noted, the fiducial values Nb =
400, rblob = 5 kpc and vinit = 30 km s−1 have been used. The black line shows the mass
evolution, if no smooth accretion is modelled.
the middle panel we vary the scalelength of the Gaussian profile. Also for this parameter we see
that the result is independent of its value. In the right panel the initial velocity is varied. Values
of vinit = 0 and 30 km s−1 lead to a very similar mass accretion history. For vinit = 60 km s−1
the blobs enter the virial radius slightly later, as the orbital energy is higher and the blobs need to
lose some angular momentum first. For higher values (vinit ∼> 90 km s−1) the virial mass of the
halo is too low, compared to the merger tree. The reason is that for some blobs the initial velocity
is high enough, such that they orbit within the virial radius of the parent halo just for a short time,
or even not at all. Instead their pericentric distance has the same dimension as the virial radius.
Thus they do not fall towards the centre, but orbit the halo on a large distance where the density is
not high enough such that they can lose their angular momentum due to dynamical friction. This
means that they initial velocities of the blobs should not be larger than half of the virial velocity of
the halo. Altogether we find that our model is able to reproduce the smooth accretion history of a
dark matter halo very well and does not depend on the exact values of the model parameters.
We finally need to check whether the Gaussian blobs remain bound when the enter the parent
halo, or if they are quickly dissolved such that they can be seen as smooth accretion as intended.
For this we compute surface density maps of the system at six redshifts. In Figure 4.4 the maps are
plotted on the scale of 1 Mpc for the model with the fiducial parameters. As the virial radius is of
the order of 200 kpc (depending on redshift), the total halo is shown. Blue colour indicates regions
of low density and red colour represents high density regions. The virial radius is approximately
given by the envelope of the green region. In the first panel at z = 1, all 400 blobs are clearly
visible, as their density is larger than the surrounding background density. As time elapses, the
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Figure 4.4 Projected dark matter surface density for the smooth accretion model using the fiducial
parameters. Blue colour represents regions of low density and red colour depicts high densities.
Each panel measures 1 Mpc on a side and the redshift is displayed in the upper left corner of each
panel. The virial radius of the halo is given by the envelope of the green region.
blobs fall towards the centre of the halo. When the blobs enter the halo, they are able to stay
bound for a short amount of time, corresponding to less than half an orbital period, and are then
dissolved. In the last panel at z = 0, most of the blobs have been destroyed. Only those blobs that
have just entered the halo are still bound as they have not been within the halo long enough to be
stripped.
As most of the blobs can remain bound for almost half an orbital period, they are able to reach
the pericentre of their orbit before they are dissolved. If the blobs are freely falling, this would be
problematic for a central disc of stars, since the constant bombardment of small objects can disturb
the disc and possibly thicken it. Therefore we modelled the bobs with an initial velocity, such that
the pericentre is large enough and the blobs do not perturb the disc. In Figure 4.5 the surface
density maps are plotted on a scale of 50 kpc such that the region within half of the Hernquist
scalelength of the halo is shown. This is the typical scale up to which exponential discs with
scalelengths of a few kpc can be resolved. As we can see, the density profile remains the same
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Figure 4.5 Same as Figure 4.4, but for the core of the halo with a panel side length of 50 kpc. The
envelope of the green region corresponds to approximately half the Hernquist scaleradius.
throughout the simulation, and no blobs can be identified in this region. The reasons for this are
the sufficient pericentric distance due to the initial velocity, such that the blobs rarely reach the
central region, and the low density of the blobs, which is lower than the density of the halo in this
region, such that their contribution to the total density is negligible. This shows that our method,
that models the smooth accretion with small bound objects instead of a uniform distribution of
dark matter particles, does not lead to a perturbation of central objects.
4.2 Modelling a hot gaseous halo
The other form of accretion we have to consider in our model is the accretion of gas from the hot
gaseous halo. As the hot gas cools it loses its pressure support and falls to the centre. Because
it thereby conserves its angular momentum it accretes onto a cold gaseous disc. In the galaxy
creator code we presented in section 2.4, this hot gaseous component is not included. Instead,
it is assumed that a cold gaseous disc is present at the start of the simulation, and that all stars
form from this component. However, this leads to the problem that as soon as the cold gas disc
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is depleted or destroyed, there is no more raw material for star formation available and the SFR
approaches zero. In merger simulations this problem has been neglected so far, as the time scale
of these simulations is usually small (a few Gyr), and the amount of cold gas is sufficient to ensure
a considerable SFR throughout the simulation time. Still, merger simulations with a cold disc
but without hot component tend to incorporate relatively high gas fractions, in order to be able to
reproduce galaxy properties, since the gas disc is not refuelled and all of the material has to be
present at the initial time. Especially for simulations with longer time scales, like the simulation
of semi-analytic merger trees, the accretion from the hot halo becomes very important.
In the following we extend the galaxy creator with a hot gaseous component. This is done with
a spherical density profile where the temperature profile is determined by requiring hydrostatic
equilibrium. In order to be able to accrete the material on a disc, we initialise the hot halo with
some angular momentum, which depends on the angular momentum of the dark matter halo. We
test our model in isolated simulations and constrain it by demanding that the stellar mass and
scalelength of a MW-like galaxy as a function of time be reproduced. In section 4.3 the model is
then applied in major merger simulations, and we study how the SFR, the starburst efficiency and
the morphology of the merger remnant chances with respect to the model that only employs a cold
gaseous disc. Furthermore we extend the study of disc thickening during minor mergers that was
presented in section 2.5, by including a hot gaseous halo in the initial conditions. As we found
that a cold gas disc affects the galaxy properties after the merger, we investigate how cooling from
a gaseous halo onto the central disc affects the galaxy mergers.
4.2.1 Extending the galaxy models
To construct the galaxy models used in our simulations we apply and extend the method described
in 2.4. Each system is composed of a cold gaseous disc, a stellar disc and a stellar bulge with
masses Mcg, Mdisc and Mb embedded in a halo that consists of hot gas and dark matter with
masses Mhg and Mdm . The gaseous and stellar discs are rotationally supported and have radial
profiles described by an exponential law. The scalelength of the gaseous disc rg is related to that of
the stellar disc rd by rg = χrd. The vertical structure of the stellar disc is described by a radially
independent sech2 profile with a scaleheight z0. The spherical stellar bulge is non-rotating and is
constructed by using the Hernquist profile with a scalelength rb. The dark matter halo also has a
Hernquist profile with a scalelength rs, a concentration parameter c = rvir/rs and a halo spin λ.
For MW-like galaxies there have been no observations yet, that constrain the profile of the
gaseous hot halo. Therefore, we choose the observationally motivated β-profile (Cavaliere &
Fusco-Femiano 1976; Jones & Forman 1984; Eke et al. 1998) which has been found in galaxy
clusters:
ρhg(r) = ρ0
[
1 +
(
r
rc
)2]− 32β
. (4.9)
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It has three free parameters: the central density ρ0, the core radius rc and the outer slope parameter
β. The temperature profile can be fixed by assuming an isotropic model and hydrostatic equilib-
rium inside the galactic potential. The halo temperature at a given radius r is then determined by
the cumulative mass distribution M(r) of the dark, stellar and gaseous components beyond r and
by the density profile ρhg(r) of the hot gas:
T (r) =
µmp
kB
1
ρhg(r)
∫ ∞
r
ρhg(r)
GM(r)
r2
dr , (4.10)
where mp is the proton mass, G and kB are the gravitational and Boltzmann constants and µ is the
mean molecular weight.
In addition, the hot gaseous halo is rotating around the spin axis of the discs. The angular
momentum of the hot gaseous halo is set by requiring that the specific angular momentum of
the gaseous halo jhg = Jhg/Mhg is a multiple of the specific angular momentum of the dark
matter halo jdm = Jdm/Mdm such that jhg = αjdm. A value of α = 1 matches the commonly
used assumption that there is no angular momentum transport between the spherical dark matter
halo and the gaseous halo. The angular momentum distribution is assumed to scale with the
product of the cylindrical distance from the spin axis R and the circular velocity at this distance:
j(R) ∝ R vcirc(R). The vertical velocity of the gas halo particles is set equal to zero.
4.2.2 Parameters of the gaseous halo
Our extension of the initial condition model, the hot gaseous halo, is parameterised with four
parameters: the central density ρ0, the core radius rc, the slope parameter β and the spin factor
α. For the density profile, we adopt β = 2/3 (Jones & Forman 1984) and rc = 0.22rs (Makino
et al. 1998) and fix ρ0 such that the baryonic fraction within rvir (stellar and gaseous discs, bulge
and gaseous halo) is the universal one. Thus there is a central core with a constant density and the
slope at the outer halo is −2. This leaves one free key parameter, the spin factor α which needs to
be constrained. In high resolution cosmological simulations one finds that at low redshift (z ∼< 2)
α is generally larger than 1, as feedback processes preferentially remove low angular momentum
material from the halo (Governato et al. 2010).
In order to fix the spin factor for MW-like galaxies we model a typical MW-like galaxy at
z = 1 and let it evolve to z = 0 using different values for α. We then employ two observational
evidences (stellar mass and disc size) to determine the correct α. A typical MW-like galaxy with
Mdm(z = 0) ∼ 1012M has a halo concentration of c=8.43 at z=0 (Maccio` et al. 2008) which
fixes both parameters of the Hernquist profile. Assuming that the halo profile does not change from
z = 1, we can compute the virial mass and the halo concentration given the higher background
density at z = 1, resulting in Mdm,z=1 = 8.0 × 1011M and cz=1 = 3.64. Using the redshift-
dependent stellar-to-halo mass relation derived by Moster et al. (2010), we assign a stellar mass
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Table 4.1 Parameters kept constant for all simulations. Masses are in units of 1010M, scale and
softening lengths are in units of kpc and pc, respectively
System Mdm Mb rd rg rb z0 c λ Ndm Nbulge
Z1 80 0.500 2.50 3.75 0.50 0.6 3.64 0.030 500 000 20 000
G3 110 0.890 2.85 8.55 0.62 0.4 6.00 0.050 240 000 20 000
MBpri 100 0.600 3.00 3.0 0.50 0.4 9.65 0.034 4 000 000 500 000
MBsat 10 0.063 0.00 0.0 0.30 0.0 11.98 0.034 900 000 100 000
of M∗,z=1 = 2.5×1010M (converted to Salpeter IMF) to the system. Distributing 80 per cent of
this stellar mass into the exponential disc yields a stellar disc mass of Mdisc = 2.0× 1010M and
a bulge mass of Mb = 5× 109M. A bulge scalelength of rb = 0.5 kpc is assumed. In order to
determine the mass of the gaseous disc we use the recipe by Stewart et al. (2009) which is based
on data by McGaugh (2005) and Erb et al. (2006). This recipe predicts that central galaxies with
M∗ = 2.5 × 1010M at z = 1 have a gas fraction of fgas = Mcg/(Mcg + Mdisc) = 0.4 which
yields a mass for the gaseous disc of Mcg = 1.33× 1010M. The scalelength for the stellar disc
at z = 1 is set to rd = 2.4 kpc consistent with observations from GEMS (Barden et al. 2005;
Somerville et al. 2008b) and corresponds to a spin parameter of λ = 0.03. We assume that the
scalelength of the gaseous disc rg is a factor of χ = 1.5 larger. The scaleheight of the stellar disc
is set to z0 = 0.6 kpc, typical for MW-like galaxies (Schwarzkopf & Dettmar 2000; Yoachim &
Dalcanton 2006). The mass of the hot gaseous halo within rvir is Mhg = 1.2× 1011M, such that
the baryonic fraction within rvir is the universal one. The system is modelled withNdm = 500,000
dark matter, Ndisc = 100,000 stellar disc, Ncg = 33,333 gaseous disc, Nbulge = 20,000 bulge
and Nhg = 375,000 gaseous halo particles. We set the gravitational softening length to  =
100 pc, 140 pc and 400 pc for stellar, gas and dark matter particles, respectively. We summarise
the parameters that are kept constant for all simulations in Table 4.1, and parameters that differ for
the various simulation runs are summarised in Table 4.2.
In order to fix the angular momentum of the gaseous halo, we run five simulations with differ-
ent settings for the spin factor α. These are one simulation with no gaseous halo at all (Z1), and
simulations with α = 1, 2, 4 and 8 (Z1A1, Z1A2, Z1A4, Z1A8). We evolve these simulations in
isolation from z = 1 to z = 0 which corresponds to 7.6 Gyr. We adopt the standard parameters
for the multiphase model in order to match the Kennicutt law as specified in 2.3.1. The star for-
mation time-scale is set to t0∗ = 2.1 Gyr, the cloud evaporation parameter to A0 = 1000 and the
SN ‘temperature’ to TSN = 108 K. We employ a Salpeter IMF which sets the mass fraction of
massive stars β = 0.1. The simulations include stellar winds for which we adopt a mass-loading
factor of η = 2 motivated by observations (Martin 1999; Rupke et al. 2005; Martin 2005), and a
wind speed of vw ∼ 480 km s−1 typical for a MW-sized galaxy at low redshift. We do not include
feedback from accreting black holes (AGN feedback) in our simulations.
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Table 4.2 Parameters for the different simulation runs. Masses are in units of 1010M, and soft-
ening lengths are in units of pc.
Run fgas Mdisc Mcg Mhg α Ndisc Ncg Nhg gas θ
Z1 0.40 2.00 1.33 0.0 - 100 000 33 333 0 140 -
Z1A1 0.40 2.00 1.33 12.0 1 100 000 33 333 375 000 140 -
Z1A2 0.40 2.00 1.33 12.0 2 100 000 33 333 375 000 140 -
Z1A4 0.40 2.00 1.33 12.0 4 100 000 33 333 375 000 140 -
Z1A8 0.40 2.00 1.33 12.0 8 100 000 33 333 375 000 140 -
G3 0.23 4.11 1.20 0.0 - 100 000 15 000 0 140 30◦
G3f0 0.00 5.31 0.00 0.0 - 130 000 0 0 - 30◦
G3f4 0.40 3.20 2.11 0.0 - 80 000 25 000 0 140 30◦
G3f8 0.80 1.07 4.24 0.0 - 30 000 50 000 0 140 30◦
G3h 0.23 4.11 1.20 11.0 4 100 000 15 000 175 000 140 30◦
G3hf0 0.00 5.31 0.00 11.0 4 130 000 0 175 000 140 30◦
G3hf4 0.40 3.20 2.11 11.0 4 80 000 25 000 175 000 140 30◦
G3hf8 0.80 1.07 4.24 11.0 4 30 000 50 000 175 000 140 30◦
MB 0.20 2.40 0.60 0.0 - 1 000 000 125 000 0 70 60◦
MBh 0.20 2.40 0.60 16.0 4 1 000 000 125 000 3 700 000 70 60◦
We compare the results from these simulations to two observational evidences: stellar mass
and disc scalelength. For every time-step of the simulation we measure the virial mass of the
dark matter halo and use the stellar-to-halo mass recipe by Moster et al. (2010) at that redshift,
to compute the mean stellar mass expected for this halo mass and compare it to the stellar mass
measured in the simulation. We also compute the radial density profile of the stellar disc and
fit an exponential to it in order to measure the scalelength. These values are compared to the
mean observed scalelength for disc galaxies of the mean stellar mass at the given redshift (Barden
et al. 2005; Somerville et al. 2008b). For example, the considered halo has a virial mass of
Mdm = 0.9 × 1012M at z = 0.4. The mean stellar mass of galaxies in this halo at this redshift
is M∗ = 4 × 1010M and the mean observed scalelength for galaxies of this mass is rd =
2.82 kpc. The values for stellar mass and scalelength measured in the simulations have to obey
these constraints.
We show the results of the simulations in Figure 4.6. For the simulation without a gaseous
halo the evolution of the scalelength agrees well with the observed values at z ∼> 0.4 while after
that it deviates and stays too small. The stellar mass evolution, however, completely disagrees
with that of a typical galaxy of this halo mass. The reason for this is the lack of cold gas from
which the stars form. As the initial cold gaseous disc is depleted quickly, but does not get refuelled
from an external reservoir, there is not enough gas available to increase the disc mass by a factor
of 2 until z = 0. This shows that the hot gaseous halo is very important in order to reproduce the
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Figure 4.6 Upper panel: Stellar mass as function of time for different spin settings. The values
measured in the simulations (lines) are compared to the observationally motivated predictions
(bold line and shaded area). Lower panel: Disc scalelength as function of time for different α.
Symbols show the observed values by Barden et al. (2005). Only the simulation with α = 4
agrees well with both constraints.
star formation history of galaxies, as the gas from the halo cools and accretes onto the disc. This
process prevents the depletion of the cold gaseous disc and results in realistic SFRs.
The simulations with a gaseous halo show a much larger SFR which depends on the selected
spin factor α. For low values of α (1 and 2), the stellar mass of the galaxy increases too fast and
becomes too large at z = 0, while the scalelength quickly decreases and reaches values that are
much smaller than the observed ones. These effects are due to the low angular momentum of the
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halo gas at the start of the simulation. When the gas cools, it is no longer supported by pressure,
but only by angular momentum. This means that a lower initial angular momentum results in a
lower orbital distance and thus in a lower scalelength. Additionally, since the centrifugal barrier is
lower, much more material can reach densities where star formation is active, which yields a much
higher SFR and thus a larger stellar mass. For values of α ∼< 3, too much material concentrates
at small distances from the galactic centre which results in too massive and too compact discs
compared to observations. On the other hand, large values of α (8) yield a stellar disc which is
not massive enough and which has a scalelength that is too large. Due to the larger initial angular
momentum the cooling gas can retain large orbital distances resulting. This also leads to much
fewer dense star forming material and thus to lower stellar masses. For values of α ∼> 6, we find
that gas settles in too large discs and does not form enough stars compared to observations.
The model that agrees best with the observational constraints is that with a spin factor of
α = 4. For this value we find a stellar mass and a scalelength which are within the observational
constrains for MW-like galaxies. As a result we use this value throughout the rest of this work
for all systems, which are all in the halo mass range of the MW. We note that different values
of α (representing different merger histories, feedback efficiencies, etc.) can span up a range of
stellar masses and scalelength which is in agreement with the wide spread of these quantities for
MW-like systems.
4.3 Application: merger simulations with a hot gaseous halo
Since the ‘merger hypothesis’ has been proposed by Toomre & Toomre (1972) there have been
many numerical simulations studying the dynamics of galaxy mergers and the properties of merger
remnants (Gerhard 1981; Barnes 1988; Hernquist 1989, 1993; Barnes & Hernquist 1996; Mihos &
Hernquist 1994; Di Matteo et al. 2005; Naab et al. 2006; Cox et al. 2006b; Jesseit et al. 2007).
In the last years several groups have produced very large libraries of major merger simulations,
considering different orbital parameters of the merger, the effect of the implemented gas physics,
star formation algorithms and feedback schemes (Robertson et al. 2006b; Cox et al. 2006a;
Burkert et al. 2008; Bois et al. 2010). One clear outcome of those simulations has been the need
of including gas physics in order to reproduce basic properties of observed galaxies. Gas plays an
important role in shaping the properties of galaxy mergers and their remnants, because unlike stars
and dark matter, gas can cool radiatively and therefore lose kinetic energy efficiently. Furthermore,
gas can lose angular momentum owing to gravitational torques during merger events. After the
merger an extended cold gas disc can form in the remnant from high angular momentum gas in the
outer regions of the progenitors. By the accumulation of cold gas in the centre of a merger remnant
the central potential changes and increases the velocity dispersion of the stars. Additionally, the
gas is eventually transformed into stars, leading to a new stellar component which is rotating and
kinematically cold. It has been shown that in numerical simulations even major mergers of disc
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galaxies can produce remnants with large discs if the cold gas fractions in the progenitors are
sufficiently high (Springel & Hernquist 2005; Robertson et al. 2006a; Governato et al. 2007,
2009). This has also been seen in observations of high-redshift discs that are probably reforming
after mergers (van Dokkum et al. 2004; Kassin et al. 2007; Genzel et al. 2008; Puech et al.
2008).
Detailed studies of elliptical galaxies have shown that they can be classified into two groups
with respect to their structural properties (Davies et al. 1983; Bender 1988; Bender & Nieto
1990; Kormendy & Bender 1996). Faint spheroids exhibit isotropic rotation that is along the
photometric major axis (with little minor-axis rotation) and have discy deviations of their isophotal
contours from perfect ellipses. They have power-law surface brightness profiles (Lauer et al. 1995;
Faber et al. 1997) and show little or no radio and X-ray emission (Bender et al. 1989). Large,
luminous spheroids, on the other hand, have box-shaped isophotes, show flat cores and strong
radio emissions and X-ray luminosities. They rotate slowly, are supposed to be supported by
velocity anisotropy and have a large amount of minor-axis rotation.
The distinct physical properties of elliptical galaxies lead to the viewpoint that the two classes
have different formation histories and form through different mechanisms. Many studies find that
collisionless merger simulations lead to slowly rotating, pressure supported, anisotropic remnants
(Negroponte & White 1983; Barnes 1988; Hernquist 1992). Along this line of reasoning, Bendo
& Barnes (2000) and Naab & Burkert (2003) argue that fast rotating low luminosity ellipticals are
produced by dissipationless minor mergers. However, remnants of dissipationless disc galaxies
are in conflict with observations, as they are not able to reproduce the de Vaucouleurs profiles in
the inner parts. The reason for this is that low phase-space density spirals cannot produce the high
central phase-space densities of ellipticals because according to Liouville’s theorem, phase-space
density is conserved during a collisionless process (Carlberg 1986). In dissipationless simulations,
this problem could only be overcome by include large bulge components in the progenitor systems.
Another way to circumvent this problem is to take into account the gas component in the
progenitors, which is able to increase the phase-space density through radiation (Lake 1989). It
has been argued by Kormendy & Bender (1996) and Faber et al. (1997) that the observed stellar
discs embedded in rotating ellipticals (Rix & White 1990; Ferrarese et al. 1994; Scorza et al.
1998; Rix et al. 1999; Lauer et al. 2005) are signatures of dissipation during their formation
while non-rotating systems would form from pure dissipationless mergers. This idea has been
explored by several studies (Bekki & Shioya 1997; Bekki 1998; Naab et al. 2006). Focusing on
equal mass mergers, Cox et al. (2006b) confirm that slowly rotating anisotropic spheroids can
be formed in dissipationless simulations. Furthermore they show that if a massive gaseous disc is
included in the simulation, a consistent fraction of merger orbits leads to systems with significant
rotation. Those remnants are able to reproduce the observed distribution of projected ellipticities,
rotation parameter and isophotal shapes. One open issue is that these results relay on very high
(possibly too high) gas content in the discs of the merger progenitors and that only a fraction of
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the considered orbits lead to fast rotators. Possibly the abundance of disc galaxies with such gas
fractions is not high enough in order to explain the large number of fast rotating elliptical galaxies
observed in the local Universe.
Similarly, the importance of the dissipational component has been shown in minor mergers
and is known to play an important role in stabilising galactic discs. The effect of dissipational
gas physics on the vertical heating and thickening of disc galaxies during minor mergers was
addressed in section 2.5. We found that when the presence of gas in the disc is taken into account
the thickening is reduced with respect to collisionless simulations and we argued that the presence
of gas can reduce disc heating via two mechanisms: absorption of kinetic impact energy by the
gas and/or formation of a new thin stellar disc that can cause heated stars to re-contract towards
the disc plane.
On the other hand most hydrodynamical simulations performed so far, have limited their atten-
tion only to cold gas inside the stellar disc. Current models of galaxy formation (Kauffmann et al.
1993; Bower et al. 2006; De Lucia & Blaizot 2007; Monaco et al. 2007; Somerville et al. 2008a)
as well as full cosmological hydrodynamical simulations (e.g. Stinson et al. 2010) both predict a
large amount of hot gas in hydrostatical equilibrium within the gravitational potential of the dark
matter halo (e.g. Hansen et al. 2010). From the smooth accretion of gas from these haloes the
discs of spiral galaxies are then able to form (Abadi et al. 2003; Sommer-Larsen et al. 2003). As
the gas mainly cools via thermal bremsstrahlung it radiates mostly in the soft X-ray band.
Since this halo X-ray luminosity depends highly on the mass of the system, observational
studies are naturally biased towards very massive haloes. Hence, hot gas in massive ellipticals
has been observed in galaxy clusters and in isolated systems (see Mathews & Brighenti 2003, and
references therein). In galactic haloes, however, the gas temperature can be lower than 106K and
thus difficult to observe by current X-ray telescopes, as the radiation is only detectable in very
soft bands. Still, studies performed in the last years have identified X-ray emissions from diffuse
hot gas in various energy bands (Benson et al. 2000; Wang et al. 2003; Strickland et al. 2004;
Tu¨llmann et al. 2006; Rasmussen et al. 2009). In the MW, X-ray absorption lines produced by
local hot gas have been detected in the spectra of several AGN. Sembach et al. (2003) and Tripp
et al. (2003) have argued that these emissions come from the interface between warm clouds and
the ambient hot medium. Given the existence of hot gaseous haloes, it is important to include
these in simulations of isolated galaxies and mergers.
In the last years there have been several studies that have taken the gaseous halo into account.
Mastropietro et al. (2005) and Mastropietro et al. (2009) employ a hot halo component to study
the hydrodynamical and gravitational interaction between the Large Magellanic Cloud and the
MW. Sinha & Holley-Bockelmann (2009) run mergers simulations of galaxies consisting of dark
matter and hot halo gas in order to study the change of temperature and X-ray luminosity induced
by shocks during the mergers. Those studies, however, use adiabatic simulations, neglecting cool-
ing and star formation. Focusing on isolated systems, Kaufmann et al. (2006) and Kaufmann et al.
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(2009) simulate systems consisting of a dark and a hot halo component to study the evolution and
cooling behaviour of the hot halo and the formation of discs via cooling flows. Similarly, Viola
et al. (2008) run simulations of a gas halo embedded in a dark matter halo to study the cooling
process and assess how well simple models can represent it. So far, no study has employed a
rotating, cooling gaseous halo in merger simulations.
The goal of our study is to test the impact of such a large gas reservoir on the properties of
merger remnants, both in case of major and minor mergers. For the first time we include a gradual
gas cooling from the halo (as expected in a cosmological context) in our galaxy models. We then
present a detailed analysis of the effects of this new gas component. For major merger we focus
our attention on three main quantities: the SFR during mergers, triggering of stellar bursts and the
morphology and kinematics of merger remnants. The hot gaseous component is expected to refuel
the cold gas disc after a merger which can subsequently form stars thus impacting the morphology
of the remnant. For minor mergers we revisit the issue of disc stability, formation of a thick disc
and the regrowth of a thin disc after mergers. Here, the continuous accretion of gas is expected to
have a stabilising effect on the stability of the disc.
Merger Simulation Parameters
To study equal mass mergers of disc galaxy we adopt the model galaxy G3 proposed by Cox
et al. (2008) which is tuned to match SDSS observations of local galaxies. The stellar mass of
this galaxy was chosen to be M∗ = 5 × 1010M. The bulge-to-disc ratio of B/D = 0.22 is
taken from de Jong (1996) resulting in a stellar disc mass of Mdisc = 4.11× 1010M and a bulge
mass of Mb = 8.9 × 109M. The gas fraction in the disc of 0.23 has been determined from the
gas-to-stellar mass scaling relation from Bell et al. (2003) and yields a mass for the cold gaseous
disc of Mcg = 1.2 × 1010M. The sizes of the stellar disc and bulge were chosen to agree with
the stellar mass-size relation of Shen et al. (2003) resulting in rd = 2.85 kpc and rb = 0.62 kpc.
The scalelength of the gaseous disc was assumed to be a factor of χ = 3 larger than that of the
stellar disc, such that rg = 8.55. The scaleheight of the stellar disc was set to z0 = 0.4 kpc. The
mass and concentration of the dark matter halo were selected such that the rotation curves lie on
the baryonic Tully-Fisher relation (Bell & de Jong 2001; Bell et al. 2003) which yields a virial
mass of Mdm = 1.1 × 1012M and a concentration parameter of c = 6. In order to explore the
effects of different gas fractions in the disc on starbursts and remnant morphologies we construct
additional galaxy models with a modified disc gas fractions of 0, 40 and 80 per cent (G3f0, G3f4
and G3f8). In some simulations we extend this model to also include a hot gaseous halo (G3hf0,
G3h, G3hf4, G3hf8) with a mass of Mhg = 1.1 × 1011M within rvir and a gas halo spin factor
of α = 4. We set the gravitational softening length to  = 100 pc, 140 pc and 400 pc for stellar,
gas and dark matter particles, respectively.
We follow Cox et al. (2008) and choose a nearly unbound elliptical orbit with an eccentricity
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of  = 0.95, a pericentric distance of rmin = 13.6 kpc and an initial separation of dstart =
250 kpc. The resulting interactions are fast and nearly radial, consistent with orbits found in N -
body simulations (Benson 2005; Khochfar & Burkert 2006). We employ a prograde orbit; the spin
axes of the first galaxy and the orbit are aligned while the second galaxy is tilted by θ = 30◦ with
respect to the orbit such that the interaction is not entirely coplanar. We evolve all simulations for
5 Gyr.
In a second set of simulations we extend the study on disc stability in section 2.5 and include
a hot gaseous component. We use the primary disc galaxy system MB which has a virial mass of
Mdm = 10
12M, a concentration parameter of c = 9.65 and a spin parameter of λ = 0.034. The
stellar disc mass isMdisc = 2.4×1010M and the bulge mass isMb = 6×109M. The gas frac-
tion in the disc is 20 per cent, resulting in a mass for the cold gaseous disc of Mcg = 6× 109M.
The scalelengths of the stellar and the gaseous disc were set to rd = 3 kpc, the bulge radius to
rb = 0.5 kpc and the scaleheight of the stellar disc to z0 = 0.4 kpc. We extend this model and also
include a gaseous halo with Mhg = 1.6× 1011M within rvir and a gas halo spin factor of α = 4.
The primary system is modelled with Ndm = 4,000,000 dark matter, Ndisc = 1,000,000 stellar
disc, Ncg = 125,000 gaseous disc, Nbulge = 500,000 bulge and Nhg = 3,700,000 gaseous halo
particles. The satellite system consists of only dark matter with Mdm = 1011M and c = 11.98,
and a stellar bulge withMb = 6.3×108M and rb = 0.3 kpc. It is modelled withNdm = 900,000
dark matter and Nbulge = 500,000 bulge particles. We set the gravitational softening length to
 = 50 pc, 70 pc and 100 pc for stellar, gas and dark matter particles, respectively. The merger
orbit has been chosen to be consistent with cosmological simulations and has a eccentricity of
 = 0.89, a pericentric distance of rmin = 18 kpc and an initial separation of dstart = 120 kpc.
We use a prograde orbit with an angle of θ = 60◦ between the spin axes of the disc and the orbit
and evolve the simulations for 6 Gyr. The parameters that are kept constant for all simulations are
summarised in Table 4.1, while parameters that differ for the various simulation runs are given in
Table 4.2.
4.3.1 Star formation in major mergers
We have simulated the fiducial major merger using four different modes: one without stellar winds
and without hot gaseous halo (G3G3), one with stellar winds and no gaseous halo (G3G3w), one
without winds but with a gaseous halo (G3G3h) and finally one with winds and a gaseous halo
(G3G3wh). These simulations are used to study the effects of winds and the hot gaseous halo on
starburst and the morphology of the merger remnant. The surface density in the orbital plane is
shown in Figures 4.7 (G3G3) and 4.8 (G3G3wh) for the stellar component (upper panels) and the
gaseous component (lower panels).
The discs become tidally distorted when reaching pericentre (t ∼ 0.8 Gyr) leading to long
tidal tails that drive out loosely bound material while the central regions form bar-like structures.
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Figure 4.7 Projected surface density for the stellar component (upper two rows) and the gaseous
component (lower two rows) during the merger without hot gaseous halo and without stellar winds
as viewed in the orbital plane. Each panel measures 200 kpc on a side and the time in Gyr is
displayed in the upper left corner of each panel. The right-hand panels in the second and bottom
rows show a side view of the final merger remnant.
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Figure 4.8 Similar to Figure 4.7, but for the simulation with stellar winds and a hot gaseous halo.
Due to dynamical friction, orbital energy decreases while the spin of the haloes increases which re-
sults in an almost radial orbit after the first encounter. During the second encounter (t ∼ 2.3 Gyr)
both discs are destroyed and the remnant is a spheroidal-looking object. Due to shocks, kinetic
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energy of the gas is transformed to thermal energy and then radiated away resulting in an offset
between the stellar and the gaseous components. This drags the gas into the dense central regions
where the cooling time is very short leading to a starburst. In the G3G3 run, heated low-density
gas expands from the central region and forms a (low mass) hot gaseous halo after the merger.
Gas from this halo cools again and accretes onto the orbital plane where it forms a cold gaseous
disc, subsequently forming a nuclear stellar disc. The G3G3wh run is similar, however, due to
the additional potential, the galaxies merge earlier (∼ 150 Myr). Furthermore, after the merger
there is still a large reservoir of hot gas left in the halo which has received most of the orbital
angular momentum. This massive hot halo can reform a much more prominent cold gaseous disc
after the merger which is thinner than in the G3G3 run. In both simulations we find several tidal
condensations which formed from loosely bound tidal material and consist of gas and new stars.
In the following, we study the effects of the stellar winds and the presence of the hot gaseous
halo on the SFRs and the efficiency of the starburst. For this we compare the SFRs and the new
stellar mass that forms during the simulations between the four fiducial mergers and for isolated
constituent galaxies. This shows how the quantities associated with the merger, are affected by
winds, the gaseous halo and the combination of both.
The star formation history for all of our four fiducial mergers is shown in the first row of Figure
4.9. The simulation without stellar winds and no gaseous halo (G3G3) agrees very well with the
results of Cox et al. (2008): The SFR of the merger (solid line) is clearly enhanced compared to
the isolated runs (dotted line). The maximum SFR during the merger (∼ 30M yr−1) is 30 times
larger than the summed SFR of the isolated discs (∼ 1M yr−1), as shown in the second row of
Figure 4.9. The starburst starts shortly before the final coalescence, and after the merger the SFR
quickly drops (∼ 500 Myr) to the value of two isolated discs. We find that in both cases the SFR
after 3 Gyr (< 1M yr−1) is very low compared to the SFR at the beginning of the simulation
(∼ 6M yr−1). This is due to the limited amount of cold gas which is not refuelled during the
simulation. We show the amount of cold star forming gas (i.e. cold gas which also fulfils the
density criterion ρ > ρth) in the third row of Figure 4.9. The amount of dense star forming gas
strongly increases just before the burst, due to the torques. This star forming gas reservoir is used
up in the burst after which there are no more torques which would lead to high concentrations of
gas.
The SFR in the simulation with stellar winds included (G3G3w) drops much quicker for the
isolated galaxies, as cold gas is expelled from the disc through winds. After ∼ 3 Gyr the SFR has
dropped by a factor of 100. During the merger we also find a starburst, with an enhanced SFR (∼
6M yr−1) that is∼ 30 times larger than the summed SFR of the isolated discs (∼ 0.2M yr−1).
With respect to the simulation with no winds, the absolute value of the SFR during the starburst is
five times lower. Another effect is that the duration of the starburst is significantly increased with
respect to the windless case. The SFR in the merger is always larger than in the isolated case and
only equals that of the isolated discs only at the end of the simulation. The amount of dense star
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Figure 4.9 The rows from top to bottom show the SFR, SFR normalised by the SFR of both
isolated galaxies, the mass of dense star-forming gas available, the new stellar mass formed in the
simulation, the burst mass, the gas fraction in the disc and the bulge-to-total ratio for the fiducial
simulations G3G3, G3G3w, G3G3h and G3G3wh, from left- to right-hand side. The results for
the mergers are given by the solid lines and for the combined isolated galaxies by the dotted lines.
All SFRs are given in M yr−1 and all masses in 1010M.
forming gas is lower than in the no wind case during the burst. After the burst, however, there is
as much star forming gas available as in the G3G3 run, leading to a similar SFR. The reason for
this longer duration of the starburst is the stellar wind. During the starburst it prevents parts of the
cold gas to reach the dense star forming centre. This material is then located in a halo around the
galaxy and can subsequently cool and accrete onto the disc, leading to a higher SFR.
In the run without winds, but with a hot gaseous halo (G3G3h) the SFR for the isolated galaxies
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stays relatively constant during the simulation (∼ 6M yr−1 per galaxy), as the cold gas in the
disc is constantly refuelled through cooling form the halo. The starburst has an enhanced SFR of
(∼ 60M yr−1) which is a factor of 5 times larger than the summed SFR of the isolated discs.
However, after the burst the SFR drops to a value that is lower with respect to the isolated case
(∼ 5M yr−1). The reason for this is the lower amount of star forming gas available after the
burst. This means that the cold gas at the centre of the galaxy which is compressed and quickly
used up during the burst, is not replenished, indicating that there is a process that hinders the
accreting gas from becoming dense and forming stars.
Finally, the SFR for the isolated galaxies in the simulation including winds and a gaseous halo
(G3G3wh) is also relatively constant (∼ 2M yr−1 per galaxy), but lower than in the G3G3h case
due to the stellar winds which remove dense gas from the centre. Although in the merger case
there is clearly an enhanced SFR, the peak is not as prominent and the burst is spread over a much
larger time interval than in the other cases. With respect to the isolated case, the maximum SFR
(∼ 13M yr−1) is enhanced by only a factor of 3. After the burst, the SFR decreases again and
reaches a value that is similar to that of the two isolated systems. The reason for this is that the
amount of dense star forming gas is the same in both runs.
In summary we can point out two major effects: (1) In simulations with stellar winds included,
the starburst is spread over a much larger time interval than in the windless case. The reason for
that is the removal of cold gas from the dense star forming region in the centre. This material
is moved to a halo around the galaxy and can then cool and accrete back to the centre which
results in an enhanced SFR. (2) In simulations that include a hot gaseous halo the enhancement
of the SFR in a merger with respect to isolated galaxies is much smaller than in systems that do
not include a gaseous halo. The reason for that is the continuous accretion of cold gas from the
halo. In simulations without this accretion, most of the gas is already used up by the time of
the merger, and the rest is then quickly converted into stars during the burst resulting in a high
SFR. Isolated galaxies, however, have a very low SFR at the same time which results in a large
difference between merging and isolated galaxies. If the gaseous halo is taken into account, also
isolated galaxies have a considerable SFR, such that the difference between the enhanced SFR
during mergers and isolated systems is not large any more.
4.3.2 Starburst efficiency
In order to quantify the merger-driven star formation it is common to focus on quantities that
use the gas consumption rather than details of the time-dependent star formation history, since
the latter depends on the adopted feedback model. To this end, various authors make use of the
‘burst efficiency’ e which is defined as the fraction of cold gas consumed during the merger minus
the fraction of cold gas consumed by constituent galaxies evolved in isolation (Cox et al. 2008;
Somerville et al. 2008a). The definition is then useful to predict the additional mass due to the
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Figure 4.10 The rows from top to bottom show the SFR, the burst mass, the cold gas mass and the
gas fraction in the disc for the simulations G3G3, G3G3h and G3G3wh from left- to right-hand
side. The different lines represent initial cold gas fractions in the disc. All SFRs are given in
M yr−1 and all masses in 1010M.
starburst as a function of initial cold gas mass. An equivalent definition is e = Mburst/Mcold,
where the ‘burst mass’ Mburst = M∗,new(merger) −M∗,new(isolation) is the stellar mass that
formed due to the merger and Mcold is the mass of cold gas in the galaxy before the merger. The
two main quantities to determine the burst efficiency are thus burst mass and the cold gas mass.
It is important at which time these quantities are defined: the cold gas mass has to be defined just
before the final coalescence where the gas will lose angular momentum. The burst mass has to be
defined just after the merger, i.e. when the SFR of the merging system is at the same level of the
isolated galaxies again, otherwise it depends on the SFR after the merger.
Dependence on winds and gaseous halo
In the fourth row of Figure 4.9 we show the new stellar mass formed during the simulation for the
isolated (dotted line) and the merger case (solid line). The difference between the isolated and the
merger lines is shaded. In the fifth row, the burst mass is plotted while in the sixth row, we show
the cold gas fraction in the disc fgas = Mcold/(Mcold +M∗,disc).
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The new stellar mass formed in the simulation G3G3 is enhanced during the starburst, such
that the burst mass is Mburst = 0.84 × 1010M. With an cold gas mass just before the burst of
Mcold = 1.25 × 1010M (for both galaxies) this results in a starburst efficiency of e = 0.68.
Due to the stellar winds, the starburst in the G3G3w case is less efficient: it has a burst mass
of Mburst = 0.4 × 1010M and a cold gas mass before the burst of Mcold = 0.9 × 1010M
which results in an efficiency of e = 0.45. This shows that any parameterisation of the starburst
efficiency depends on the stellar wind model and its parameters.
In the simulation with a gaseous halo and no winds the mass of the merging system also
increases during the burst with respect to the isolated systems. It has a burst mass of Mburst =
0.97 × 1010M and a cold gas mass before the burst of Mcold = 1.92 × 1010M resulting in
an efficiency of e = 0.51. The presence of the hot gaseous halo thus reduces the efficiency.
In addition to that, as the SFR of the merger remnant is lower than that of the isolated systems
after the burst, the summed stellar mass of the isolated galaxies increases faster, such that both
simulations have the same stellar mass at t ∼ 3.5 Gyr. At the end of the simulations, the summed
stellar mass in the isolated galaxies is larger than that of the merger remnant. The SFR after the
starburst is lower than that of the isolated systems, since the amount of dense star-forming gas
available is a factor of ∼ 4 lower. The initial cold gaseous disc is consumed during the starburst,
so that the the SFR after the burst depends only on the amount of gas that can be accreted to the
dense centre from the hot halo. This means that the accretion is more effective in the isolated case
than after the merger.
In order to explain what prevents the gas from cooling and becoming dense enough to form
stars we compare the specific angular momentum and the temperature of the hot gaseous halo
between the merger remnant and the isolated system at t ∼ 2.5 Gyr. The specific angular mo-
mentum of the gaseous halo in the merger remnant is 25 per cent higher than that of the isolated
system, leading to larger centrifugal barrier. As we have shown in section 4.2.2, a larger angular
momentum decreases the accretion rate and the amount of gas that can reach high enough densities
to form stars. While in the isolated case the specific angular momentum stays constant throughout
the simulation, in the merger run the angular momentum of the remnant is dominated by the angu-
lar momentum of the merger orbit. For our prograde, almost coplanar orbit this results in a larger
specific angular momentum after the merger is complete, leading to fewer cold gas available at the
centre and thus to a lower SFR.
There is also a second effect that leads to a lower SFR after the merger. When the two gaseous
haloes collide, shocks occur and heat the gas, transferring orbital energy to thermal energy. At
t ∼ 2.5 Gyr, just after the starburst, the temperature of the halo gas is ∼ 70 per cent higher than
in the isolated run. This leads to a cooling time which is ∼ 35 per cent higher, so that the hot
gas in the halo needs more time to cool and subsequently fall to the disc. This further reduces the
accretion rate and thus the amount of cold gas that is able to form stars.
This shows that if the hot gaseous halo is considered in merger simulations, it is possible
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(depending on orbit, gaseous halo mass, etc.) that isolated systems have a higher SFR than merging
systems, leading to higher masses of non-merging systems. This is a serious challenge for the
simple picture that is widely used in SAMs, in which a merger leads to an additional formation of
stellar mass. In specific cases, a merger can lead to a lower SFR after the starburst, such that if the
constituent galaxies had not merged, their stellar mass would be higher.
In the simulation with a gaseous halo and stellar winds the mass of the merging system is
increased during the burst with respect to the isolated systems. The burst mass is Mburst =
0.64×1010M and with a cold gas mass before the burst ofMcold = 1.45×1010M the efficiency
is e = 0.44. This value is slightly smaller than that for the case with winds but no gaseous halo, so
that the presence of the halo reduces the efficiency also in the case with winds. After the burst the
SFR of the merger remnant is still higher than that of the isolated systems and reaches a similar
value at the end of the simulation, such that the stellar mass of the merger remnant is larger than
the summed mass of the isolated galaxies. In the isolated runs the winds subsequently remove
small parts of the gas from the dense centre, so that the overall SFR is lower than in the case
without winds. This material is redistributed into the hot gaseous halo and accretes back to the
disc at the same rate as the other hot gas. In the merger run, a lot of material is removed from
the centre during the burst (since the wind rate is proportional to the SFR) in a short time interval,
such that suddenly there is a lot of extra material in the hot gaseous halo. This more massive halo
is then able to accrete cold gas at a higher rate, leading to more cold dense gas and thus to a higher
SFR than in the isolated case. This shows, that if stellar winds are included, merger remnants can
form more stellar mass than isolated galaxies.
Another effect is that the stellar mass formed during the simulations with a gaseous halo is
much larger than in the runs without it. The final mass of the new stars in the G3G3h (G3G3wh)
run is a factor of 3.5 (3.7) times larger than the mass in the G3G3 (G3G3w) run, which shows
that the gaseous halo is very important to model galaxies with realistic masses. In both of the
runs with the gaseous halo, all of the initial cold gas in the disc has been consumed by the end
of the simulation, while in the other two runs parts of the initial cold gas are still left. This left-
over gas does not reach densities that are high enough to form stars. If the gaseous halo is taken
into account, however, the constant accretion refuels the gas disc and ensures that the gas reaches
densities high enough to form stars.
Dependence on gas fraction
Up to now we have just studied mergers with one fixed initial gas fraction in the disc (23 per cent).
In the following, we study how the starburst efficiency depends on the gas fraction. In very gas
rich systems, the amount of stellar mass to form a bar which can remove angular momentum from
the gas is low. The angular momentum loss due to a gaseous bar is not efficient, as a stellar bar is
needed to drag the gas. Therefore a decrease of the starburst efficiency with increasing gas fraction
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Table 4.3 Burst efficiency for different gas fractions.
Run fg,init a fg,burst b Mgas c Mburst d e e
G3G3 0.23 0.16 1.253 0.849 0.678
G3G3f4 0.40 0.25 2.119 1.365 0.644
G3G3f8 0.80 0.41 3.809 2.448 0.643
G3G3hf0 0.00 0.14 1.371 0.553 0.403
G3G3h 0.23 0.18 1.920 0.968 0.504
G3G3hf4 0.40 0.24 2.640 1.218 0.461
G3G3hf8 0.80 0.38 3.580 2.220 0.620
G3G3whf0 0.00 0.11 1.048 0.400 0.382
G3G3wh 0.23 0.11 1.446 0.636 0.440
G3G3whf4 0.40 0.11 1.287 0.672 0.522
G3G3whf8 0.80 0.26 1.405 0.224 0.159
a gas fraction in the initial disc
b gas fraction in the disc just before the starburst
c cold gas mass just before the starburst in 1010M
d burst mass just after the starburst in 1010M
e starburst efficiency
is expected and was also previously found for the case with no stellar winds and no gaseous halo
(Cox et al. 2008; Hopkins et al. 2009a). For this study we use our fiducial models, keep the total
mass of the disc fixed but modify the gas content in the disc to 0, 23, 40 and 80 per cent. All other
parameters remain unchanged form the fiducial values.
The results are plotted in Figure 4.10 for the simulations G3G3, G3G3h and G3G3wh from
left- to right-hand side. From top to bottom the SFR, the burst mass, the cold gas mass and the
gas fraction in the disc are shown as a function of time. In order to compute the burst efficiency,
we use the cold gas mass and gas fraction just before the starburst, and the burst mass just after it.
The resulting quantities are given in Table 4.3.
For the case without winds and gaseous halo (G3G3) we find that the starburst efficiency is
slightly decreasing with increasing gas fraction. This means that if more gas is available in the disc,
it is harder to convert all of the gas into stars during the burst. If a hot gaseous halo is included,
however, the starburst becomes more efficient with increasing gas fraction. In order to explain this
it is important to state that the efficiency mainly depends on the amount of cold gas available for
the starburst. This material is of course not the total mass of cold gas in the simulation, but only
the cold gas that is close enough to the centre where the burst happens. Thus the efficiency is a
strong function of the spatial (and density) distribution of the cold gas.
In the G3G3 series, the fraction of the cold gas at the centre (< 5 kpc) is very similar in all
runs which means that the amount of gas available for the starburst scales with the total gas mass.
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In the G3G3h series, however, we find that the fraction of the cold gas at the centre is higher for
the runs with a large gas fraction. For these runs, most of the dense initial gas disc is still present
when the burst occurs and can participate in it, while for runs with a lower gas fraction, large parts
of the initial gas disc have already been consumed such that a large fraction of the cold gas is
material that has been accreted from the halo. This accreted material is distributed in a much more
extended area and cannot contribute in the starburst, as it is far from the centre. The result is that
systems with a high initial gas fraction have a higher fraction of material that can participate in the
burst than systems with a low initial gas fraction, such that they are more efficient. The efficiency
of runs with gaseous haloes, where parts of the cold gas were accreted from the halo and are not
centrally concentrated, are always lower than for the corresponding runs without gaseous haloes,
where all the cold gas resides in the centrally concentrated initial disc.
In the simulations with stellar winds there are three runs with the same gas fraction just before
the merger (11 per cent), but with a different burst efficiency which increases with increasing
initial cold gas mass. The explanation is the similar than in the case with no winds: runs with a
larger initial cold gas mass, retain a larger amount of the initial dense disc, while in runs with a
lower initial gas mass, there is a larger fraction of gas that has accreted from the halo and is not as
centrally concentrated. Thus the mass of the gas that can participate in the burst is larger in runs
with a higher initial gas fraction, resulting in a larger burst efficiency.
The run with 80 per cent initial gas fraction, has a lower efficiency than the other G3G3wh
runs, as the burst mass is very low. The main question is why the run with the high initial gas frac-
tion has a decreased efficiency with respect to lower initial gas fractions, while for the simulations
without winds the runs with a higher initial gas fraction have a larger efficiency. To answer this,
we measure the mass of the stellar disc just before the burst: In the G3G3h series the disc mass is
very similar for all runs, as most of the initial gas disc has been transformed into the stellar disc. In
the G3G3wh series, however, the stellar mass of the disc is very low for high initial gas fractions,
since the stellar winds remove a lot of gas from the disc and thus lower the SFR. The stellar disc
mass of G3G3whf8 is just the half of the stellar disc mass of G3G3wh just before the burst. As a
consequence the amount of stellar mass to form a bar which can remove angular momentum from
the gas is lower in the G3G3whf8 run, resulting in less material that can be dragged into the centre
during the burst. Therefore the burst efficiency is reduced.
Overall, we find that the starburst efficiency, depends heavily on the presence of the hot
gaseous halo and the stellar winds (and on their parameterisation). When both are neglected,
the burst efficiency is a week function of gas fraction and decreases with increasing fgas. Both
the gaseous halo and the winds reduce the burst efficiency. When the gaseous halo is considered,
the efficiency decreases with decreasing gas fraction, as the initial dense disc is replaced by ac-
creted gas from the halo which is spatially much more extended. When furthermore winds are
considered, the efficiency for systems with a high initial gas fraction is decreased, since the winds
prevent the formation of a massive stellar disc before the merger, which is needed to form a bar
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Figure 4.11 Upper panels: Surface density profiles averaged over 100 projections for all, old and
new stars from left- to right-hand side. Lower left panel: Surface density profiles of the cold
gas as seen face-on. Lower middle panel: 3d density profiles of the hot gaseous haloes. Lower
right panel: 3d density profiles of the dark matter halo. The different lines denote the different
simulations: G3G3 (no winds, no gaseous halo), G3G3w (with winds, no gaseous halo), G3G3h
(no winds, with gaseous halo) and G3G3wh (with winds, with gaseous halo). The dotted vertical
lines denote three times the softening length and hence indicates the scale resolution limit.
that can drag the gas to the centre of the burst.
4.3.3 Morphology of the major merger remnant
Having investigated how the SFR changes during the merger, we now focus on the properties of
the merger remnant at the end of the simulation. To this end, we decompose the stellar particles
into a spherical and a disc component. For every particle, we compute the angular momentum
along the spin axis and divide this by the angular momentum the particle would have on a circular
orbit at the same radius. The spherical component is then distributed around a value of 0, while
the disc component is centred at 1, such that the two components can be separated easily (Abadi
et al. 2003). In the lower panels of Figure 4.9, we plot the resulting bulge-to-total ratio B/T =
Mbulge/M∗ for the four fiducial runs. In all simulations the disc component just after the starburst
is almost destroyed. In the runs without the gaseous halo, the B/T after the burst is ∼ 0.9 and
stays at this value until the end of the simulation. If a gaseous halo is included, the B/T after
the burst is also ∼ 0.9, but then decreases to ∼ 0.8 for G3G3h and ∼ 0.85 for G3G3wh. The
reason for this is that due to the accretion of gas from the halo, a much larger cold gaseous disc
can form after the burst which leads to a much larger stellar disc. Because of the stellar winds in
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G3G3wh, cold gas is subsequently removed from the disc, leading to a lower mass of the stellar
disc at the end of the simulations and thus to a larger B/T compared to G3G3h. Still, all four
remnant systems are very much bulge dominated.
In order to study how the stellar mass is distributed within the merger remnants, we compute
the azimuthally averaged surface density profiles for old, new and all stars, where old stars are
the stellar particles which have been present before the burst (i.e. particles created for the initial
conditions and particles formed through star formation) and new stars are those stellar particles
that have formed through star formation during and after the burst. The upper panels of Figure
4.11 show the results for the four fiducial runs. The profiles for all stars at scales beyond ∼ 1 kpc
are very similar for all remnants following the observed r1/4 profile. The slope is identical for all
runs and only the normalisation of G3G3h is higher than that of the other runs, as the stellar mass
before the burst was already much larger. This can also been concluded from the profiles of the
old stars: as the mass of the old stars component is very similar for all runs, except for G3G3h,
their final profiles have the same normalisation. The contribution from new stars at these scales is
very small for all runs.
At small scales (R ∼< 1 kpc) the stellar surface density of the systems with a gaseous halo
is higher compared to the other two simulations. Not only is the surface density of the new stars
higher which can be simply explained by the more massive stellar discs in the centre, but also the
surface density of the old stars higher. The reason for this is the central concentration of new stars
that steepens the potential well and draws the old stars into the centre. We note that, up to the
resolution limit of ∼ 3 times the softening length (e.g. Klypin et al. 2001), the surface density
profiles of the runs with a gaseous halo follow the observed r1/4 profile and show neither a cusp
nor a core.
In the lower left panel of Figure 4.11 we show the face-on density profiles of the cold gas
component. In the G3G3 run, the profile of the gas disc is very flat up to 15 kpc but has a very
dense central concentration (R < 2 kpc). When stellar winds are enabled much of the cold gas is
ejected from the disc, leading to a very low surface density, except for a dense centre. For the runs
with a gaseous halo, a lot of gas is accreted from the halo which settles in an exponential disc. The
scalelength of this disc is lowered if winds are included.
The lower middle and right panels show the 3d density profiles for the hot gas and dark matter,
respectively. The density of the hot gas for runs with an initial gaseous halo are almost identical.
Only at scales of 5− 50 kpc, the density in the G3G3wh run is a little higher, as gas that is heated
and ejected from the disc through the winds is added to the hot gas reservoir and accumulated at
these scales. For the runs without an initial gaseous halo, we see that a hot halo forms due to the
merger. In the G3G3 run this hot halo form from gas that is shock-heated during the merger and
has expanded into the halo. In the G3G3w run, the density of this halo is enhanced by the wind
material. The dark matter profile is the same for all runs: an NFW-like profile modified by the
baryonic contraction, with a slightly higher central density for systems with a gaseous halo.
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Kinematic properties
Having determined the mass distribution of the merger remnants, we now study their kinematic
properties, i.e. how much the remnants are supported by rotation. The elliptical shape of a rotating
galaxy, can be understood solely as a result of flattening induced by their rotation. The elliptical
structure of a non-rotating galaxy, however, must be supported by something other than rotation,
most likely by velocity anisotropy. This trend can be visualised by plotting the rotation velocity
vmaj divided by the central velocity dispersion σ against the ellipticity . In this anisotropy diagram
vmaj/σ is a measure for the rotational support and  indicates the deviation from a circle. It has
been shown by Binney (1978) that oblate isotropic rotators obey the relation
(v/σ) =
√
/(1− ) .
If viewed face on ( = 0) no rotation can be observed, while edge-on ( 0) the observed rotation
velocity is highest.
In order to compute these three quantities, we follow Cox et al. (2006b) and refer to this for
details. Here, we just give a brief outline the procedure. First, the stellar particles are projected to a
plane as if observed from a random viewing angle. Then we determine the isodensity contour that
encloses half of the stellar mass and fit an ellipse to it. The ellipticity is computed as  = 1− b/a,
where a is semi-major and b the semi-minor axis of the ellipse. A slit is then placed along the
major axis with a length of 3a and a width of a/4. This slit is divided into 26 bins, lengthwise and
the line-of-sight velocity distribution is computed for each bin. Then the mean velocity and the
velocity dispersion are extracted from each bin. Finally, vmaj is defined as the average absolute
value of the maximum and minimum mean velocity along the slit and σ is the average dispersion
of the bins within a/2.
Figure 4.12 shows the resulting anisotropy diagram for our fiducial merger remnants. The
left panel compares the four runs and shows vmaj/σ vs.  for 1000 random projections for each
remnant. The merger simulation with no winds and no gaseous halo leads to a remnant which is
only slowly rotating, with a maximum rotation velocity of ∼ 50 km s−1 and a maximum vmaj/σ
of ∼ 0.25. This means that the G3G3 remnant is mostly supported by velocity dispersion and not
by rotation. The main contribution to the rotation comes from the stellar disc at the centre of the
remnant. This explains why the rotational support increases with increasing ellipticity, as when
viewed edge-on both  and the observed rotation velocity of the disc are maximal. When viewed
face-on, one cannot observe any rotation of the disc. For the simulation with winds, the stellar
disc is much smaller, leading to an even smaller disc contribution to the rotation. Lower values
for vmaj/σ and a anisotropy diagram which is similar to that of a remnant in a dissipationless
simulation are the results.
When a gaseous halo is included, vmaj/σ increases strongly with increasing , which can be
explained by the more massive stellar disc that forms after the merger. When viewed edge-on,
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Figure 4.12 Anisotropy diagram: vmax/σ vs. ellipticity, where vmax is the maximum rotation ve-
locity measured in a slit along the major axis and σ is the velocity dispersion averaged within half
of the half-mass radius. The ellipticity is measured at the half mass isophote. The solid line is that
expected for an oblate isotropic rotator (Binney 1978). Left panel: Comparison between the four
fiducial simulations, where every point corresponds to one projection. Right panel: Comparison
between the simulation with winds and a gaseous halo and data from observed elliptical galaxies.
The contours indicate the 10, 50, 70 and 90 per cent probability of finding a merger remnant in the
enclosed area.
the stellar disc dominates in the slit in which the velocity is measured and thus leads to a higher
mean rotation velocity. The different projections trace the line of the oblate isotropic rotator. This
means that the elliptical shape of the remnant at the half-mass isophote (R ∼ 5 kpc) is mostly due
to rotation. If stellar winds are included in the simulation, the mass of the stellar disc is lower,
leading to a smaller contribution to the velocity profiles compared to the run with no winds. This
also results in lower values of vmaj/σ, however, the remnant is still mostly supported by rotation.
This shows that by taking the hot gaseous component into account, rotationally supported systems
can be created even for moderate initial cold gas fractions, and for orbits which lead to systems
that are supported by velocity dispersion when the gaseous halo is not included.
The right panel of Figure 4.12 compares the remnant of the G3G3wh run to data from several
observational samples (Davies et al. 1983; Bender 1988; Bender & Nieto 1990; de Zeeuw et al.
2002; Rothberg & Joseph 2006). The contours give the 10, 50, 70 and 90 per cent probability of
finding a G3G3wh merger remnant in the enclosed area. As we can see, the simulated remnant
agrees well with the observations. There are two main possibilities to change the area of vmaj/σ−
combinations that the simulated remnant can cover. First, by decreasing (increasing) the wind
efficiency, we can achieve larger (smaller) values of vmaj/σ for a given , up to the limit of no
winds (G3G3h) and thus covering the observed remnants with a large rotational support. Second,
by lowering the initial mass of the gaseous halo, we can achieve smaller values of vmaj/σ for a
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Figure 4.13 Ellipticity  vs. characteristic shape parameter a4, both measured at the half mass
isophote. Left panels: Comparison between the four fiducial simulations, where every point cor-
responds to one projection. Right panel: Comparison between the simulation with winds and a
gaseous halo and data from observed elliptical galaxies.The contours indicate the 10, 50, 70 and
90 per cent probability of finding a merger remnant in the enclosed area.
given  and are thus able to cover the observed remnants with a small rotational support. Note that
by employing the universal baryonic fraction in the initial conditions we have used an upper limit
for the mass of the gaseous halo. Through feedback, it is possible to decrease the mass of the halo
before the merger.
Isophotal shape
Finally, we study how the shape of the isophotes change, when a gaseous halo is included in
the merger simulations. To this end, we measure the deviations of the isodensity contour of a
projection to the fitted ellipse. The residuals are expanded in a Fourier series and the Fourier
coefficient a4 is computed. Positive values of a4 indicate discy isopotes, while negative values
indicate boxy isophotes. The results of this analysis are shown in Figure 4.13 which plots the
ellipticity against the shape parameter a4 (normalised by the semi-major axis and multiplied by
a factor of 100) for our fiducial simulations with 1000 projections each. The left panel compares
the four runs: the simulations with no winds and no gaseous halo, can appear discy and boxy,
depending on the viewing angle, with a tendency to boxy isophotes. If wind are included, the
isophotes can still be discy, however, they are more boxy on average. When a gaseous halo is
included, the shape of the isophotes is more discy, especially at high ellipticities. If both winds and
a gaseous halo are present the isophotal projections are mostly discy. However, at low ellipticities
( < 0.3) the probability for boxy and discy isophotes is equal.
As a result, we find that including a gaseous halo and thus more cold gas at the centre leads
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to more discy isophotes. This is in agreement with results by Cox et al. (2006b) and Naab
et al. (2006), who find that mergers with gas increase the fraction of discy isophotes. Naab et al.
(2006) argue that the reason for the lack of boxy projections in simulations with gas is the different
behaviour of minor-axis tube orbits (which are the dominant family around the half-mass radius) in
axisymmetric and triaxial potentials. Dissipational mergers lead to more axisymmetric potentials,
and in those, minor-axis tubes look less boxy and more discy in all projections. Additionally, the
fraction of box orbits and boxlets, which can support a boxy shape is reduced.
The right panel of Figure 4.13 compares the remnant of the G3G3wh run to data from obser-
vational samples (Bender et al. 1988; Rothberg & Joseph 2006). The contours give the 10, 50,
70 and 90 per cent probability of finding a G3G3wh merger remnant in the enclosed area. The
simulated merger remnant agrees very well with the isophotal shapes of observed ellipiticals. At
low ellipticities, there are both discy and boxy projections, with an equal probability. At higher
ellipticites ( > 0.4) the chances to find boxy isophotes are very small. These trends are seen both
in the simulation and in the data.
4.3.4 Disc thickening in minor mergers
With our last set of simulations we want to study the effects of the hot gaseous halo on disc
stability during a minor (1:10) merger. There have been numerous studies based on collisionless
simulations that have tried to quantify the effects of these minor mergers on the thickness and
stability of stellar discs (e.g. Villalobos & Helmi 2008; Purcell et al. 2009). For MW-like systems,
it was found that these events transform the discs into structures that are roughly two to three
times thicker than the initial disc, regardless of the orbital configuration of the merger. However,
the inclusion of gas physics is known to play an important role in stabilising galactic discs. Cold
gas in the disc may be able to absorb some of the kinetic impact energy of the merging satellite,
subsequently radiating this energy away by cooling; or, gas may be able to cool and reform a new
thin disc after the merger, forcing heated stars to contract again onto the disc plane.
It has been shown in section 2.5, that when the presence of cold gas in the disc is taken into
account, the thickening of the stellar disc is reduced. For an initial disc gas fraction of 20 per cent
(40 per cent), the thickening was reduced by 25 per cent (50 per cent) with respect to collisionless
simulations. As in the initial conditions only the cold gas in the disc was accounted for (neglecting
the gaseous halo), most of the gas was consumed during the merger, and therefore the regrowth
of a new thin disc had a negligible impact on the scaleheight of the post-merger galaxy. This lead
to the conclusion that the main process that suppresses disc thickening when only cold gas in the
disc is present, is the absorption of impact energy by the gas. Furthermore, we concluded that in
order to reform a new thin disc comparable in mass to the old disc, an external fuelling reservoir,
such as cooling and accretion from a gaseous halo, would be needed.
We extend this study and re-simulate the 1:10 merger in section 2.5 with 20 per cent of cold
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Figure 4.14 Evolution of the disc scaleheight for simulations with and without a gaseous halo.
The dashed and dot-dashed lines show the isolated case while the solid and dotted lines give the
scaleheight for the mergers.
gas in the disc, an orbital inclination of 60◦ and an initial disc scaleheight of z0 = 0.4 kpc (MB60)
and include a gaseous halo. We employ the universal baryonic fraction in order to maximise the
accretion effects. We also run the system in isolation, in order to study how the accretion of gas
from the halo acts on the scaleheight. For all time-steps, we compute the edge-on projected stellar
surface density as a function of the distance to the galactic plane at a radius of R ∼ 8 kpc by
applying a vertical slice at R . We then fit for the value of z0 assuming a sech2 profile.
In Figure 4.14 we show the resulting time evolution of z0 for the isolated and merger runs.
While the scaleheight of the isolated galaxy without gaseous halo (IB), increases only slightly
with time, the scaleheight of the isolated galaxy including a gaseous halo (IBh) quickly increases
to reach a value of z0 = 0.45 kpc at t = 1.5 Gyr where it remains constant until the end of the
simulation. After 6 Gyr both isolated runs have the same scaleheight again. This means while
the scaleheight of IB increases only due to numerical reasons, the scaleheight of IBh is mostly
determined by how the gas accretes from the halo. The profile of the cold gas disc quickly adjusts
to this resulting in a slightly higher scaleheight. This also leads to the larger scaleheight of the
stellar disc. This z0 is then constant throughout the simulation and is not further increased by
numerical heating.
The scaleheight of the merger simulation without a gaseous halo (MB) increases during the
first and the second encounters, reaches a value of z0 = 0.7 kpc at t ∼ 3 Gyr and afterwards
stays constant until the end of the simulation. This means that the thin disc of new stars that has
formed during the simulation is not massive enough to lower the scaleheight of the total stellar
profile after the thickening. In the simulation with a gaseous halo, however, after reaching a
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maximum scalelength of 0.75 kpc, z0 decreases and reaches a final value of 0.65 kpc at the end of
the simulation. This means that although the disc has been thickened during the first and second
close encounters as much as in the run without a gaseous halo (even slightly more), the galaxy
has been able to form a new thin disc which leads to a lower overall scaleheight. There are two
possible effects that can cause this: one option is that the potential of the new stellar disc forces
heated stars to contract again onto the disc plane; the other possibility is that the new disc is both
thin and massive, such that the contribution to the density profile of the total disc is large.
In order to investigate this further, we compute the scaleheight at the end of the simulations for
old stars (i.e. stars which have been set up as initial conditions) and new stars (i.e. stars that formed
during the simulation). We find a scaleheight of the new thin disc in MBh of z0,new = 0.43 kpc
while the old stellar disc has z0,old = 0.86 kpc. In the MB run, the scaleheight of the new disc is
z0,new = 0.33 kpc and that of the old disc is z0,old = 0.73 kpc. Thus, although for MBh both the
new and the old discs are thicker than the respective ones of MB, the total scaleheight is thinner.
This can only be explained by the differences in mass of the new disc between MB and MBh.
To demonstrate this, we plot the SFR, the total mass of new stars formed during the simulation
and the cold gas mass in Figure 4.15. While the SFR after the second close encounter is already
very low for the MB simulation (< 1M yr−1), the MBh run maintains a high SFR throughout
the simulation (∼ 5M yr−1). As a result of this the mass of the new thin disc is much higher in
the MBh run and even exceeds that of the old stellar disc component at the end of the simulation.
As the new thin disc is comparable in mass to the old disc, the contribution to the total density
profile and thus to the total scaleheight is of the same order as that of the old disc. As a result the
scaleheight of the total disc in MBh is smaller than that of MB, although both the new and the old
discs are thicker than those found in MB.
Thus we found that the scaleheight of a MW-like galaxy can decrease again after having been
increased by a 1:10 merger, if cooling and accretion from a gaseous halo are considered. With
respect to collisionless simulations (z0 = 0.8 kpc), the presence of 20 per cent cold gas in the
initial disc reduces the thickening by ∼ 25 per cent (z0 = 0.7 kpc). Through the accretion of gas
from the hot halo the thickening is further reduced by ∼ 20 per cent (z0 = 0.65 kpc). This final
scaleheight is similar to that of a simulation without a gaseous halo but with 40 per cent initial cold
gas fraction. We thus conclude that in order to retain thin discs as those observed in the Universe,
it is not necessary to have very high initial gas fractions. We also note that even with a hot gaseous
halo it is not possible to obtain discs with a scaleheight of z0 < 0.6 after a 1:10 merger.
4.3.5 Conclusions and discussion
We investigated the role of a cooling gaseous halo in merger simulations. For this we have ex-
tended the initial conditions to include a hot gaseous halo (in addition to a dark matter halo, a
stellar bulge and a disc consisting of stars and cold gas). We adopted the observationally moti-
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Figure 4.15 The rows from top to bottom show the SFR, the total mass of new stars formed during
the simulation and the cold gas mass for the simulations with and without a gaseous halo.
vated β-profile and demanded that the halo is in hydrostatic equilibrium. Furthermore the gaseous
halo is rotating around the spin axis of the disc. We have fixed its angular momentum by requir-
ing that the specific angular momentum of the gas halo is a multiple α of the specific angular
momentum of the dark matter halo and treated α as a free parameter.
In a hierarchical scenario for galaxy formation there are three key assumptions: (1) the angular
momentum originates from tidal torques (Hoyle 1953), (2) the angular momentum distributions of
gas and dark matter in virialised systems are identical (Fall & Efstathiou 1980), and (3) the specific
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angular momentum of the gas is conserved during cooling (Mestel 1963). Under these assumptions
the specific angular momentum of the gas and the dark matter should be equal and the spin factor
is α = 1. However, it has also been shown that under these assumptions realistic disc galaxies
cannot be created in numerical simulations (e.g. Steinmetz & Navarro 1999). This implies that
either one of the assumptions is incorrect, or that an additional assumption has to be made. The
first assumption has been tested and verified in many studies (Peebles 1969; Barnes & Efstathiou
1987; Bullock et al. 2001). The second assumption was tested for the time of halo formation (van
den Bosch et al. 2002). The third assumption lead to problems in numerical simulations, as a
large transfer of angular momentum from the gas to the dark matter was measured. However, this
was identified as a numerical problem and high resolution simulations show that the gas can retain
its angular momentum during cooling (e.g. Governato et al. 2004).
Since all three assumptions have been supported by previous studies, the conclusion is that
there has to be an additional effect that includes previously missing physics and must be able
to modify the angular momentum of star forming gas. Feedback processes have been found to
be important in preventing galaxies from becoming too massive and can explain the dependence
of star formation efficiency on halo mass. Since disc dominated systems are more common in
low mass systems (where SN feedback is more effective), feedback can also be the main driver
in altering the angular momentum distribution of the gas after halo collapse. When low angular
momentum material at the centre of the galaxy forms stars the following feedback removes the
surrounding low angular momentum gas from the galaxy leading to a difference in the angular
momentum distributions of gas and dark matter. This process has been found in recent simulations
(Governato et al. 2010) which show an outflowing gas with much lower angular momentum than
the gas that remains in the system. Thus the spin factor measured in these simulations deviates
from α = 1. Therefore α is a free parameter and needed to be constrained.
This was done by modelling a typical MW-like galaxy at z = 1 and letting it evolve in isolation
up to z = 0 using different values of α. We employed two observational evidences, stellar mass
and disc scalelength, in order to determine the correct α. The results for the control simulation
without a hot halo completely disagreed with the observations, stressing the importance of the
gaseous halo. Simulations with a low value of α showed both an increase of stellar mass which
was too large and scalelength that were too small compared to observations. Large values of α
leaded to too large discs and stellar masses that are too low. Only for a value of α ∼ 4, stellar
masses and scalelengths were within the observational constraints for MW-like galaxies. This
value is therefore used throughout the rest of this work.
In order to fix the mass of the gaseous halo we required that the baryonic fraction within the
virial radius is the universal one. This was done, as we wanted to demonstrate the maximum
effects that the hot halo can have in galaxy mergers. Of course, due to feedback processes and
stellar winds, the baryonic fraction in galaxies can be lower, leading to a lower mass for the
gaseous halo. In the past, several studies have raised the question whether the massive gaseous
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haloes, predicted by galaxy formation models and employed in our simulations, could be seen
in X-ray observations. In a first study addressing this, Benson et al. (2000) compared X-ray
observations of three massive spirals to predictions of simple cooling flow models and found that
the model overpredicted the X-ray luminosity by more than an order of magnitude. However, the
models were deliberately simplified versions of general semi-analytic ones.
Current observational limits on the 0.3-2 keV X-ray luminosity of MW-like systems indicate
limits of several 1039erg s−1 (Wang et al. 2003; Strickland et al. 2004; Tu¨llmann et al. 2006;
Li et al. 2007). In a recent paper Rasmussen et al. (2009) have compared these observational
limits to the X-ray luminosities found in cosmological simulations. They found no tension be-
tween simulations and observations (for a simulated MW-like galaxy they found 0.3-2 keV X-ray
luminosities of ∼ 1038erg s−1). Similarly, we can compute X-ray luminosities from our initial
conditions. For this we integrate the emissivity over the volume of the halo in the 0.3-2 keV band
(see Navarro et al. 1995 for a prescription to do this for SPH simulations). For our galaxies Z1A4,
G3h and MBh we find LX = 2, 1 and 10× 1038erg s−1, respectively. We thus conclude that our
modelled gaseous haloes are not in conflict with X-ray observations.
We have used MW-like galaxy models including a gaseous halo in a series of binary merger
simulations. We have run all mergers both with and without galactic winds using the ‘constant
wind’ model by Springel & Hernquist (2003) where the mass-loss rate carried by the winds is
proportional to the SFR and the wind speed is constant. However, this model has some deficiencies
as the wind speed for low mass galaxies is the same as for high mass galaxies resulting in too much
heating for low mass systems. In the last years models have been developed that overcome these
problems and present a more realistic match to observed quantities, e.g. momentum-driven winds
(Oppenheimer & Dave´ 2006). These models, however, show that both the wind speed and the mass
loading factor for MW-like galaxies do not vary much after z = 1. Since we are merging systems
of equal mass which are expected at low redshift, we are confident that a more sophisticated wind
model would leave our results unchanged.
We have studied the impact of a gaseous halo and stellar winds on the SFR using four ‘fiducial’
runs: without gaseous halo and without winds (G3G3), without gaseous halo but with winds
(G3G3w), without winds but with a gaseous halo (G3G3h) and with both winds and gaseous halo
(G3G3wh). We found that in simulations without a gaseous halo, the maximum SFR during a
starburst is ∼ 30 times larger than that of the constituent galaxies evolved in isolation. When a
gaseous halo is included, this enhancement is much smaller (factor of ∼ 5). The reason for this is
the higher SFR of the isolated systems when a cooling halo is included. Isolated systems without
a hot halo, however, consume most of their gas at the beginning of the simulation, such that the
SFR is very low at the respective time of the starburst in the merger simulation. We also found that
when stellar winds are included, the starburst is spread over a much larger time interval than in
simulations without winds. This happens, because the winds removes material from the cold gas
in the centre which is relocated in the halo around the remnant. From there it can cool and accrete
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back to the centre resulting in a higher SFR than in the case without winds.
Furthermore, we studied the effects of the gaseous halo on the starburst efficiency which we
defined as the stellar mass which formed due to the burst divided by the mass of cold gas in the
galaxies just before the merger. For the G3G3 run we found an efficiency of e = 0.68 while for
G3G3w it is only e = 0.45 showing that the efficiency depends on the wind model and its param-
eters. The presence of a gaseous halo reduces the efficiency in G3G3h to e = 0.51. Additionally,
the SFR after the burst is lower than the SFR of the constituent galaxy evolved in isolation, re-
sulting in a stellar mass of the remnant which is lower than that of the two isolated galaxies. This
has two reasons: first, the specific angular momentum of the merger orbit is higher than that of
the isolated systems, due to orbital angular momentum. This leads to a higher centrifugal barrier
and thus to a lower accretion rate and SFR. Second, due to shocks that occur during the merger,
the temperature of the gaseous halo is higher than in the isolated case, leading to a higher cooling
time and a lower SFR. The fact that two non-merging galaxies can have a larger stellar mass than
if they had merged poses a challenge for SAMs, which assume that a merger always leads to an
additional formation of stellar mass.
We have also studied, how the starburst efficiency depends on initial disc gas fraction and
found that without gaseous halo, it decreases with increasing gas fraction. Higher gas fractions
imply a lower stellar mass which is less efficient in dragging the gas to the centre as in systems
with massive stellar components. If a gaseous halo is taken into account, however, the efficiency
increases with increasing gas fraction, as the initial dense gas disc is replaced by accreting gas
from the halo which is spatially much more extended. Systems with higher initial gas fractions
retain more of their initial dense gas at the time of the merger which then leads to a more efficient
burst. If additionally winds are considered, the formation of massive stellar discs in very gas rich
galaxies is prevented such that the efficiency is decreased again.
Our simulations are closely related to prior studies on the efficiency of starbursts. At this
point, we would like to compare our results obtained neglecting the gaseous halo and winds to
those obtained by Cox et al. (2008) and Hopkins et al. (2009a). Using the same progenitor
galaxies (G3) but a different star formation model, Cox et al. (2008) find a starburst efficiency
for G3G3 of e = 0.5. However, in the definition of e, they have used the gas fraction at the start
of the simulation rather than just before the burst. As the gas fraction decreases until the time of
the burst, the efficiency increases to e = 0.67 (for the definition used by us). This is in excellent
agreement with our value of e = 0.68. Hopkins et al. (2009a) used a large suite of simulations
to develop an analytic model for the burst efficiency. For our orbit, mass ratio and gas fraction
this model predicts an efficiency of e = 0.74 However, this small difference (∼< 10 per cent) is
expected, as the simulations used by Hopkins et al. (2009a) to tune their model use a ‘softer’ EOS
(q = 0.25; see Springel et al. 2005a for details). As a result more gas can lose angular momentum
and fall to the centre during the starburst, such that more stellar mass is formed. However, in
contrast to their conclusions, we find that due to the presence of a gaseous halo, the initial cold gas
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fraction is not of major importance for the stellar mass growth during the merger. Instead, due to
cooling the cold gaseous disc is subsequently refuelled.
We have also addressed the question, how the gaseous halo affects the morphology of merger
remnants. Analysing the systems ∼ 3 Gyr after the final coalescence, we found that when a
gaseous halo is included in the simulations, the bulge-to-total ratio is decreased. This is a con-
sequence of cooling and accretion of gas from the halo into a cold gas disc at the centre which
subsequently forms stars, leading to a new stellar disc. However, all remnants were still bulge-
dominated (B/T ∼ 0.8-0.9). Furthermore, we found that the presence of a gaseous halo affects
the surface brightness profiles of the remnants. While systems with no gaseous halo deviate from
the observed r1/4 profile at small scales, systems with a hot halo match the observed profile. The
reason is the new stellar disc which leads to a higher surface density at the centre.
A kinematic analysis of the merger remnants showed that if the progenitor galaxies contain
only ∼ 20 per cent cold gas and no gaseous halo, the chosen orbit leads to a remnant which
is slowly rotating and only supported by velocity dispersion. When a gaseous halo is included,
however, the rotational support of the remnant strongly increases. This can be also explained by
the presence of a massive stellar disc in the centre that forms after the merger. The rotation of this
disc contributes to the total rotational support in a mass-weighted average and leads to a larger
potential at the centre, which causes ‘old’ stars to fall towards the centre and to increase their
rotational velocity due to conservation of angular momentum. We have further studied the impact
of the gaseous halo on the isophotal shape of the remnants and found that including a gaseous halo
leads to remnants that are more discy on average. We found that both the kinematic structure and
the isophotal shape of the remnants with a gaseous halo agrees very well with observed ellipticals.
Studying the effects of cold gas fraction in progenitor galaxies on the kinematic structure of
major merger remnants, Cox et al. (2006b) conclude that in order to form realistic low-luminosity
elliptical galaxies in merger simulations, the progenitor galaxies must have high gas fractions of
∼ 40 per cent. In the light of our results, we would like to address the question, whether such
massive cold gas discs are needed in the progenitors or if just ‘gas’ is needed. We agree with the
statement that in order to form realistic ellipticals, a large amount of cold gas has to be present
at the centre after the merger which then can reform a massive stellar disc. But contrary to the
conclusions reached by Cox et al. (2006b) we conclude that the progenitor galaxies need not have
high gas fractions. It is only important, that a reservoir is present, from which gas can accrete and
settle in a cold gas disc which can subsequently form a rotating stellar disc. As we have shown,
this can be achieved by considering the gaseous halo in galaxy mergers.
However, this leads to a different problem for massive ellipticals: if a gaseous halo (which
is expected in all progenitor galaxies) always leads to a rotationally supported system, how can
slow rotators form? This is related to the problem, how elliptical galaxies can have low SFRs
and red colour, if a gaseous halo would lead to the accretion of cold gas discs and thus to a high
SFR. Possible solutions to these problems are: first, subsequent minor mergers can destroy the
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newly formed stellar disc and the cause for the rotational support. Second, by lowering the mass
of the gaseous halo before the merger, which can be achieved e.g. by massive stellar winds,
the accretion rates after the merger are lowered, leading to a less massive disc. This would also
solve the problem of too much star formation in elliptical galaxies. Last, by introducing a source
of feedback, which is most effective in massive systems and after major mergers such as AGN
feedback, the SFRs in remnants could be lowered.
In a last set of simulations we have revisited the question, if thin discs like the one observed
in the MW, can survive minor merger events. In collisionless simulations of a 1:10 merger such
a disc is destroyed, while we have have shown that if also the cold gas component in the disc is
considered, the thickening due to the merger can be reduced. The reason for that is the absorption
of impact energy by the gas. We extended this study in order to also consider the hot gas com-
ponent in the halo and found that the thickening, with respect to collisional simulations that only
consider gas in the disc, is further reduced by 20 per cent (in addition to the effect of the cold gas).
This is due to the cooling and accretion of cold gas which leads to the formation of a new thin disc
and forces heated stars to contract again onto the disc plane. Similar to the conclusions reached in
major merger simulations, we find that high gas fractions of ∼ 40 per cent are not needed in order
to form realistic galaxies with properties as found in observations. The subsequent cooling of the
gaseous halo compensates for lower initial cold gas fractions.
Chapter 5
Simulations of Semi-Analytic
Merger Trees
In chapter 2 we have shown that simulations of galaxy mergers are a very useful method to model
and predict galaxy properties. As the particles are only in the regions of interest, they can achieve
a very high resolution, which is needed to correctly model the galactic structure on the relevant
scales of ∼< 100 pc. In addition to this, it is possible to incorporate gas with high resolution.
We have shown that the gas physics is very important for the evolution of galaxy properties such
as the scaleheight of thin disc galaxies (cf. Figure 2.5 in section 2.5). However, typical merger
simulations do not have initial conditions that are motivated by the cosmological background
model, but the parameters for the merger are taken from grids. As a consequence the possible
parameter space is very large, but only a small fraction of this space is cosmologically realistic.
Semi-analytical models, which were introduced in chapter 3, are a powerful tool to create a
large sample of galaxies that is able to reproduce statistically observable galaxy properties. Al-
though, there is little or no information about the internal structure of the model galaxies and
their spatial location, SAMs can model galaxy properties in a cosmologically motivated fashion.
As a key prediction, SAMs can produce a set of galaxy merger trees, which fully describe the
merger history of a given galaxy. Using a statistical sample of merger trees, a SAM can deter-
mine which galaxy mergers are common in the Universe and which mergers are not. Each single
semi-analytic merger tree thus represents a cosmologically motivated model history for a sample
galaxy. Analysing a set of N -body merger trees we found that multiple mergers (i.e. a second
merger starts before the first merger is completed) are very common and thus cannot be neglected
in merger simulations (cf. Figure 3.4 in section 3.4).
In order to be able to use all relevant components of a galaxy system in a merger simulation,
we extended the initial conditions generator in chapter 4, such that both smooth accretion of dark
matter and accretion of gas from a hot gaseous halo is taken into account. The smooth accretion
of the dark matter halo has to be modelled in order to correctly reproduce the halo mass of a given
system as a function of cosmic time. The accretion of gas from a hot halo is important as it refuels
the cold gas in the disc and ensures a roughly constant SFR. The galaxy thus continues to form
stars even after the cold gas in the initial disc has been depleted. In major merger simulations, for
117
118 Chapter 5. Simulations of Semi-Analytic Merger Trees
example, this leads to the reformation of a gaseous and a stellar disc after the final coalescence
which is important for both structural properties of the merger remnant (cf. Figure 4.11 in section
4.3.3), as well as kinematic properties (cf. Figure 4.12 in section 4.3.3).
In this chapter we combine the advantages of merger simulations (high resolution and detailed
treatment of gas physics) with the advantages of SAMs (cosmological background), by using the
predictions of the SAM which mergers are common for a given galaxy, as the source for merger
simulations. Specifically, we use the galaxies in the semi-analytic merger trees as the initial con-
ditions for multiple merger simulations. In this way the important requirements needed to model
galaxy properties on small scales – high resolution, gas physics and cosmological background –
are taken into account. Simultaneously the computational cost is comparably low, such that a large
sample of galaxy systems can be modelled in a short amount of time.
In order to describe our new method, we present a schematic view in Figure 5.1. In a first
step we select a dark matter merger tree and use the SAM to predict the properties of the baryonic
components of each halo at every time-step. A resulting merger tree is shown in the left side
of Figure 5.1 where the time runs from top to bottom. We then choose a starting time ti after
which we want to simulate this tree. In our simple example, the main system experiences four
mergers after ti. We then use the predictions by the SAM for the central galaxy of the main halo
at ti and create a particle realisation with the galaxy generator, as indicated by the brown arrow.
This model galaxy is shown in the top right of Figure 5.1 and in our example consists of a dark
matter halo (grey), a hot gaseous halo (red), a cold gaseous disc (blue), a stellar disc (yellow) and
a small stellar bulge (green). We evolve this galaxy with our hydrodynamical code until the time
t1 when the first satellite galaxy S1 enters the main halo. A particle realisation is then created
from the semi-analytic prediction and included in the simulation at the virial radius of the main
halo. We evolve this merger with the hydrodynamical code, until the next satellite galaxy enters
the main halo. In our example, two galaxy enter the halo at the same time, thus we create particle
realisations using the predictions by the SAM for both galaxies S2 and S3 and include them in
the simulation by positioning them at the virial radius. This procedure is repeated for all merging
satellites until the final time tf . In this way, we naturally include multiple mergers, when an
already merging galaxy has not been fully accreted as the next galaxy is entering the halo. This
is indicated at t3 when the galaxy S3 is still orbiting while the satellite S4 enters the halo. In the
example shown in Figure 5.1, the central galaxy grows through accretion of dark matter and gas
(e.g. from ti to t1 or from t3 to tf ) and through mergers of satellite galaxies (e.g. from t1 to t2).
As indicated in the sketch, mergers increase the mass and size of the bulge and thicken the stellar
disc, as found in isolated simulations.
Our model thus requires two main steps: creating particle realisations of galaxies as predicted
by the SAM and combining the these initial conditions in a simulations as determined by the
merger tree (i.e. every galaxy has to enter the simulation at the specified time and position). This
means we first have to specify how the information about the galaxy properties that is computed
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Figure 5.1 Schematic view of the combination between semi-analytic models and merger simula-
tions. On the left side the semi-analytic merger tree is shown and the time runs from top to bottom.
At the starting time ti, initial conditions for the central galaxy are created using the properties of
the central galaxy in the SAM at this time. This system is then simulated with the hydrodynam-
ical code until the time of the first merger t1, where the first satellite S1 galaxy is put into the
simulation using the properties predicted by the SAM. The resulting merger is simulated until the
next galaxies (S2 and S3) enter the main halo at t2, at which point they are also included in the
simulation. This procedure is repeated for all mergers until the final time of the run tf .
with the SAM, is transformed into three dimensional galaxy models that can be simulated with
a hydrodynamic code. Then we have to determine how the satellite galaxies are included in the
simulation, so their position and velocity have to be calculated.
We note that the starting time ti, or the starting redshift zi, respectively, can also be chosen
such that the simulation starts at a very early epoch. In this case the central galaxy consists only of
a dark matter halo and hot gas in this halo. The dark matter will then grow by mergers and smooth
accretion, and the stellar disc and bulge will form as a result of cooling and accretion of gas, and
merger events.
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5.1 Creating particle realisations of semi-analytic galaxies
In order to create particle realisations of the semi-analytic galaxies, we need to specify those
galaxies that are included in our simulation. For this we first have to choose a starting redshift
zi and a minimum merger ratio µmin. We define this ratio as the mass of the dark matter in the
entering subhalo divided by the dark matter mass of the main halo at the time the satellite passes
the virial radius. As satellite galaxies that have much less mass then the central galaxy only have a
negligible effect on the evolution of the central galaxy (Kazantzidis et al. 2008, 2009), a minimum
mass ratio of µmin = 0.03− 0.1 can be assumed in order to correctly model the central galaxy. If
one is instead interested in the satellite population, this ratio can be chosen much lower.
We read in the complete semi-analytic merger tree and identify the central galaxy at the starting
redshift, all satellite galaxies within the virial radius at this time (which have not merged with the
central galaxy yet) and all satellite galaxies that enter the main halo at a later time. From these
galaxies we only select those that fulfil our merger mass ratio criterion. For every selected galaxy
we record the value for the time the galaxy enters the main halo tenter, the virial mass of the dark
matter halo Mvir, its concentration c, its spin parameter λ, and the semi-analytic predictions for
the masses of the hot gaseous haloMhg, the cold gaseous discMcg, the stellar discMdisc,∗ and the
stellar bulge Mbulge, and the scalelength of the stellar disc rdisc. All these quantities are taken at
ti for the central galaxy and satellites that are already with the main halo at ti, and at tenter for all
satellite galaxies that are entering the main halo after ti. Additionally, for all satellite galaxies we
record the dynamical friction time, i.e. the time the galaxy orbits in the halo before it is merging
with the central galaxy. This quantity is also predicted by the SAM.
The structural parameters of every galaxy that are not predicted by the SAM are determined
with free parameters. The scaleheight of the stellar disc is assumed to be a fraction of its scale-
length z0 = ζrdisc, where typically ζ = 0.15. Similarly the scalelength of the gaseous disc is
related to that of the stellar disc by rgas = χrdisc, with a standard value of χ = 1.5. The core
radius rc of the hot gaseous halo is related to the scalelength of the dark matter halo rs by rc = ξrs
with a fiducial value of ξ = 0.22 and the slope parameter of the β-profile is set to βhg = 2/3. We
choose a specific angular momentum of the gaseous halo that is a factor of α times larger than that
of the dark matter halo (see section 4.2.2 for details), and typically adopt α = 4.
In order to select the number of particles in every component of the galaxies, we determine
the semi-analytic prediction for the final stellar mass of the central galaxy M∗,f and choose a
number of stellar particles in the central galaxy N∗ that we would like to obtain at the end of our
simulation. If the final stellar mass of the simulated galaxy is equal or close to the final stellar
mass in the SAM, i.e. if the SFR and accretion rate in the simulation and SAM are similar, we
can assume that every stellar particle has a mass of m∗ = M∗,f/N∗ and the final number of
stellar particles in the simulation will be close to N∗. This ensures the maximum resolution for
all merger trees, while keeping the total number of particles (and thus the computational cost) at
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a manageable level. As our simulation code can produces Ng generation of stellar particles from
every gas particle due to star formation (where Ng is typically 2), we set the mass of every gas
particle to mgas = Ngm∗. In this way, all stellar particles have the same mass. The mass of
the dark matter particles is finally selected as mdm = κm∗ where κ is a free parameter. If κ
is chosen too low, the dark matter particles have a very low mass which results in a very large
number of dark matter particles and thus in a high computational cost. For high values of κ the
mass of the dark matter particles can become too large, such that these massive particles perturb
the disc component which results in numerical disc heating. Typically values of κ ∼ 15 are both
computationally efficient and lead to no measurable heating (cf. values in section 2.5).
Additionally, for simulations were we are interested in the satellite population and not in the
central galaxy, we allow for a higher resolution in the satellite galaxies. This is done by dividing
the mass of the particles of every satellite by a number Nres,sat. This number, however, should not
be chosen too high, since the particle masses of the satellite would be much lower than the particle
masses of the main system. This can lead to mass segregation, which means that the particles
of higher mass (i.e. the central galaxy particles) will preferentially settle at the bottom of the
potential. Since this is a numerical effect, it has to be avoided which implies that Nres,sat ∼< 10.
With these particle masses we can easily compute the initial number of particles for every
galaxy. The number of dark matter particles is thus given by Ndm = Mdm,tot/mdm, where
Mdm,tot is the total mass of the halo and the number of particles in the gaseous halo is Nhg =
Mhg,tot/mgas, where Mhg,tot is the total mass of the gaseous halo up to its truncation radius.
The particle numbers for the gaseous disc, stellar disc and stellar bulge components are Ncg =
Mcg/mgas, Ndisc,∗ = Mdisc,∗/m∗ and Nbulge = Mbulge/m∗, respectively. In order to prevent that
a component is unstable due to a low number of particles, we remove a component if its number
of particles is lower than a minimum particle threshold Nmin.
Using this recipe, we create particle realisations of all selected galaxies. These can now be
used as initial conditions for the hydrodynamical simulation. The next task is thus to specify when
a galaxy enters the main halo, and at which positions and with which velocity.
5.2 Performing the multiple merger simulation
We start with the particle realisation of the central galaxy and move into its rest frame (i.e. the
centre of mass is in the origin and there is no bulk motion). For all satellite galaxies we have to
compute the relative position and velocity with respect to the central galaxy at the time when they
are included in the simulation. If analytic EPS merger trees are used, the positions and velocities
are not specified. In this case we set the initial position of each satellite randomly on a sphere of
the virial radius of the main halo at tenter. The velocity is then computed by drawing the radial
and tangential velocity from a Gaussian distribution with the peaks at 90 and 60 per cent of the
virial velocity, respectively, and a scatter of 30 per cent of the virial velocity (Benson 2005). The
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angles between the angular momentum axis of the orbit, the axis of the central galaxy and the axis
of the satellite, are assumed to be random. If mergers trees drawn from simulations are used, we
can directly extract the relative initial positions and velocities from the tree. As tenter is defined
as the time when a satellite galaxy passes the virial radius of the main halo, the initial distance is
always equal to the virial radius at tenter.
However, we have to divide between those galaxies that are already within the main halo at zi
and those galaxies that enter the halo at a later time. For those galaxies that have entered the halo
before zi, we expect that they have already lost some of their angular momentum due to dynamical
friction and are therefor closer to the central galaxy than the virial radius. Therefore we scale their
initial distance and velocity by
r′ = r
√
1− ti − tenter
tdf
and v′ = v
√
1− ti − tenter
tdf
, (5.1)
where ti is the starting time of the simulation, tenter is the time the satellite entered the main halo
and tdf is the dynamical friction time (i.e. the time it takes the satellite to merge with the central
galaxy). The direction of the position and velocity vectors are unaltered.
The last parameter that needs to be fixed is the gravitational softening length . In order to
ensure that the maximum gravitational force exerted from a particle is independent of its mass,
we scale the softening lengths of all particle species (dark matter, gas and stars) with the square
root of the particle mass (Dehnen 2001). The normalisation of this relation is obtained with a free
parameter 1 that specifies the softening length for a particle of one internal mass unit of the code
(i.e. 1010M). The softening length is thus given as  = 1
√
mpart/1010M, were mpart is the
mass of the particle. For our fiducial choice of 1 = 32 kpc and a typical particle mass of 104M
this results in a softening length of 32 pc.
Before the simulation is started we include all satellite galaxies that have entered the main halo
before ti and all satellites that are entering the halo at ti in the initial conditions. We evolve this
system with the hydrodynamical code until the time when the first satellite enters the main halo
tenter,1 as specified by the merger tree. At this time we interrupt the evolution of the simulation and
include the particle realisation of this satellite galaxy in the simulation using the relative position
and velocity as determined above. Thus the satellite galaxies are only included when they enter
the virial radius of the main halo. We then resume the evolution of the simulation and run the
hydrodynamical code until the time when the first satellite enters the main halo tenter,2. At this
point the evolution of the simulation is interrupted again and the particle realisation of the satellite
is included in the simulation at the virial radius. The simulation is then resumed again and this
process is repeated until the final time of the simulation tf .
The main advantage of including the satellite galaxies only when they enter the main halo, is
that the computational cost is reduced. The satellites are only simulated when they affect (or are
affected by) the main system. Up to this point we use the SAM to compute the evolution of the
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Table 5.1 Summary of the parameters used for the simulations of merger trees and their fiducial
value.
Parameter Description Fiducial value
zi Redshift at the start of the simulation 1.0
µmin Minimum dark matter mass ratio 0.03
ζ Ratio of scaleheight and scalelength of the stellar disc 0.15
χ Ratio of scalelengths between gaseous and stellar disc 1.5
ξ Ratio of gaseous halo core radius and dark matter halo scaleradius 0.22
βhg Slope parameter of gaseous halo 0.67
α Ratio of specific angular momentum between gaseous and dark halo 4.0
N∗ Expected final number of stellar particles in the central galaxy 200 000
κ Ratio of dark matter and stellar particle mass 15.0
Nres,sat Ratio of satellite and central galaxy particle mass 1.0
Nmin Minimum number of particles in one component 100
1 Softening length in kpc for particle of mass m = 1010M 32.0
t∗0 Gas consumption time-scale in Gyr for star formation model 3.5†
A0 Cloud evaporation parameter for star formation model 1250.0†
βSF Mass fraction of massive stars for star formation model 0.16†
TSN Effective supernova temperature in K for feedback model 1.25× 108†
η Mass loading factor for wind model 1.0
vwind Initial wind velocity in km s−1 for wind model 500.0
† The star formation parameters assume a Kroupa IMF.
satellite galaxy’s properties. However, a possible future extension of our method is to simulate
the satellite galaxies before they have entered the main halo. If these galaxies evolve in isolation
up to this point, the improvement with respect to the SAM is small, but if the galaxies experience
merger events, their properties can be modelled in a more realistic way, when they are simulated.
In Table 5.1, we summarise the free parameters of our model and present our fiducial values.
We have tested these values mainly on merger trees of MW-like galaxies. For systems of higher
or lower halo mass they have to be adjusted, accordingly. We also list the free parameters that are
used in the hydrodynamical code and its cooling, star formation and wind models.
5.3 Application: simulations of Milky Way-like galaxies
We employ our model in simulations of MW-like galaxies, i.e. disc galaxy systems with a dark
matter halo mass of Mh ≈ 1012M. The aim of this study is to investigate how a central disc
galaxy evolves from redshift z = 1 to z = 0 while subsequently experiencing minor mergers.
In addition, we study the evolution of the satellites while orbiting the central galaxy. Finally we
analyse the systems at z = 0 and study how much mass of the final central galaxy has been
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Table 5.2 Properties of the galaxies in the merger trees. For the main system the properties are
given at the starting time of the simulation ti, while for the satellites the properties are given at the
time when they enter the main halo tenter. All masses are in solar units and all scales are given in
kpc.
ID tenter tmerge a µ−1 log(Mh) c λ log(M∗) B/T fgas b rdisc
Tree 1775
Main 6.25 - - 11.55 4.71 0.041 10.16 0.15 0.41 2.53
Sat 1 7.72 14.47 14.42 10.43 7.01 0.041 7.47 0.00 0.90 1.13
Sat 2 7.88 13.33 9.48 10.68 6.77 0.041 9.25 0.37 0.37 1.36
Sat 3 11.76 15.47 8.04 10.96 9.01 0.041 9.22 0.00 0.43 1.87
Tree 1808
Main 6.25 - - 11.70 4.56 0.028 10.11 0.00 0.51 1.65
Sat 1 6.90 13.48 9.87 10.76 6.02 0.028 8.92 0.00 0.37 1.04
Sat 2 7.07 12.52 15.58 10.62 6.30 0.028 8.73 0.00 0.58 1.66
Sat 3 10.42 22.29 22.80 10.57 8.71 0.028 8.66 0.18 0.53 1.43
Tree 1877
Main 6.25 - - 11.53 4.73 0.035 9.88 0.00 0.41 2.08
Sat 1 6.25 10.03 7.80 10.64 5.73 0.035 8.81 0.00 0.56 1.06
Sat 2 6.74 14.16 13.12 10.53 6.17 0.035 8.78 0.00 0.41 0.91
Sat 3 9.49 24.84 16.86 10.51 8.14 0.035 8.17 0.00 0.71 1.46
Sat 4 9.64 23.02 10.57 10.75 7.91 0.035 8.76 0.00 0.70 2.69
Sat 5 9.96 15.56 8.77 10.93 7.83 0.035 9.26 0.05 0.56 2.53
Sat 6 13.31 27.59 23.16 10.58 10.95 0.035 6.41 0.00 1.00 4.19
Tree 1968
Main 6.25 - - 11.60 4.66 0.047 10.02 0.00 0.41 3.09
Sat 1 6.08 13.76 10.52 10.52 5.72 0.047 8.22 0.00 0.70 1.38
Sat 2 6.41 11.04 6.08 10.86 5.61 0.047 8.80 0.00 0.74 1.96
Sat 3 6.57 20.96 21.52 10.41 6.21 0.047 7.96 0.00 0.81 1.65
Sat 4 12.05 39.86 21.00 10.57 9.96 0.047 8.57 0.06 0.70 2.13
Tree 1975
Main 6.25 - - 11.57 4.69 0.053 9.84 0.05 0.68 3.57
Sat 1 5.27 8.31 6.08 10.61 5.07 0.053 8.62 0.16 0.61 0.95
Sat 2 7.39 14.30 24.23 10.24 7.05 0.053 7.70 0.00 0.82 0.92
Sat 3 7.56 12.81 5.42 10.97 6.18 0.053 9.33 0.09 0.52 2.50
Sat 4 7.56 18.16 10.87 10.66 6.56 0.053 8.11 0.24 0.92 2.30
Sat 5 8.37 22.92 26.00 10.46 7.41 0.053 8.11 0.08 0.79 1.52
Sat 6 8.85 27.09 21.83 10.58 7.57 0.053 8.31 0.00 0.82 2.23
a Time when satellite merges onto central galaxy, computed with dynamical friction recipe
b Gas fraction in the disc
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Table 5.2 cont.
ID tenter tmerge a µ−1 log(Mh) c λ log(M∗) B/T fgas b rdisc
Tree 1990
Main 6.25 - - 11.37 4.90 0.039 9.66 0.00 0.53 2.15
Sat 1 6.41 11.35 6.81 10.55 5.94 0.039 8.28 0.00 0.74 1.55
Sat 2 6.74 13.44 10.13 10.50 6.22 0.039 8.17 0.04 0.70 0.84
Sat 3 9.80 18.33 14.04 10.63 8.18 0.039 8.72 0.17 0.78 2.87
Sat 4 10.11 15.01 10.39 10.83 8.10 0.039 9.07 0.00 0.30 1.45
Tree 2048
Main 6.25 - - 11.50 4.76 0.024 9.97 0.01 0.36 1.15
Sat 1 6.57 11.26 9.81 10.58 6.03 0.024 8.48 0.00 0.86 3.37
Sat 2 6.90 11.80 8.49 10.78 6.01 0.024 8.82 0.00 0.67 2.39
Sat 3 7.23 15.89 20.99 10.51 6.59 0.024 9.35 0.03 0.00 1.07
Tree 2092
Main 6.25 - - 11.39 4.88 0.039 9.79 0.24 0.56 2.15
Sat 1 6.08 10.61 14.27 10.20 6.07 0.039 8.64 0.00 0.83 1.66
Sat 2 6.25 13.08 11.11 10.34 6.04 0.039 8.98 0.00 0.78 1.54
Sat 3 8.37 20.41 11.29 10.68 7.12 0.039 9.01 0.00 0.56 2.76
Tree 2126
Main 6.25 - - 11.52 4.75 0.023 9.87 0.05 0.38 1.12
Sat 1 7.23 11.65 8.07 10.69 6.32 0.023 8.84 0.00 0.42 1.14
Sat 2 7.56 14.06 11.33 10.67 6.57 0.023 8.94 0.00 0.40 1.55
Sat 3 11.91 17.82 8.30 10.90 9.22 0.023 9.34 0.30 0.55 2.60
Sat 4 12.20 22.71 14.57 10.72 9.79 0.023 8.74 0.00 0.67 2.36
Sat 5 13.45 23.69 21.42 10.63 10.97 0.023 7.97 0.00 0.94 3.38
Tree 2181
Main 6.25 - - 11.46 4.80 0.061 9.66 0.00 0.70 3.90
Sat 1 7.56 10.64 6.62 10.70 6.53 0.061 8.79 0.00 0.44 1.25
Sat 2 8.37 11.02 13.31 10.54 7.32 0.061 7.07 0.00 0.98 1.79
Sat 3 8.37 19.33 20.04 10.36 7.56 0.061 8.23 0.00 0.72 1.54
Sat 4 8.53 12.18 9.71 10.74 7.15 0.061 8.87 0.00 0.49 1.44
Sat 5 8.85 17.34 10.50 10.81 7.24 0.061 9.50 0.03 0.21 1.38
accreted from satellites and at which radii this mass is deposited. In a kinematic analysis, we
investigate whether stars that have been formed in the satellites can be distinguished from stars
that originated from the central galaxy by an observer, located in the central disc at the solar
radius R ≈ 8 kpc.
For this we use dark matter merger trees drawn from the N -body simulation, that has been
presented in chapter 3. This simulation employed cosmological parameters that match results
from WMAP-3 and was run in a periodic box with a side length of 100 Mpc. Haloes have been
identified with a FOF algorithm and the merger trees were created by linking every halo to its most
massive progenitor. The dark matter merger trees are then used as the input for the SAM which
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yields galaxy merger trees. As we are interested in systems that experience only minor mergers
after z = 1, we select 10 trees with a final halo mass of Mh ≈ 1012M, that have only mergers
with a mass ratio of µ < 0.2. The properties of these trees are presented in Table 5.2. As a starting
redshift we use zi = 1 which corresponds to a cosmic time of t = 6.25 Gyr. We employ the
fiducial model parameters presented in Table 5.1 and simulate all trees up to a redshift z = 0 with
the SPH code GADGET-2.
All simulations were performed on the PIA cluster of the Max-Planck-Institute for Astronomy.
Using 32 processors in parallel, one merger tree can be simulated within 100 hours (i.e. four
days) at a resolution that corresponds to ∼ 200 000 stellar particles in the central galaxy. A full
cosmological simulation of a MW-like system with a comparable resolution (e.g. Governato et al.
2010), which is typically run on ∼ 128 processors, needs to be run for ∼ 100 days. Per processor,
this implies a run time that is 100 times larger than what is needed in our approach. As a result we
are able to simulate far more systems than with the traditional method and are thus able to make
statistical predictions. In this way, uncertainties due to the resolution, recipes used in the SAM
and implementations of physical processes in the simulation code can be reduced.
The surface density for a typical merger tree (2126) is shown in Figures 5.2 (face-on pro-
jection) and 5.3 (edge-on projection) for the stellar component (upper panels) and the gaseous
component (lower panels). The central galaxy evolves in isolation for ∼ 1 Gyr until the first two
satellites enter the halo. These satellites pass the central galaxy at a pericentric distance of 55
and 90 kpc, respectively. While the first satellite continues orbiting around the central galaxy and
subsequently loses angular momentum and energy, which leads to a decrease of the pericentric
distance, the second satellite has enough orbital energy to leave the main halo again. Near the end
of the simulation the last three satellites enter the halo and pass the central galaxy.
During the evolution of the simulation, the stellar disc of the central galaxy is heated which
results in an increase of its thickness. At the same time, a stellar halo forms as a result of two
processes. First, due to the close passage of the satellites, some stars in the disc are scattered
out of the disc, as energy and angular momentum is transferred. Second, some satellite stars are
accreted onto the central galaxy. These stars still retain some of the angular momentum of the
satellite such that they do not settle in the disc, but in the halo. Additionally, we are able to
identify several stellar streams which originate from the destruction of the satellites. However,
due to the limited resolution in this pilot study, the number of particles in these streams is not very
high, so that a detailed study is not possible. This limitation can be overcome in future studies by
increasing the parameter Nres,sat, so that there are more particles in the satellites and thus more
particles in the streams.
In the gaseous component we can identify a lot of structures. The hot gaseous halo of the
main system is very smooth while the system evolves in isolation. However, at the centre, close
to the disc, gravitational instabilities lead to the formation of small clouds that accrete onto the
disc, preferentially in its plane. Most of the accretion of cold gas is due to these clouds. When
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Figure 5.2 Projected surface density for the stellar component (upper two rows) and the gaseous
component (lower two rows) for the typical merger tree 2126 as viewed from face-on. Each panel
measures 200 kpc on a side and the redshift is displayed in the upper left corner of each panel.
the satellite galaxies enter the halo, much of their cold gas is stripped and is drawn to the centre
of the system. Thus some of the stars in the central galaxy form from gas that has been removed
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Figure 5.3 Similar to Figure 5.2, but for an edge-on projection.
from satellites and was accreted onto the central gaseous disc. Interestingly, the most massive
clouds that are stripped from the satellites are able to form stars, although there is no dark matter
overdensity associated with them. At the end of the simulation there are many clouds of cold gas
5.3. Application: simulations of Milky Way-like galaxies 129
Figure 5.4 Evolution of the stellar mass in the central galaxy in each merger tree. The measured
stellar mass in the simulation (red line) is compared to the prediction by the SAM (blue line).
orbiting around the centre of system at velocities of the order v ∼ 150− 200 km s−1.
5.3.1 Properties of the central galaxies
As a first step, we analyse the properties of the central galaxy in each merger tree and their evo-
lution during the course of the simulation. Arguably, the most important quantity is the stellar
mass of the central galaxy, which is also simple to measure in the simulation. For this we identify
all stellar particles within the virial radius of the main halo, that are gravitationally bound with
respect to the centre of the halo (i.e. their total energy is negative). From this set of particles we
remove those particles that are more tightly bound to any satellite within the virial radius (i.e. the
total energy with respect to the halo centre is larger than the total energy with respect to the centre
of the satellite). The total stellar mass is then the summed mass of the remaining particles. This
analysis is done for every output time.
We plot the resulting evolution of the stellar mass for all merger trees in Figure 5.4. The
results of the simulations are given by the red line, while the semi-analytic prediction is given by
the blue line. We find that all systems increase their stellar mass and have a final stellar mass that
is a more than twice of the value at z = 1. The stellar masses found in the simulation at z = 0
range from log(m∗/M) = 10.3 to 10.7, while the majority of systems has a stellar mass close
to log(m∗/M) = 10.5. These results are in excellent agreement with those obtained by Moster
et al. (2010) using a statistical halo occupation model. For some merger trees the prediction by the
SAM agrees very well with the result of the simulation (e.g. the trees 1775, 1975 and 2126), while
for other trees the semi-analytic prediction for the final stellar mass is much higher than what we
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Figure 5.5 Bulge-to-total ratio of the central galaxy in each merger tree. The measured B/T in
the simulation (red line) is compared to the prediction by the SAM (blue line).
find in the merger simulation (e.g. the trees 1968, 1990 and 2048). We note that the semi-analytic
values for the stellar mass tend to exceed the average stellar mass for a halo of mass 1012M.
In the evolution of the stellar mass, we see that at some times the mass increases quickly in a
short time interval. This is not due to an increased SFR when a satellite passes the central galaxy,
but is a result of the accretion of a satellite. Examples can be seen for tree 1975 (t = 10 Gyr),
tree 2048 (t = 8 Gyr) and tree 2181 (t = 9 Gyr). Overall however, we find that most stars in the
central galaxy have formed from the cold gaseous disc that is accreted from the gaseous halo (in-
situ formation), and only few stars in the central galaxy originate from accreted satellites (ex-situ
formation).
The next property we study is the central galaxy’s morphology. For this we compute the
bulge-to-total ratio B/T of the central galaxy as a function of time with the method outlined
in section 4.3.3. The stellar particles are decomposed into a spheroidal and a disc component
by computing Lz/Lcirc, where Lz is the angular momentum along the spin axis and Lcirc is the
angular momentum the particle would have on a circular orbit at the same radius. The spheroidal
component is then distributed around a value of 0, while the disc component is centred at 1, and
we are thus able to distinguish between both components. The resulting B/T is plotted in Figure
5.5 for all merger trees. The red lines show the results of the simulations while the blue lines give
the result of the SAM. As we can see, almost all of the central galaxies are disc dominated systems
(B/T < 0.5) at the end of the simulation. Only the merger tree 1975 leads to a bulge dominated
system at z = 0. This shows, that minor mergers are in general not able to transform disc galaxies
into elliptical galaxies, but a major merger is needed.
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Another interesting effect is that all systems built up a bulge component. For most galaxies
this process involves the quick formation of a spheroidal component due to the close passage of a
satellite, followed by a rather slow growth phase. In the quick growth phase, the passing satellite
transfers energy and angular momentum to some of the disc stars which are then transferred into
the bulge component, while at the same time some of the satellite’s stars are stripped and captured
by the potential well of the central galaxy, such that they end up in the bulge. The same effects
happen when a satellite is finally merging onto the central galaxy, with the difference that much
more material is transferred into the bulge. The slow growth phase on the other hand is a result of
gravitational instabilities in the disc and the long range forces of the satellite population. In this
phase the bulge component grows slowly at a rate that is comparable to the growth rate of the disc,
such that B/T is roughly constant.
If we compare the results of our simulations to the predictions of the SAM, we see that bulge
component is always much smaller in the SAM. This has two reasons: the first is the neglect of
the slow growth phase, i.e. the bulge mass in the SAM only grows as a result of a merger between
satellite and central galaxy. While the central galaxy evolves passively, the bulge component does
not grow, even if a satellite passes closely to or through the centre. The second reason is that
the recipe, used to compute the mass fraction of the disc which is transferred to the spheroid in a
galaxy merger (see section 3.3.3), only considers mergers with a minimum mass ratio of µ = 0.1.
As a consequence the bulge mass computed by the SAM only increases, for a small number of
mergers. This small growth is not sufficient compared to our high resolution simulations. On the
other hand, we note that the specific set of merger trees we have employed in the simulations, is
not a statistical, cosmological sample. Instead, we have focused on systems that have many minor
mergers after z = 1. These are the systems that are especially challenging for the semi-analytic
recipe, as they include many satellites that perturb the central galaxy while orbiting. As this effect
is not considered in the SAM, but is prevalent in our simulated merger trees, the semi-analytic
predictions for B/T deviate from the simulations. While this is problematic for the sample used
here, the effect is rather negligible for a large statistical sample, such that the SAM is able to predict
the average B/T in agreement with observations. However, as a result we find that the recipe in
the SAM can be improved by a detailed analysis of the bulge formation in our simulations, in order
to model these specific cases correctly. This is only one example where our new method can be
helpful in order to improve existing models for complex physical processes.
The last property of the central galaxy we study, is the evolution of the scale parameters of
the stellar components, i.e. the scalelength and height of the stellar disc and the scaleradius of
the bulge. In order to measure these quantities in our simulations, we first use the decomposition
of the particles into disc and spheroidal components. For the disc component we then compute
the face-on surface density profile by projecting all stellar central galaxy particles onto the disc
plane and averaging azimuthally. Finally we fit an exponentially declining function to the profile
from which we obtain the disc scalelength. Similarly, we compute the projected edge-on surface
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Figure 5.6 Scale parameters of the central galaxy in each merger tree. The red line shows the
measured disc scalelength in the simulation, the green line shows the measured disc scaleheight
and the purple line shows the measured bulge scalelength. The prediction for the disc scalelength
by the SAM is added for comparison (blue line).
density at a radius of R = 8 kpc, and fit a sech2 function to it from which we obtain the disc
scaleheight. For the bulge component we derive the projected surface density profile (averaging
over 10 random projections) and determine the half mass radius, which is defined as the radius at
which the enclosed mass is equal to half of the total bulge mass. We employ this radius as the
scalelength of the bulge.
We plot the resulting scaleparameters in Figure 5.6 for all merger trees. The disc scalelength
Rdisc is given by the red line, the disc scaleheight z0 is given by the green line, and the bulge
scalelength Rbulge is given by the purple line. For comparison we included the prediction for the
disc scalelength by the SAM which is shown by the blue line. For some systems, the scalelength in
the simulation and the SAM agree very well (trees 1775, 1990 and 2092), while for other systems
the scalelength predicted by the SAM differs from the one found in the simulation (trees 1808,
1877 and 1975). Interestingly, while the scalelength in the SAM always increases with time, the
scalelength measured in the simulation can both increase and decrease. Overall, we find a broad
range of scalelengths for MW-like systems, which is also found observationally (Barden et al.
2005).
The disc scaleheight evolves slowly with time, as long as no satellite merges with the central
galaxy. For most systems the ratio between the scaleheight and scalelength is roughly constant
throughout the simulation. Final scaleheights range from z0 = 0.6 to 1.2 kpc, consistent with
results form observations of MW-like systems (Schwarzkopf & Dettmar 2000; Yoachim & Dal-
canton 2006). In some merger trees (trees 1975 and 2048), the thin disc is completely destroyed
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due to mergers and only a thick disc with a final scaleheight of ≈ 4 kpc is remaining. The gradual
built-up of the bulge components results in scalelength of Rbulge = 0.5 − 1.5 kpc at z = 0. If a
galaxy merger occurs, however, the scalelength quickly increases and reaches higher values (e.g.
trees 1975, 2048 and 2181). In this way final bulge sizes of up to 4 kpc can be reached.
5.3.2 Properties of the satellite galaxies
After having studied the properties of the central galaxies and their evolution, we now focus on
the properties of the satellite population. In order to do this we first determine the centre of every
satellite in every time-step by iteratively moving spheres of radius 1 kpc until the centre of mass is
equal to the centre of the sphere. We then find all particles belonging to a satellite, by identifying
those particles that are gravitationally bound with respect to the centre of the satellite, and remove
those particles that are more tightly bound to the central galaxy or any other satellite. For every
satellite we sum the stellar mass, the cold gas mass and the SFR of its constituent particles and
compute the distance to the central galaxy.
We plot the results of this analysis in Figure 5.7 for every merger tree. The top panels show
the distance of the satellites to the central galaxy. In the second, third and fourth row, the evolution
of the stellar mass, the specific SFR (i.e. the SFR divided by the stellar mass of the satellite), and
the cold gas mass are shown. Different colours represent the different satellites. We first study
the orbits of the satellites and find that while most satellites orbit within the main halo during the
simulation, some satellites only pass the central galaxy once and leave the main halo afterwards.
In tree 1968 for example, satellite 2 passes the central galaxy at a distance of 60 kpc, moves away
from the central galaxy almost reaching the virial radius of the halo and then returns to pass the
central galaxy again at the end of the simulation. Satellites 1 and 3 on the other hand pass the
central galaxy once at the start of the simulation, and then leave the halo and never return. This is
in disagreement with the common assumption used in SAMs, that satellite galaxies always remain
in the main halo once they have entered it. We can also identify some galaxies that lose all of their
angular momentum and merger with the central galaxy before the end of the simulation. Examples
are satellites 1 and 3 in tree 1975 and satellite 5 in tree 2181. There is even one satellite that has
a nearly circular orbit and spirals onto the central galaxy with a constantly decreasing distance
(satellite 2 in tree 2048). Overall we find that most satellites with a mass ratio of µ ∼< 0.1 entering
the main halo after z = 1, have not merged with the central galaxy until z = 0, but continue
orbiting.
For the evolution of the stellar mass the satellites can be divided into three categories. In the
first type, the satellite has few cold gas when it enters the main halo. In addition to this, its hot
gaseous halo is stripped at this time due to ram pressure, and it is not able to accrete new gas onto
the disc and form stars. When such a satellite passes the central galaxy, tidal forces act on it and
remove parts of its stellar mass (i.e. stellar mass is stripped). As the satellite continues orbiting
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Figure 5.7 Satellite orbits, stellar masses, specific SFRs and cold gas masses in each merger tree.
The top panels plot the distance between satellites and central galaxy as a function of time. The
second row panels show the evolution of the stellar mass of each satellite. The third row panels
give the specific SFR while in the fourth row panels, the evolution of the cold gas mass is shown.
Different colours represent different satellites as indicated in the upper left panel.
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the central galaxy it loses a fraction of its stars in every close encounter. Thus its stellar mass
decreases in steps until it finally merges with the central galaxy. An example of such a galaxy is
satellite 1 in the merger tree 2092. It has no cold gas left when it enters the main halo and loses
parts of its initial stellar mass of log(m∗/M) = 8.6, during every close passage. Due to the low
initial mass it loses angular momentum on a low rate such that it is still orbiting at the end of the
simulation. At this point however, almost all of its stellar mass has been stripped.
In the second category, the satellite has a considerable cold gaseous disc when it enters the
main halo, but has few or no close encounters, and might even leave the main halo again. These
satellites are even able to accrete some gas of their hot halo before it is stripped. As a result they
are able to form stars at a high rate while orbiting the central galaxy. When their hot gas is stripped
and only cold gas is left, this SFR exponentially declines so that the satellites reach a maximum
stellar mass. Since these satellites have few close encounters (usually at a pericentric distance that
is much larger than their size) the stellar mass that is stripped is negligible. Even if they lose some
of their stellar mass, the mass loss is compensated by star formation such that the stellar mass
always increases. Examples of such satellites are satellite 1 in tree 1775, satellites 1 and 2 in tree
1808 and satellite 2 in tree 2048.
The third type of satellite galaxies is a combination of type one and two: the galaxy is able to
form stars from its cold gaseous disc and thus increases its stellar mass until it gets close to the
central galaxy. At this point the mass loss rate from tidal stripping is larger than their SFR which
results is a net loss of stellar mass. As a result the stellar mass increases when such a satellite
enters the main halo, reaches a maximum value while orbiting, and then subsequently loses mass
until it merges with the central galaxy. Typical galaxies of this type are satellite 1 in tree 1975 and
satellite 1 in tree 2048. Independent of type, most satellites lose their hot gaseous halo as soon as
they enter the main halo due to ram pressure. As a consequence, the amount of cold gas constantly
decreases due to star formation. Only few satellites are able to accrete gas from the main halo,
which results in a monotonically decreasing cold gas mass for most satellites.
5.3.3 Contamination by satellite stars
In this last study we address the question, how many stars in the central galaxy originate from
satellites, at which radii they are accreted, and whether it is possible to distinguish these stars
from those that have been formed in the central galaxy. As a first step, we identify all stars that
have formed in a given satellite. This sample consists of those stars that were created in the initial
conditions of the satellites at the start of the simulations, and the stars that form within a satellite
during the simulation. For this we track the centre of each satellite, and for every new-born stellar
particle within the tidal radius of the subhalo, we check whether this particle is more tightly bound
to the satellite centre or to the centre of the main halo. If it is bound more tightly to the satellite,
we include it in the list of particles that formed in this satellite. In this way we are able to locate
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Figure 5.8 Contamination of the central galaxy by satellite stars. The stellar mass of all satellite
particles is divided by the total stellar mass in rings around the disc axis centred at the disc cen-
tre. The four lines show the results at z = 0 for the four merger trees with the highest satellite
contamination.
all stellar particles at z = 0, that originate from satellite galaxies.
We now measure the total mass of the stellar satellite particles and the total stellar mass in
rings in the plane of the central galaxy centred around the disc axis. Each ring has a height of
∆z = 4 kpc and a width of ∆R = 1 kpc. In each ring, we compute the contamination by satellite
stars by dividing the total mass of stellar satellite particles by the total stellar mass. This analysis
is done at z = 0. The results for the four merger trees with the highest satellite contamination are
shown in Figure 5.8. Our results show that some systems can have a contamination by satellite
stars of about 20 per cent. Locally, the relative abundance of satellite stars can be even higher with
up to 50 per cent or more. In all other merger trees the relative density of satellite stars was lower
than in the systems shown here. As we can see, in some systems the satellite stars are mostly
located at the galactic centre (tree 1975), in some systems the amount of satellite stars is highest
at large radii (tree 2126), while in other systems the satellite stars are equally distributed within
the galaxy (trees 2048 and 2181). Overall, there does not seem to be a preferred radius, at which
satellite stars are located, since this strongly depends on the initial orbits of the satellites.
Finally we investigate whether it is possible to distinguish stars that originate from satellite
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galaxies (ex-situ formation) and stars that are born in the central galaxy (in-situ formation) em-
ploying a purely kinematic analysis. This question has been addressed by previous studies: Helmi
& White (1999) employed numerical simulations of the disruption of satellite galaxies in a con-
stant analytic potential and found that the accretion of satellite galaxies can leave kinematic fossil
signatures in the present-day components, which are clearly observationally detectable. Especially
the GAIA mission (Lindegren & Perryman 1996) will provide very precise astrometry, so that the
full six-dimensional phase-space information will be available. In a related study, Helmi & de
Zeeuw (2000) analysed the space of integrals of motion after a numerical simulation with a fixed,
analytic potential. The total energy E, angular momentum L and angular momentum along the
spin axis Lz are conserved quantities for collisionless components. In the initial distribution the
particles of each satellite form a clump not only in configuration space, but also in the integrals of
motion space, as all particles in a satellite have a similar energy and a similar angular momentum.
If E, L and Lz are also conserved for every particle (or evolve only slightly) during the course
of the simulation, their initial clumping has to be present even after the satellites have been dis-
rupted. Thus in the integrals of motion space the satellite particles remain well distinguishable.
Therefore Helmi & de Zeeuw (2000) were able to identify disrupted satellite particles by using a
FOF algorithm to connect particles in the integrals of motion space.
However, as the central galaxy and main halo were only represented by a static, analytic poten-
tial in their simulations, this result is a necessary consequence. The problem with a static potential
is that the satellite particles are not able to interact with it, i.e. they are not able to transfer energy
and angular momentum to it. In reality, the potential is created by gas, stars and dark matter parti-
cles, such that satellite stars are well able to get rid of their energy and angular momentum which
will alter their position in the integrals of motion space. Therefore an analytic potential is not ideal
to study the evolution of satellite stars. Instead the global potential should be modelled with parti-
cles, thus our simulations of merger trees are ideal for this kind of study. At z = 0 we compute E,
L, Lz and Ez = mv2z/2 +mΦ(z,R)−mΦ(0, R) for every particle. The approximate integral of
motion Ez can be thought of as the contribution to the total energy due to a position above the disc
plane or a velocity parallel to the disc axis and is roughly conserved for axisymmetric systems.
In Figure 5.9 we present the location of all satellite particles in the integrals of motion space for
the tree 2048. In this tree, two satellites have been accreted onto the central galaxy and one satellite
is close to being accreted at z = 0. The four panels on the left-hand side show the four projections
of the integrals of motion. The symbols of different colours represent stellar particles of different
satellites while the contours indicate the probability of finding a central galaxy particle. In the
panels on the right-hand side the spatial distribution of satellite particles is shown. The particles
of satellite 2 have transferred much of their energy and angular momentum to the central galaxy
and the main halo during orbiting. As it had enough time to reach an equilibrium with particles
of the central galaxy, its particles trace the central galaxy distribution in the integrals of motion
space. Therefore it is impossible to distinguish this satellite from the stars that formed in the
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Figure 5.9 Location of all satellite particles in the integrals of motion space for tree 2048. The
symbols of different colours represent stellar particles of different satellites (note that only 1 per
cent of all satellite particles are shown). The contours indicate the 10, 30, 50, 70 and 90 per
cent probability of finding a central galaxy particle in the enclosed area. In the right-hand side
panels the spatial distribution of satellite particles is shown. Energy units are 1010M km2 s−2
and angular momentum units are 1010M kpc km s−1.
central galaxy. Satellite 3, however, is still distinguishable from the central galaxy, especially in
the (E,L) and (E,Lz) projections, although it has been accreted already 3 Gyr before the end of
the simulation. Here we see that for a fixed amount of angular momentum the satellite particles
have been able to retain more energy. Similarly, satellite 1 can be distinguished from the central
galaxy particles. As this satellite has not fully merged yet, its particles still have more total energy
than the particles of the central galaxy. However, it is not possible to distinguish satellite 1 from
satellite 3 in any integrals of motion projection. Interestingly, the time at which a satellite merges
onto the central galaxy, has less impact on whether its stars can be distinguished from the stars of
the central galaxy, than the orbit of the satellite. While satellite 1 merges much earlier than satellite
2, it has a more radial orbit which allows its stars to retain a different position in the integrals of
motion space than the central galaxy stars.
We are thus able to identify some of the satellite stars in a kinematic analysis, if phase-space
coordinates for all stars in the galactic system are available. Observationally, however, it is very
difficult to obtain these quantities for some locations, especially for the stars near the galactic
centre, as these are obscured by dust. Moreover the stars at the other side of the galactic plane
can hardly be observed. Therefore it is more useful to study the integrals of motion space in
5.3. Application: simulations of Milky Way-like galaxies 139
Figure 5.10 Location of the satellite particles in the solar neighbourhood in the integrals of motion
space (tree 2048). The symbols of different colours represent stellar particles of different satellites
and the contours indicate the 10, 30, 50, 70 and 90 per cent probability of finding a central galaxy
particle in the enclosed area. For the integrals of motion projections only particles in a cylinder
with radius R = 3 kpc and height ∆z = 2 kpc, centred at (x, y, z) = (8 kpc, 0, 0) have been
used. This cylinder is indicated by the yellow area in the right-hand side panels.
the solar neighbourhood, as this is the region, where the observed phase-space coordinates can
be measured most accurately. For this reason, we plot the integrals of motion projections for all
stars in the solar neighbourhood in Figure 5.10, i.e. all stars in a cylinder with radius R = 3 kpc
and height z = 2 kpc centred at the solar position (x, y, z) = (8 kpc, 0, 0). Again, the symbols
of different colours represent stellar particles of different satellites and the contours indicate the
probability of finding a central galaxy particle located in the cylinder around the sun. In the right-
hand side the spatial location of all satellite particles is shown, and the yellow region indicates the
cylinder.
The particles of satellite 2 are clearly indistinguishable from the central galaxy in all projec-
tions of the integrals of motion space. This shows that it is impossible for some accreted satellite
galaxies to separate their stars from the stars born in the central galaxy through a pure kinematic
study. For these satellite stars it is necessary to invoke additional information, such as their chem-
ical fingerprint. If their metal content differs from the central galaxy stars, it indicates that the star
formed from gas with a different metallicity. This means that it is likely to be born in a satellite
which had a different amount of star formation and SN feedback. For the other two satellites the
situation is less problematic, especially in projections involving the total energy. Independent of
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Figure 5.11 Probability that a given star in the integrals of motion space stems from a satellite (tree
2048). The contours indicate the 10 (red), 30 (blue), 50 (green), 70 (yellow) and 90 (brown) per
cent probability.
their angular momentum, the stellar particles of these satellites have retained a higher total energy
than the central galaxy stars. However, it is virtually impossible to distinguish between particles
of satellite 1 and 2, as both occupy the same regions in the plots. Therefore we conclude that even
if a star can be identified as a satellite star due to its integrals of motion, we are not able to infer
from which satellite a star originated or how many satellites have been accreted onto the central
galaxy.
In order to be able to better identify satellite particles we plot the probability of finding a
satellite star at a given location in a integrals of motion projection in Figure 5.11. The probability
has been computed by dividing the number of satellite particles in a region by the total number
of stellar particles in this region. For the projections involving the total energy, we can identify
two regions of high probability. For a given angular momentum satellite stars can be either found
at higher or lower energy then the typical energy of a central galaxy particle. For the projections
involving Ez this distinction is more difficult, but our analysis indicates that satellite stars pref-
erentially have a lower Ez than the central galaxy stars. In configuration space we see that the
probability of finding an accreted satellite star is highest in the outer parts of the disc and in the
halo, or if a satellite has not been disrupted yet satellite stars locally dominate.
In summary we can say that we have tested our new method in studies of MW-like systems
and that our method showed clear advantages over other methods. As only the particles in the
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regions of interest are used in the simulations, the time that is need for a run is much lower than in
traditional cosmological simulations, such that more systems can be simulated in the same time.
On the other hand, our method is able to incorporate a high resolution and predict galaxy structures
on small scales, which is not possible with a SAM. In this first application we have used our new
method to study the evolution of MW-like galaxies since z = 1, and find good agreement with
observations for the total stellar masses and disc scalelengths. Studying the satellite population
we were able to determine three types of satellite galaxies: one where the satellite subsequently
loses stellar mass due to tidal stripping, one where the satellite constantly gains mass due to star
formation, and a combination of both. Analysing the kinematic properties of the stars in the galaxy
we found that only some satellite stars can be identified and distinguished from the stars born in
the central galaxy. Even if a star can be attributed to an accreted satellite, it is not possible to
determine in which satellite the star was born.
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Chapter 6
Conclusions and Outlook
The necessary requirements for every galaxy formation and evolution model, that aims to capture
the physical processes at small scales driving the transformation of the baryonic component, are
a high resolution, a correct treatment of the gas physics and a cosmological background. The
aim of this thesis was to develop a novel method to study the evolution of galaxies by combining
semi-analytic models with merger simulations. Using the predictions of the semi-analytic model
as the initial conditions for a multiple merger simulation we were able to include the cosmological
background in the high resolution hydrodynamical method.
Hydrodynamical simulations of binary galaxy mergers are a very useful tool to study the evo-
lution and morphological transformation of single galaxies due to the merger effects, although
they are not representative for a certain cosmology. Instead, they can be regarded as a method to
study the effects of a single encounter in a detailed manner, rather than the complete evolution of
a galaxy. For these merger simulations one creates pre-formed galaxies, that are stable in isola-
tion, with parameters drawn from a grid or motivated by observations. These model galaxies are
then set on an orbit and evolved with a hydrodynamical code. We studied the effect of dissipa-
tional gas physics on the vertical heating and thickening of disc galaxies during minor mergers,
i.e. mergers with a halo mass ratio of 1:10. We produced a suite of minor merger simulations for
MW-like galaxies. This suite consists of collisionless simulations as well as hydrodynamical runs
including a gaseous component in the galactic disc. We found that in dissipationless simulations
minor mergers cause the scale height of the disc to increase by up to a factor of approximately
two. When the presence of gas in the disc is taken into account this thickening is reduced by 25
per cent (50 per cent) for an initial disc gas fraction of 20 per cent (40 per cent), leading to a final
scale height z0 between 0.6 and 0.7 kpc (for a sech2 profile), regardless of the initial scale height.
We argued that the presence of gas reduces disc heating via two mechanisms: absorption of kinetic
impact energy by the gas and/or formation of a new thin stellar disc that can cause heated stars to
re-contract towards the disc plane. We showed that in our simulations most of the gas is consumed
during the merger and thus the regrowth of a new thin disc has a negligible impact on the z0 of
the post merger galaxy. Final disc scale heights found in our simulations are in good agreement
with studies of the vertical structure of spiral galaxies where the majority of the systems are found
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to have scale heights of 0.4 kpc ∼< z0 ∼< 0.8 kpc. We also found no tension between recent mea-
surements of the scale height of the MW thin disc and results coming from our hydrodynamical
simulations. Even if the MW did experience a recent 1:10 merger it is possible to reproduce the
observed thin disc scale height, assuming that the disc contained at least 20 per cent gas (similar to
the gas fraction today) at the time of the merger. We concluded that the existence of a thin disc in
the MW and in external galaxies is not in obvious conflict with the predictions of the CDM model.
Although binary mergers are a useful tool to study the evolution of a galaxy during a single
encounter, they are not able to predict the typical galaxy properties at a given redshift, as the
cosmological background, i.e. the merger history of each galaxy is not taken into account. For
this reason, we studied the merger histories of galaxies using merger trees drawn from a large
N -body simulation. We found that major mergers (1:4) are very uncommon for MW-sized haloes
since z = 1 with only every tenth system experiencing such a merger. Although this fraction
rises to 50 per cent if all mergers since z = 5 are considered, major mergers seem to be rather
unimportant for shaping the properties of a MW-sized system. On the other hand, minor mergers
are very common for these systems, as 70 per cent of them experience a 1:10 merger since z = 1
and the average number of 1:30 mergers is 1.5. Since z = 5 the number of mergers is 2 and 4.5
for 1:10 and 1:30 mergers, respectively, indicating that minor mergers are important processes for
MW-sized galaxies. We further studied, whether mergers happen isolated or if they are usually
multiple, i.e. if two galaxies generally have enough time to merge after their haloes have merged,
before the remnant merges with another galaxy. We found that the probability for two mergers
happening within a few dynamical times of the halo is always higher than the probability for a
large time difference between mergers. In our merger trees, the second satellite enters the halo
within three dynamical times after the first satellite entered for more than 50 per cent of all merger
pairs independent of mass ratio. This indicates that multiple mergers are more common than
sequences of isolated binary mergers. As a consequence, it is not sensible to focus on binary
mergers, but rather on merger simulations which consider several satellites that enter the parent
halo one after each other.
We further employed a SAM to study the dependence of the merger probability on baryonic
properties. For the early Universe, we found that equal baryonic mass mergers are rare while they
become more frequent in the late Universe. Similarly, massive galaxies tend to have more equal
baryonic mass mergers and less mergers with a larger ratio, while low-mass galaxies have few
equal-mass mergers and many minor mergers. We also found that primary galaxies of low mass
systems tend to have very high gas fractions, while their satellites can have a wide range of gas
fractions. For more massive primary galaxies, the gas fractions of the central and satellite galaxies
decrease while that of the satellite still maintains a wider range. Finally we studied the merger
probability as a function of morphology: the frequency of spiral mergers is very high for low-
mass galaxies and very low for massive galaxies. On the other hand, mergers between ellipticals
are very rare for low-mass galaxies and much more common for massive systems.
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The analysis of merger probabilities showed that it is impossible to cover the whole parameter
space in merger simulations, if the parameters are drawn from a grid. Instead, a simple and elegant
path can be taken, if we use semi-analytic merger trees for the initial condition of galaxy merger
simulations. In this way, we automatically select mergers that are highly common in the Universe.
However, in order to do this, we had to extend the code that creates the particle representations
of galaxies used in simulations, as smooth accretion of dark matter and the hot gaseous halo
component were not taken into account before. We modelled the smooth accretion of dark matter
material that is too small to be resolved as a halo in the merger trees, by placing additional dark
matter particles around the halo. These particles were placed into small spherical systems with
a Gaussian density profile to represent the many sub-resolution systems that are expected to be
accreted. The distance to the halo centre was chosen such that they fall into the virial radius of
the halo at a specified time extracted from the merger tree. In order to model a system that is
stable in isolation, we computed the distribution function for a Gaussian profile and the velocity
of each particle with a rejection sampling technique. We tested this smooth accretion model for an
isolated MW-sized halo and found an excellent agreement with the results from a full cosmological
simulation. Furthermore we verified, that the small spherical systems are quickly dissolved once
they enter the halo.
In order to mode the cooling and accretion of gas onto the disc we included a slowly rotating
hot gaseous halo in the initial conditions generator. So far, this component has been neglected
in simulations of binary galaxy mergers, although it can contain up to 80 per cent of the total
gas within the galaxy virial radius. We modelled the density distribution of the hot gaseous halo
with a β-profile, that is found in galaxy clusters. The temperature profile was fixed by requiring
hydrostatic equilibrium inside the galactic potential. We determined the angular momentum of the
gaseous halo by relating it to the angular momentum of the dark matter halo, and demanding that
the evolution of the stellar mass and the disc scale length in an isolated simulation reproduces the
average values of these quantities found by observations. In our simulations we find a roughly
constant SFR that is comparable to the one found in the MW. Furthermore, for the first time
we presented a series of hydrodynamical simulations of galaxy mergers, both major and minor,
that include the diffuse, rotating, hot gaseous halo component. We showed that adding this new
component into galaxy major mergers is a key ingredient to reproduce the properties of observed
elliptical galaxies, like the abundance of fast rotators and an r1/4 surface brightness profile also at
small scales. We made a detailed study of the star formation efficiency during mergers and found
that the presence of a hot gaseous halo reduces the starburst efficiency compared to a quiescent
evolution. Moreover we found cases where the stellar mass of the merger remnant is lower that
the sum of the stellar mass of two merging galaxies when evolved in isolation. This poses a
challenge to galaxy formation models which assume that a merger always leads to additional star
formation. Finally we studied the effect of this new gaseous component on the vertical structure
of a stellar disc during minor mergers. Because of this new gas reservoir stellar discs are more
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resistant against vertical heating. This is due to the accretion of cold gas from the hot medium,
that leads to the formation of new thin stellar disc.
With the extended model for the initial galaxies, we were able to develop our novel method
that uses semi-analytic predictions as initial conditions for a multiple merger simulation. Choosing
a starting redshift, we first created particle representations of the central galaxy at this time, and
the satellite galaxies at the time when they enter the main halo. We set the mass resolution by
requiring that the final number of stellar particles equals a fixed parameter, provided the final
stellar mass in the SAM and the simulation are equal. The multiple merger simulation was then
performed by evolving the central galaxy until the first satellite enters the main halo, at which
point the particle realisation of the satellite was included in the simulation at the virial radius.
After this the simulation was resumed and the procedure repeated until the end of the run. We
applied our method for ten merger trees drawn from a large numerical simulation, for which the
main systems are MW-sized at z = 0 and have no major merger after the starting redshift z = 1.
Each of these merger tree could be simulated on 32 processors within 100 hours with a resolution
that corresponds to 200 000 stellar particles in the central galaxy. For all ten trees we analysed
the evolution of the properties for both the central galaxy and the satellite population. We found
a very good agreement between the stellar mass in our simulations at z = 0 and values obtained
by observations. Similarly, the disc scale lengths in our simulations agree well with the observed
range of scale lengths. Overall we also found good agreement with the predictions by the SAM,
although the bulge-to-total ratios computed by the SAM were usually much lower than the values
found in the simulations.
For the satellite population we were able to identify three types: the first type has few cold gas
when it enters the main halo and therefore ceases to form stars. When it passes the central galaxy,
parts of its stellar mass are stripped due to tidal forces. The second type has a prominent gaseous
disc and no close encounters with the central galaxy. As a result, they have a high SFR and no
mass is stripped such that their stellar mass increases. The third type is a combination of the other
types, such that the satellite first is able to gain mass before it gets close to the centre where it loses
mass due to stripping. In a final study we addressed the question, how many stars in the central
galaxy originate from satellites, and whether it is possible to distinguish these stars from those that
have been formed in the central galaxy employing a pure kinematic analysis. For this we studied
the space of integrals of motion at the end of the simulation of one tree and tried to identify groups
of particles as fossil signatures of satellites. We found that one satellite had transferred much of its
total angular momentum and total energy to the central galaxy such that it traces the distribution
of central galaxy stars in the integrals of motion space. Two other satellites could be distinguished
from the central galaxy, but not between each other. We thus concluded that for some stars it is not
possible to identify their origin through a pure kinematic study, and even if this can be achieved,
it is very hard to distinguish different satellites. For these satellite stars it is necessary to invoke
additional information, such as their chemical fingerprint.
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In final summary we can state that we have tested our novel method in studies of MW-like sys-
tems and that our method agrees well with predictions from SAMs and observations. Due to the
combination of two techniques, hydrodynamical simulations and SAMs, our method showed clear
advantages over others. As only the particles in the regions of interest are used in the simulations,
the time that is need in order to model a galaxy is much lower than in traditional cosmological
simulations, such that more systems can be simulated within the same time and statistical studies
can be conducted. On the other hand, our method is able to incorporate a high resolution and pre-
dict galaxy structures on small scales, which is not possible with a semi-analytic galaxy formation
model.
Outlook
In this thesis we developed a novel method combining semi-analytic predictions with hydrody-
namical merger simulations, that allows the study of galaxy formation and evolution to small
scales. However, there is still a number of model implementations that can be improved and phys-
ical processes that can be included. Full cosmological simulations have shown, that in addition to
the hot cooling mode there is a process through which massive galaxies can obtain cold gas (Keresˇ
et al. 2005; Dekel & Birnboim 2006). In this ‘cold flow’ mode, the gas is able to cool along the
filaments of the large scale structure and can fuel the central gaseous disc very efficiently. This
process is dominant in massive haloes at a redshift of z > 2. Thus one possible improvement of
our method is to model these cold streams. To do this, one can use the zoom-in technique and
re-simulate a chosen system at a higher resolution using only the dark matter component. This
can be done in a short amount of time, as it only involves the computation of gravitational inter-
actions. It is then possible to analyse this simulation at the desired starting redshift and identify
the filaments that extend out of the dark matter halo. Finally, one can use this information and
include the filaments in the hydrodynamic merger simulation such that they consist of dark matter
and cold gas in a specified fraction (e.g. the universal fraction). In this way the gas can cool along
the potential of the filaments and provide fuel for the central disc.
Another improvement is the inclusion of additional or more realistic feedback processes. In
our simulations we have used a constant wind model, which is a fair representation of galactic
winds if only systems of a comparable mass are studied. However, as the wind speed for low mass
galaxies is the same as for high mass galaxies this model results in too much heating for low mass
systems. A more realistic match to observed quantities is provided by more sophisticated wind
models that have been developed in the last years, e.g. momentum-driven winds (Oppenheimer
& Dave´ 2006). Another form of feedback that is not considered in our simulations yet is AGN
feedback. The processes that result from gas accretion onto a central BH can provide much energy
that is perhaps able to reduce the cooling of the halo after a major merger. In this way the high
SFR that we found in the major merger remnant could be reduced, leading to an elliptical galaxy
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that is not able to form stars. This would result in a red elliptical and could explain the bimodality
in the colour-magnitude relation.
The novel method, that has been developed in this thesis opens a path to possible future appli-
cations. Not only can it be used to study galaxies in great detail, but it is also a tool to improve
existing semi-analytic descriptions and even develop new ones. Possible improvements include a
better model for the cooling and accretion of gas, a more detailed starburst model that captures the
effects of the gaseous halo and a model that predicts the mass and size of the bulge component in
better agreement to high resolution simulations. A new semi-analytic recipe can be developed that
is able to predict the disc scale height and its evolution in minor mergers. In addition to the devel-
opment of new semi-analytic prescriptions, our method can be employed to study the morphology
of galaxies in great detail. This includes two main current research topics in galaxy formation and
evolution: the origin and evolution of the fundamental plane, and stellar stripping and morpho-
logical modification of satellite galaxies. While the first topic focuses on the primary galaxy and
its transformation during a merger event, the second topic focuses on the satellite population and
its destruction. These two topics are thus complementary and cover both massive and low mass
objects.
The origin and evolution of the fundamental plane of merger remnants
Normal elliptical galaxies populate a so-called ‘fundamental plane’ (FP). This FP is an observed
relationship between the average surface brightness, the effective radius and the central velocity
dispersion. Any one of these parameters can be derived from the other two, as together they
describe a plane in their three-dimensional space. In order to explain this relation, hydrodynamical
simulations have been performed and find that the FP for merger remnants is very sensitive to the
gas fraction of the progenitors. The presence of gas causes more dissipation and the formation of
a more compact remnant which ‘tilts’ the FP. Dry mergers (i.e. mergers with a low gas fraction)
move galaxies along the FP. It has also been suggested that BHs have a FP which results from the
FP of the host spheroids, as more compact spheroids of a given stellar mass have BH of larger
mass. This implies that studying the BHFP is a key for understanding BH formation and AGN
feedback.
Previous hydrodynamical simulations addressing this issue, however, have only focused on
major mergers of pure disc galaxies. For this, ‘grids’ of parameters (gas fractions, orbits, mass,
etc.) have been used which were not motivated by a cosmological context. Also, the hot halo
component has been completely neglected in these studies, although the gas inflow and the asso-
ciated star formation from the hot halo has consequences on the morphology and stellar mass of
the merger remnant. These problems can be attended with our method as it ensures that the initial
conditions for the mergers are cosmologically motivated, including orbital parameters,B/T ratios
and stellar masses, as well as smooth accretion of dark matter and gas from the halo. The main
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questions that can be addressed are: Do the models predict the correct galaxy FP and BHFP and
what is the predicted time evolution? How do multiple mergers change the results from the binary
merger case? How is the primary galaxy morphologically transformed and how does the B/T ratio
change?
Stellar Stripping and morphological modification of satellite galaxies
The currently favoured CDM model of structure formation makes the specific prediction that a
galaxy like the MW forms hierarchically, from a series of accretion events involving lower mass
systems. This leads naturally to the expectation that the stellar halo should be formed at least in
part, from disrupted accreted systems. Remnants of these disrupted satellites can be seen today as
stellar streams in the MW and the Andromeda galaxy. The most spectacular example is the dis-
rupting Sagittarius dwarf spheroidal galaxy. Thanks to the forthcoming PanSTARRs and PAndAS
surveys many more will be detected in the near future. Stellar streams provide an additional test
to constrain theoretical modelling of galaxy formation. On surviving satellite galaxies strong tidal
fields are acting which can cause stellar stripping and a morphological modification. This ‘galaxy
harassment’ leads to the transformation from disc galaxies into spheroidal systems.
Several numerical studies have been undertaken in recent years, attempting to understand and
reproduce the observational data, and to make useful prediction for the next generation of surveys.
However, very high spatial and mass resolution is needed to perform these studies: the number of
particles resolving a satellite is a key ingredient to have a robust prediction for both its orbit and
its mass loss. Most of the simulations so far, have only considered a static potential, neglecting the
response to the satellite merging process and have not considered the gas component (neither in
the host system nor in the satellite). Cosmological simulations including gas and stars, however,
are not useful for these studies as they do not reach the required resolution.
Our new method can be used to study the effects of tidal stripping on the satellite population
and the disruption of satellites with particular attention to extended sources that resemble obser-
vational features, like the giant stream seen in the Andromeda galaxy. Here, the flexibility of
our method can be used to achieve a high resolution only in the components we are interested in
(i.e. satellites) while using a rather low resolution in the other components. In this way we not
only have the high resolution needed to study the stripping of galactic satellites but also the full
cosmological orbital evolution of both satellites and the central galaxy. This is not possible in
cosmological simulations. Moreover our method allows for satellite-satellite interactions and in-
cludes a ‘live’ response of the central halo. It is also possible to simulate a subsample of satellites
(i.e. only ‘interesting’ cases) and neglecting others without affecting the results on the simulated
satellites making this method very flexible. By including also the gaseous components we are able
to study effects like the induced star formation due to gas compression and ram pressure stripping
in great detail. The main questions that can be addressed are: stellar stripping as a function of
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satellite morphology – do discs and spheroids lose stars at the same rate? How do stellar streams
form and get transformed due to secular evolution? How does the morphology of satellite galaxies
change (satellite harassment)? Since a hydrodynamical approach is used we can also study how
much gas gets stripped from satellites and how it accretes onto the main halo. Although the focus
is on the satellite population we can also address the question how star formation is triggered in
the main halo due to the satellites.
Appendix A
Conventions and Acronyms
Cosmological parameters
Total density Ω 1.00
Matter density Ωm 0.26
Vacuum density ΩΛ 0.74
Universal baryonic fraction fb 0.17
Hubble parameter h 0.72
Power spectrum normalisation σ8 0.77
Power spectrum slope n 0.95
GADGET-2 units
Distance r kpc
Velocity v km s−1
Mass M 1010M
2dFGRS Two Degree Field Galaxy Redshift Survey
AGN active galactic nuclei
AMR adaptive mesh refinement
BH black hole
B/T bulge-to-total
CDM cold dark matter
CPU central processing unit
EPS extended Press-Schechter
FOF friends-of-friends
FP fundamental plane
IMF initial mass function
MMP most massive progenitor
MW Milky Way
PM particle-mesh
PP particle-particle
SAM semi-analytic model
SDSS Sloan Digital Sky Survey
SFR star formation rate
SN supernova
SPH smoothed particle hydrodynamics
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Appendix B
Additional Visualisation Material
Additional visualisation material in the form of animations of the density distributions for the
stellar and gaseous components are provided on a DVD, together with an electronic version of this
thesis. An overview is given in the start.html file in the root directory of the DVD.
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